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Abstract. We have determined the atmospheric abundances of 
selected Cepheids in order to study the large-scale chemical inhomo­
geneities across the galactic disk. The classical Cepheids were selected 
as probes to study the variation of metallicity in the galactic disk, be­
cause 'of their high intrinsic luminosity, small age and the existence of 
period-luminosity and period-age relationships. High dispersion 
spectra of programme stars WZ Sgr, X Sgr, ( Gem, T Mon and SV Mon 
were obtained using the 102-cm reflector of Kavalur Observatory. The 
atmospheric abundances were determined by theoretically synthesiz­
ing the selected portions of the stellar spectrum and comparing with 
the observed spectra. In order to compute the theoretical spectrum, the 
formal solution of the equation of radiative transfer was numerically 
evaluated with the simplifying assumptions of local thermodynamical 
equilibrium, plane-parallel geometry and hydrostatic equilibrium. 
These assu.mptions are reasonably good for the metallic lines of F-G 
supergiants and hence the observations were confined to the phases 
where Cepheids behave like nonvariable F-G supergiants. 

The atmospheric abundances of iron-peak elements, Fe, Cr, Ti, Ca 
and heavier s- process elements Y, Ba, La, Ce, Sm were obtained by 
synthesizing a selected spectral region in the range 4330 A - 4650 A. 
We derive a radial abundance gradient for iron 

d [Fe/H] = _ 0.056 + 0.08 
drgc -

for the region of galactic disk between 6.7 a.nd 10.9 kpc from the ga­
lactic centre (assuming rgc = 8.5 kpc for the Sun). This value agrees 
with the one obtained from the general sample of Cepheids for which 
spectroscopic abundances are available, and also with the existing pho­
tometric determinations, but is shallower than the one derived by Luck 
(1982). 

Abundances of the elements derived.in the present investigation do 
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not show any significant correlation with atomic number. Also the 
abundance ratio of s-process e1emellts does not show any correlation 
with Fe. This lack of correlation for disk population stars shows the ina­
dequacy of simple models of galactic chemical evolution and favours 
the infall models. Alternately, the evolution of [s I Fe] may be deter­
mined by the ratio of intermediate-mass stars (which contribute s­
process nuclei) to high-mass stars (which contribute Fe peak nuclei). 
Thus the different behaviour of halo and disk population may indicate 
a difference in the mass ~pectrum of star formation. 

Key words: Cepheids, abundances - Galaxy, radial 'abundance 
gradient - spectrum synthesis 

1. Introduction 

The importance of the abundance study of different astronomical objects lies in the 
clue it gives to the chemical history of the Galaxy. Big-bang cosmology predicts the 
primordial gas to consist only of hydrogen, helium and traces of lithium. Heavier ele­
ments were synthesized in the interiors of the stars by thermonuclear reactions. Enri­
chment of the interstellar medium has resulted from the processed material ej ected by 
massive stars in advanced stages of their evolution. Large- and small.-scale chemical in­
homogenities in the Galaxy have an important bearing on the problem of galactic evo­
lution. The observed radial abundance gradient in the disk of our Galaxy as well as in 
other large galaxies, abundance anomalies across the spiral arms and the abundance ra­
tios of the elements formed by primary and secondary processes of nucleosynthesis 
provide observational tests of the models of galactic evolution. 

1.1 The Radial Abundance GradieHt 

The presence of an abundance gradient of 0 I H, NIH and N / S in external galaxies 
has been reported by a number of workers from the observations of H II regions 
(Searle 1971; Comte 1975; Benvenuti, D'Odorico & Peimbert 1973 etc). For our Ga­
laxy, Peimbert, Torres-F~~ii.:lhcrt & Rayo (1978) derived a radial abundance gradient 
for 0 IN, NIH, N+ I S+ and He I H from photoelectric observations of five H II re­
gions covering a galactocentric distance range from 8.4 to 18.9 kpc. Hawley (1977) 
observed a large number of H II regions and derived shallower abundance gradients in 
o IH and NIH than those derived by Peimbert, Torres-Peimbcrt & Rayo (1978), 
and no gradient in the abundance ratio He / H, S I H, Ne/H. Torres-Peimbert & 
Peimbert (1977), Peimbert (1979), and Peimbert & Serrano (1980) derived radial 
abundance gradients in the Galaxy for O/H and NIH from observations of planetary 
nebulae. A summary of different O/H and NIH gradients derived by different investi­
gators is given by Pagel & Edmunds {1981}. 

From Geneva photometry of a large number of G and K dwarfs, Grenon (1972) de­
rived an abundance gradient for Fe. Mayor (1976) studied kinematic and photometric 
properties of a large number ofF dwarfs and G-K giants and derived two values of me­
tallicity gradient d [Fe/H]I dr "C = 0.04 for all the objects with eccentricities of their ga­
lactic orbits in the range 0.05-0.4 and d [Fe/H/]drgc = 0.10 for relatively younger ob-
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jects with eccentricities of their galactic orbits in the range 0.05-0.15. Janes & McC­
lure (1972) and Janes (1977, 1979) derived the variation of metalhcity across the ga­
lactic disc by DDO photometry of a large number of G and K gaints and open clusters. 
The radial abundance gradient derived by Janes (1979) is d [Fe/HJ/ drgc = 0.05. Harris 
(1981) derived the radial metallicity gradient d [AIH]drgc = 0.07 from observations 
of a large number of classical Cepheids in the Washington photometric system. 

Apart from photometric attempts to determine abundance gradients, accurate 
spectroscopically-determined abundances of supergiants and Cepheids have also been 
used (Luck & Bond 1980; Luck & Lambert 1981, hereafter LL) in determining the ra­
dial abundance gradient. Combining the results of earlier investigations, Luck (1982) 
derived a radial abundance gradient of - 0.13 for iron which is somewhat steeper than 
the other determinations. Though the relatively small range of 3 kpc in distance in­
creases the uncertainity in the gradient estimated by Luck, such an analysis should ul­
timately yield more accurate results as the sample is enlarged to larger distances. Be­
sides, such analyses are indispensable for the calibration of a photometric reddening­
free abundance index. 

1.2 The Choice of Classical Cepheids 

In the present investigation, we have selected classical Cepheids as probes to study the 
variation of metallicity across the galactic disc. The classical Cepheids as a group have 
five properties :vvhich make them perhaps the most suitable class of stars for studying 
the abundance variation in the Galaxy. 

(1) Cepheids, like the non-variable supergiants, are intrinsically luminous objects 
and they can hence be observed at a considerable range of distances. 

(2) They comprise a homogeneous population, their masses, ages and luminosities 
are closely related to their periods, and the total range in age is much less than 
the age of the galactic disk. . 

(3) There exists a tight period-luminosity-colour relationship for classical Cepheids 
(Sandage & Tammann 1969), which enables one to determine their distances 
with sufficient accuracy. The intrinsic luminosity of non-variable supergiants 
(which have been used in the past to determine the radial abundance gradient) is 
inferred on the basis of their luminosity class and spectral type. The accuracy of 
these estimates is rather low and is only slightly improved by an application of 
model atmospheres. 

(4) Cepheids, like F-G supergiants, have a temperature range in which their spectra 
show a large number of metallic lines. Also, the temperature is not so high as to 
make non-L TE effects important and at the same time not low enough for the 
convection to have any serious effect. 

(5) The classical Cepheids with periods longer than ten days are quite young objects 
and hence their atmospheric abundances - at least for Fe peak nuclei - reflect the 
chemical composition of the interstellar medium out of which they are formed. 

In Section 2, we describe the observational data used in the present study and the 
reduction techniques employed.. The method of computation of the theoretical 
spectra, justification of underlying assumptions and descriptions of various lines suit­
able for abundance determination arc given in Section 3. The agreement between the 
obscrv~d and computed spectra for each star and abundances derived for all the 
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Figure 1. Distribution of programme Cepheids in the galactic plane. The optical spiral arms 
are defined using young open clusters and H II regions (Becker and Fenkart 1970.) 

programme stars are presented in Section 4. The radial. abundance gradient derived 
from the present work is compared with earlier estimates in Section 5. The good 
agreement between the gradient derived here and the earlier photometric estimates 
shows that there are no systematic errors in the photometry by previous investigators. 
In Section 6 w.e give an explanation of the results derived in the present study with an 
emphasis on the future prospects for an improvement of the techniques of analysis as 
well as for framing extensive observing programmes. 

2. Observations 

2.1 Selection of Programme Stars 

The galactic distribution of all Cephids brighter than mv = 9.0 was studied to select the 
stars suitable for abundance gradient determination. Fig. 1 shows the location of the 
programme stars in the galactic plane. The distribution of young open clusters and H II 
regions as determined by Becker & Fenkart (1970) are also shown in the same figure 
to bring out the spiral arms. We selected stars which lie approximately along a straight 
line from 1 =200 to 1 = 100°. The stars SV Mon and T Mon were chosen·towards the 
galactic antic entre whereas X Sgr ~nd· WZ Sgr were chosen towards galactic 
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Table 1. Basic data on the programme stars. 

Star RA (1900) I deg Spectral V P Epoch rgc 
Dec (1900) b deg type Max Min days JD kpc 

X Sgr 17 4116 1.2 F5 -G1 4.24 4.84 7.0123 36968.85 8.13 
-2747.6 0.2 

t; Gem 06 58 11 195.7 F7 - G3 Ib 3.q6 4.16 10.1535 10639.80 8.87 
2043.1 11.9 

TMon 06 1949 203.6 F7 - K1 lab 5.59 6.60 27.0205 36137.09 10.14 
- 0708.4 -02.6 

SYMon 06 1604 203.7 F8-K5 7.8 8.9 15.2316 36437.07 10.87 
0630.9 -02.7 

WZ Sgr 18 11 06 12.1 G3-K6 8.4 10.1 21.8497 35506.63 6.74 
-1906.6 -01.4 

centre. !; Gem is situated in the local arm. The sample of stars encompasses a range of 
4.2 kpe around the Sun, - 2.5 kpe away from and 1.7 kpc towards the galactic centre. 
Table 1 contains the basic data on the programme stars. The coordinates, magnitudes, 
mean spectral types and luminosity classes are taken from Kukarkin et al. (1969). The 
distances listed in the table are calculated using the P-L-C relationship of Sandage & 
Tammann (1968) and using colour excesses ofNikolov & Ivanov (1974). The periods 
and the epochs of maxima are taken from Schaltenbrand & Tammann (1971). 

2.2 Details of Observational Data 

All the spectrograms used in the present investigation were obtained with the 102-cm 
reflector telescope of Kavalur Observatory. The Cassegrain spectrograph was used 
with a Varo 8605 single-stage image intensifier tube attached to it. The spectral region 
covered was 4300-4650A. 

;; Gem and X Sgr were observed at a dispersion of 11.3 A mm -1 using a 50-em ca­
mera. The fainter stars, WZ Sgr and SV Mon were observed at a dispersion of 22.6A 
mm-1 using a 25-cm camera. T Mon was observed at both these dispersions. The 
spectra were recorded on Kodak IIa-D or 103a-D plates. The projected slit width on 
the plates was ZOpm.The spectra were widened between 0.3 -0.5 mm depending 
upon the brightness of the star. Table 2 lists the details of observational data. The last 
two columns contain the duration of exposure as a fraction of pulsation period and the 
mean phase at the middle of exposure. Since all our programme stars have sufficiently 
long periods and the exposure times are always less than 150 min, it is reasonable to as­
sume that there was no phase change during the exposure. 

2.3 Reduction Procedure 

The spectrograms were digitized using a Carl Zeiss microphotometer which has been 
automated using the microcomputer HCL Micro 2200 (Viswanath 1981). The digi­
tized spectra were smoothed using three-point averages with weights 0.25, 0.50 and 
0.25. Since the instrumental profile had a full width at half maximum (FWHM) of 
35,um and the digitization interval was 8 pm, the 3-point triangular profile smoothens 
the spectra sufficiently without degrading the resolution. The smoothed spectra were 
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Table 2. Journal of observations. 

Plate Star Dispersion Spectral Epoch of Duration of phase 

No. Amm- 1 region observation exposure 
A A¢ rjJ 

o 1089 X Sgr 11.3 4300 -4500 1980 Sep 26.604 0.0010 0.258 

o 1105 X Sgr 11.3 4400 -4600 1980 Sep 27.595 0.0010 0.394 

o 1147 , Gem 11.3 4450 -4650 1980 Oct 26.937 0.00015 0.238 

o 1180 , Gem 11.3 4450 -4650 1980 Nov 7.915 0.00015 0.427 

o 1361 SV Mon 22.6 4300 -4600 1981 Jan 31.737 0.0055 0.286 

o 1418 SYMon 22.6 4300 -4600 1981 Feb 16.625 0.0055 0.334 

o 1563 WZ Sgr 22.6 4200 -4500 1981 Mar 24.958 0.0045 0.219 

o 1683 WZSgr 22.6 4400 -4700 1981 Oct 9.708 0.0045 0.941 

o 1161 TMon 11.3 4500 -4700 1980 Nov 2.929 0.0012 0.219 

01182 TMon 22.6 4300 -4600 1980 Nov30.845 0.0006 0.254 

brought to the intensity scale using linear characteristic curves employing Baker den­
sities (de Vaucouleurs 1968). 

The effect of background exposures caused by undesirable light such as sky bright­
ness or image-tube background is to reduce the SIN. The net SIN is related to the 
background exposure EB and the total exposure ET .... Es + E13 by 

(SIN)net=(ET- EB) (SIN) 
ET 

For our spectrograms, the density of the im.age-tube background was always between 
0.02 and 0.04. It affected ~he SIN by only 5 to 10 per cent .. Mter applying this correc­
tion, the SIN of our spectrograms was found to be -120 and never below 100 even 
for the fainter stars. The application of a 3-point smoothing improved the SIN further 
by a factor of fi. 

The observed spectrum is the convolution of the instrumental profile with the true 
flux spectrum. When a spectral line is intrinisicaliy broadened (such as due to rotation 
in an early type sta~ rather than due to the instrumental profile, it is easy to decon­
volve the observed spectrum from the instrumental profile and derive the true profile. 
However, when the stellar line width is comparable to the instrumental profile, the 
iterative method of deconvolution fails and the Fourier methods give rise to side lobes. 
It is more convenient to convolve the theoretical spectrum with the instrumental pro­
tIle and then compare it with the observed spectrum. 

We selected three weak unblended com.parison lines of iron-argon hollow cathode 
lamp to determine the instrumental profile. The line centre Xo was determined by pa­
rabolic interpolation. The shape of these profiles closely resembles a Gaussian profile. 
The parameters of the Gaussian profile were determined by using the linear relation­
ship between log I and (x - xo)2. The FWHM of the apparatus profile corresponds to 
0.40 A at the dispersion of 11.3 A mm-1 and 0.8 A at the dispersion of 22.6 A rom-I. 

The observed spectrum is also broadened bystellar rotation (typically - 1 km S-I) and 
macroturbulence (5-15 km s -1). An inspection of the width of weak lines in our spectra 
showed that these effects were negligible with respect to the instrumental 
broadening. 
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3. Abundance analysis 

Portions of stellar spectrum were synthesized using a suitable model for the atmos­
phere of the star and the atomic data of all the lines falling into the spectral region. The 
abundances of the contributing elements were adjusted till good agreement was·ob­
tained between the observed and computed spectra. For computation of the theoreti­
cal spectrum the formal solution.of equation of radiative transfer :was numerically eva­
luated for the line as well as the continuum flux. The spectrum synthesis programme 
of Sneden {1974} was used after slight modifications to reduce the memory require­
ment from -lOOK to < 401{. 

The theoretical spectrum was computed with the assumptions of (1) local thermo­
dynamic equilibrium, (2) plane-parallel atmosphere and (3) hydrostatic equilibrium, 
which we proceed to justify in the following. 

3.1 Justification of Assumptions 

3.1.1 Local thermodynamical equilibrium (LTE) 

The departure from L TE in low gravity stars has been discussed by Lites & Cowley 
(1974). These authors have investigated the formation of Fer lines in s~ellar models of 
solar temperature, but in a range of surface gravities from Log g = 2 - 4. Tb.ey have 
shown that it is only in the cores of strong lines that the departure from L TE becomes 
conspicuous. For the lines of moderate strength, the departure from L TE causes only a 
small difference in the equivalent widths and hence the assumption of L TE does not 
introduce significant errors in abundances if strong lines are excluded. 

3.1.2 Plane-parallel geometry 

When the extent of the atm9sphere is much smaller than the radius of the star, we can 
consider plane-parallel geometry instead of concentric spheres. Low-gravity stars like 
giants and supergiants have extended atmospheres and the validity of this assumption 
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could be questioned, But the assumption would still be valid if the extent of the line­
forming region is much smaller than the radius of the star. In Fig. 2, we show the con­
~;"ih:"iri()!! fl",nniorl te;' the equivalent width as a function of optical depth for two lines 
of Fe I with excitation potentials of 0.0 eVand 3.2 eV. We can see from the figure that 
the major contribution to the line comes from a narrow range in optical depth mainly 
between log l' = 0.3 to 0.8. The contribution function was calculated using a model 
with Te = 5500 K and lo'g g = 1.0 from the grid of model atmospheres of Kurucz 
{1979}. In these models, geometrical heights corresponding to different values of opti­
cal depths are also tabulated. FWHM of the contribution function corresponds to 
84860 km in the geometrical height scale. If the radius of the star is assumed to be 60 
R0 which is a typical value for galactic Cepheids, the ratio of th,e line-forming region 
to the radius is 0.002. Furthermore, Gustafsson et aI. (1975) have estimated the magni­
tude of the effect of dilution of radiation field due to sphericity and have obtained the 
corrections for the temperature scale. The temperature corrections for the sphericity, 
obtained by them are of the order of -70 K, -60 K., - 50 K, and - 30 K at log T = -4. -
3, -2, -1 respectively for models with log g = 0.75. These corrections are very much 
smaller at higher gravities, particularly for the photospheric lines. Thus it is reiterated 
that the use of plane-f<l!"ailel atomspheric layers will not introduce any serious errors 
in the computation of metallic lines ... 

3.1.3 Hydrostatic equilibrium 

The assumption of hydrostatic equilibrium implies that there is no large-scale accele­
ration comparable to the surface gravity; hence the pressure balances the gravitational 
attraction. Such an assumption could be disrupted in the pulsating atmosphere of a 
Cepheid. Schmidt (1971) pointed out from his studies of a number of Cepheids that 
for long period Cepheids (p > 10 d) the spectroscopically derived surface gravities are 
in close agreement wirh those derived from their masses. Also. from the investigations 
of the density variations in a nUIJ.?ber of Cepheids (Rodgers & Be111968), Schmidt 
(1971) inferred that the hydrostatic equilibrium is maintained during most of the cycle 
for long-period Cepheids with small amplitudes. However for long-period Cepheids 
with large light va.riations, a sudden increase in density at the phase of strong outward 
acceleration was reported by Rodgers & Bell. Schmidt (1971) suggested that during 
the short interval of outward acceleration, gravity varies considerably, thereby affect­
ing the hydrostatic equilibrium; however the atmosphere remains in hydrostatic 
equilibrium, for the rest of the cycle. 

Keller &.Mutschlecner (1970) calcuated a hydrodynamic model of a 11.5 d Ce­
pheid They also calculated hydrostatic constant-flux model atmospheres with para­
meters ge and Te taken from the hydrodynamic models at selected phases. The struc­
tures of these atmospheres compare well with hydrodynamic models; the (B - V) co­
lours predicted by the hydrostatic atmosphere and the hydrodynamic models show 
close agreement. These considerations also imply that properly chosen hydrostatic at­
mospheres can adequately predict the observable properties of Cepheids with 
P> 10d. 

Excepting X Sgr, all our programme stars have period> 10 d, and the light curve of 
X Sgr is very smooth without any suggestion of humps. All the stars were observed in a 
phase range where the acceleration of the atmosphere is minimum. Also, Kraft (1967) 
has pointed out that the resemblence of the Cepheid spectra with those of non-vari­
able supergiants is closest at the phases corresponding to the falling branch of their 
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light curve. pel (1978), while deriving the Intrinsic Cepheid Locus in the (V-B) -
(B-L) diagram, found that the portions of these loops corresponding to th-e falling 
branch of the light curve are very similar for all the Cepheids and are least distorted. 
We feel that these phases are the most suitable ones for abundance determination as 
the assumption of hydrostatic equilibrium is best justified at these phases. 

3.2 Determinativn of the .--l'iii(l_'pt'ric Parameters 

pel (1978) determined the atmospheric parameters of a large number of Cepheids us­
ing Walraven five-colour photometry (Pel 1976). He derived rC!11pcraturcs, gravities, 
bolometric light curves, radius variation and equilibrium values of these quantities us­
ing the theoretical flux from Kurucz (1975) for a grid of model atmospheres covering 
a large range in temperature and gravity. He found that the (V-B) -; (B-U) diagram is 
best suited for derivation of physical parameters, due to its sensitivity to temperature 
and gravity and also because it separates the two parameters well. He constructed a 
theoretical (V-B) - (B-U) diagram using the Kurucz models and fitted analytical ex­
pressions to the grid of theoretical colours and bolometric corrections. 

In the region covered by the Cepheid loops, these relations fit the exact values of 
the discrete grid points within 0.0015 in Be and 0.05 in logg. Pel computed this grid in 
the range Te = 5500-7000 K and logg == 0.5 - 3.0, and extrapolated the analytical rela­
tions down to Te= 5000 K to cover the complete loops of Cepheids with P > 11 d. 
Though a majority of our programme stars have periods longer than this value, the 
phases on the descending branch of the light curve at which the observations were 
made have Te > 5400 K and hence generally do not demand extrapolation. The initial 
estimates of Te and log g were hence obtained using the analytical expressions of Pel 
(1978). 

The photometrically-derived atmospheric parameters provide the first guess to 
the star's atmosphere. This guess is improved by computing a large number oflines co­
vering a large range in equivalent widths, excitation potentials and at least two ionisa­
tion states for models with slightly differing atmospheric parameters. Different at­
mospheric parameters affect the strength of the lines in different ways, a fact that 
helps us in improving each atmospheric parameter independent of the others. 

3.2.1 Microturbulence 

Since it is known from the previous studies (if. Schmidt 1971;LL) that the abundance 
of iron peak elements in Cepheids is not very different from the solar value, we have 
assumed the solar iron abundance as a starting value. We computed equivalent widths 
for a large number oflines covering a good range in equivalent widths using the model 
with Te and log g determined photometrically and different trial values of microtur­
bulent velocities. The microturbulent velocity was determined by requiring Wcomp-

Wobs to be independent of the strength of the lines. 

3 .2.2 Effective temperature 

In order to improve the estimate of effective temperature, lines of a particular ele­
ment, say, iron are computed covering .a large range in excitation potential. Abun­
dances derived from individual lines are examined to see if they show a correlation 
with the excitation potential; such a correlation is expected if the effective tempera­
ture is incorrectly chosen. The elimination- of such a correlation with excitation po­
tential would lead to an improved choice of Te. 
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3.2.3 Su1ace gravity 

Once the temperarure and microturbulent velocity a~e determined, the. est,imat,e of 
surface gravity can be improved by requiring that the hnes of neutral and lOillzed 1 ron 
lead to the same value of abundance. 

3.3 Assembling the Line Data 

The s-process elements present themselves in very few lines which are often blc:nded. 
Very few attempts have been made in the past to determine the abun::h!lCCS of these 
elements and some of these determinations are even based on a single line. Obviously, 
such estimates are highly uncertain. Hence we have computed a number of snull por­
tions of the spectrum, each portion covering 5 A to lsA and having as m.any lines of 
Ba, La, Ce and Sm as possible. 

The relevant atomic data of - 400 lines of interest is listed by Giridhar (1982). The 
wavelengths of the lines are taken from Moore, Minnaert & Houtgast (1966). The 
atomic mass and the ionisation potentials are taken from Allen (1973). The excitation 
potentials of upper and lower levels are taken from Moore (1945). The gf values were 
determined by an inverted solar' analysis as described at the end of this section. 

The spectral region 4550 A -4564 A proved to be extremely important in our in­
vestigations. BaIl 4554.036 is of great use because this line is relatively unblended for F 
and G spectral types in which most of the Cepheids fall. Shortward of this line, the first 
conspicuous line is Tin 4552.29 which is not likely to affect the equivalent width or 
the central depth of the BalI line. On the longer wavelength side, Cm4552.02 (multi­
plet 44) is present. The intensity of this line is not more than 50 per cent of the Ball 
line. Fortunately, there are two more ern lines arising from the same multiplet in the 
same wavelength region (CrII4~58.650 and ern 4588.204). These lines can be used to 
predict the behaviour of the ern 4555.02 line. Once an accurate value of chromium 
abundance is determined using other lines, the spectral region around 4554 A can be 
computed with different barium abundances till a satisfactory agreement is reached. 
Also, an accurate gf value has been determined for Ban 4554.036 by Holweger & Mul-
ler (1974). . 

However, Ban 4554.036 is known to exhibit considerable hyperfine structure 
(Rutten 1976) with an effective width of 60mA. Abt (1952) and Wolff & Wallerstein 
(1966) have shown that one could allow for this effect by using additional microtur­
bulence for the affected line. Though the effect of hyperfine structure is not signific­
ant in supergiant atmospheres with their large turbulent velocities (5 -10 kID S-l), it 
may be advisable to include it when highest precision is required .. 

Some investigators do not recommend the use of Ban 4554.036 A line because of 
its strength. This line does not fall on the linear portion of the curve of growth but on 
the flat portion where the lines are supposed to be more sensitive to microturbulence. 
However, an accurate value of micro turbulence can be determined beforehand from 
the lines of elements like Fe, Cr, Ti etc, for which a large number of unblended lines of 
different intensitie.s could be measured. Instead ofbehlg a disadvantage the strength,of 
the line becomes an asset while working with low-dispersion spectra in which weak 
lines are almost lost due to the crowding of lines. . 

There are also important lines of Cell at 4560.280 A and 4562.367 A. The reson-· 
ance line 4562.367 A is unblended. Its f'quivalent width is -80 mAo Thus this line is on 
the linear portion of the curve of gfC>wth and hence well suited for abundance 
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determination. The lines that might interfere with these three lines are the following 
(i) Fer 4560.097 A is much weaker than Cell 4560.280 for low-gravity atmospheres 
like Cepheids and hence not likely to affect the latter line. (ii) Fel 4561.417 A is even 
weaker than Fel 4560.097 A. It is found to be weak for all values of gravity. The solar 
equivalent width of this line is 1.3 m A and it is not conspicuous in the photometric at­
lases of spectral lines of Procyon (F5 Jb) and Arcturus (KO). However, the atomic para­
meters of all these lines are included in the spectrum synthesis calculations. Since 
there is a large number of unblended Fer and Fell lines in the spectra, the abundance of 
Fe is determined very accurately and the effect of these contaminating lines could 
be eliminated. The resonance line 4562.367 A is quite isolated and is one of the most 
suitable lines for abundance determination of Ce at the dispersion of 11.3 A mm -1. 

At the lower dispersion of22.6A mm-I, which we employed for the fainter stars, 
CeIl 4560.280 A and 4560.966 have merged together, but this blended feature can still 
be used for determining the abundance of Ceo Cowley (1970) has suggested the use of 
curve-of-growth technique even for blends. Blends are much easier to deal with in the 
method of spectrum synthesis. At the dispersion of 22.6Amm-l, Cell 4562.367 A 
makes its presence felt as a hump in the wing of Tin 4563.766. If the abundance ofTi is 
already determined using other lines, the hump at 4562.367 provides the information 
on the Ce abundance. The use of CeII 4436.917 A and 4628.160 A is limited only to 
high dispersion spectra. 

The important lines of samarium are Smn 4329.038, 4334.166, 4362.038, 
4420.526,4577.694, and 4696.720. All these lines are useful at higher dispersions but 
SmII 4334.166 and 4362.038 are the only ones that can be used at lower dispersions. 
The former line is blended with LalI 4333.764 but the contribution of these lines 
could be separated. The line Smrr 4362.038 has no strong neighbouring lines to affect 
it. Cen 4361.668 at its shorter wavelength side is extremely weak and ern 4362.93 at 
the longer wavc;:length side is also insignificant. 

Among the line parameters required as input of the spectrum synthesis pro­
gramme, accurate gJvalues for all the lines of interest are very difficult to get. The gf 
values have been experimentally derived by a number of workers using absorption or 
emission methods. These methods need accurate temperature measurements. To ob­
tain an accuracy of 0.5 F'~- C":l1t in oscillator strengths, the temperature must be mea­
sured to an accuracy of 1.3 K at 3000 K which is extremely difficult to reach. The gf 
values detern:ined by Blackwell & Shallis (1979) are by far the most accurate ones. 
They have determined these for a large number of Fe and Ti lines using the Oxford 
furnace technique. The accuracy of relative gf values determined by them is ± 0.5 per­
cent. However, very few of these lines fall in the spectral region of our interest. W 01-
nik & Berthel (1973), Foy (1972), Whaling, Scalo &Testerman (1977), May, Richler 
& Wichelmann (1974) and others have also experimentally determinedgf values for a 
large number of lines but the accuracies of these estimates are not as high as those of 
Blackwell & Shallis. Also there are sev~ral weak lines for which experimental gf va­
lues have not been determined at all. 

Kurucz & Peytremann (1975) have published a table of semi-empirical gf values 
which is the largest single list ofidentified spectral lines. These gfvalues have been de­
termined semi-empirically using scaled Thomas-Fermi-Dirac radi:;tl wave functions 
and eigenvectors found through least-square fits to observed energy levels. They may 
not be as accurate as those of Blackwell & Shallis but still provide a huge amount of 
useful material. We used the gf values calculated by Kurucz & Peytremann as starting 
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values and improved them by inverted solar analysis. Solar abudances of various ele­
ments were taken from the new table of Pagel (1977). The solar photospheric model 
of Holweger & Muller (1974) was adopted wit~ the depth indepe~dent microturbul­
ent velocity of 1.0 km s -I.The solar equivalent widths of !'A0ore, M111naert & Houtgast 
(1966) were used as input to the single-line version of the spectrum-synthesis pro­
gramme. The gf values were altered by small amounts till. the CO:11puted equivalent 
widths agreed with the observed ones. Th~ values for.the hnes of 1!on~pea.k ~lements 
that have equivalent widths 50-250 mA dId not reqUlre much :l.lteratlOn 111 Inverted 
solar analysis. Strong lines, however, needed improvement. Also, for heavier elements 
like La, Ba, Ce, Sm the gf values derived by us differ from the input values for almost 
all the lines. Kurucz & Peytremann (1975) have pointed out that gf values of heavier 
elements could be improved when more atomic data are available. 

Among the various intrinsic broadening, only Stark broadening affects the hydl:o­
gen lines. In the rarefied atmospheres of the supergiants, natural broadening predomi­
nates over collisional broadening. For the lines of weak and intermediate strength con­
sidered by us the total damping (natural + collisional) is very small, and rnay be ne­
glected. We have, however included Van der Waals (collisonal) damping. The expres­
sion given by Unsold (1955) was used, since it was readily available in Snede-Il'S code, 
originally written for solar type dwarfs where this damping becomes important. 

4. Abundance analyses of individual stars 

We describe in this section the derivation of abundances for individual stars T Mon, 
(Gem, X Sgr, WZ Sgr and SV Mon. Three of our programme stars ha"ve been studied 
by LL using the spectrum synthesis method. These authors determined the abun­
dances of C, N, 0 and a few heavier elements using high resolution reticon spectra in 
the red and near-infrared spectral regions. The resolution of these spectra obtained us­
ing a coude reticon spectrometer is 0.2 A which is better than the resolution (0.4 A) of 
the present investigation. Also the red spectral region is mllch less crowded compared 
to the spectral region covered here. However, we cannot abandon the blue spectral re­
gion in favour of the red because the blue region contains many more important lines 
of heavy elements. In spite of the somewhat lower resolution of our spectrograms and 
entirely different spectral region of study, it is very satisfying to note the close agree­
ment between the abundances derived by us and by LL. This success of the method of 
spectrum synthesis in dealing with the problems related to blending of the lines has 
lent support to our application of this method at still lower resolution. 

4.1. The Stars Observed at a Dispersiorl of 11.3 A 11111)-1 

T Monocerotis 

T Monocerotis is a bright Cepheid with a pulsation period of27.020S d. Because of its 
brightness, it has been included in a number of investigations - photometric as well as 
~pe~troscopic. The lig~t curve of this Cepheid is highly asymmetric but the variations 
111 hght are smooth WIth no suggestion of abrupt humps. 

!he atmospheric parameters of T Mon have been estimated by different workers 
at dIfferent ph~ses of the star. These estimates are compared in Fig. 3. Our estimates of 
th~ atmosphenc parameters are also plotted in the same figure. Schmidt (1972) deter­
mllled t~e effectIve temperatures for a large number of Cepheids (including T Mon) 
by contllluum photometry. He measured the slope of the Paschen continuum for 
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Figure 3. Atmospheric parameters ofT Mon, as estimated by different investigators are plotted 
as a function of phase. 

these stars and determined the temperature and line-blocking coefficients by a compa­
rison with model-atmospheric energy distributions. The temperature derived by Sch­
midt are systematically hotter than ours by about 700 K. The temperatures derived by 
Pel (1978) using Walraven photometry are cooler by 250 K. Our temperatures are in 
fair agreement with the spectroscopically determined temperatures of LL and also 
with the temperatures derived by Parsons (1971) from the matching of observed 
UVBGRI colours with the model-atm~spheric fluxes. Surface gravities derived by Pel 
and Parsons are in close agreement with the gravities derived in the present investiga­
tion (Alogg= ± 0.5) but the gravities derived by Schmidt, Rosendhal & Jewsbury 
{1974} are higher by Alogg= 1.6. The probable reason is that the temperatures de­
rived by Schmidt (1972) are too high and therefore to maintain ionisation balance, 
Schmidt, Rosendhal & J ewsbury were compelled to adopt higher gravities. 

Table 3. Derived atmospheric parameters for the programme stars. 

Star Phase , Teff log g ~T 12 + (log Fe/H) 

X Sgr 0.258 6200 2.0 5.0 7.60 
0.394 6000 2.0 3.5 7.55 

, Gem 0.238 5700 1.75 6.0 7.75 
0.427 5500 2.0 4.5 7.65 

SV Mon 0.286 5800 1.5 5.0 7.40 
0.334 5600 1.5 5.0 7.40 

WZ Sgr 0.219 5600 1.0 5.0 7.65 
0.941 6000 1.5 5.5 7.65 

TMon 0.219 5500 1.0 5.0 7.52 
0.255 5400 1.0 4.5 7.55 
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Figure 4. Observed (continuous line) and computed (broken line) spectra of T Mon. 

Having determined the atmospheric parameters (Table 3), selected portions of the 
stellar spectrum were computed using models from the grid of Kurucz (1979) or Bell 
et al. {1976} with chemical abundances differing from the solar value by - 0.3 to 0.3 
dex in steps of 0.05 dex. Abundances of all the elements were varied by the same 
factor. The best fit abundances were thus determined. The agreement between the 
observed and computed spectra are shown in Fig. 4 which contains two sections of the 
spectrogram 01161 obtained at phase 0.219. The continuous line is the observed spec­
trum whereas the broken line is the computed one. The identifications and wave­
lengths of ~omeof the important lines are also given in the figures. The final abun­
dances for T Mon and the rest of the programme stars at observed phases are summa­
rized in Table 4. The iron abundance computed by LL for T Mon is higher than our 
estimates by 0.09 dex; [Ce/Fe] computed by LL is also higher by the same amount. 
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Figure 5. Observed (continuous line) and computed (broken line) spectra of' Gem. 

4.1.2 Zeta Geminorum 

The Cepheid' Gem is the prototype of Eggen's (1951) type C Cepheids with a nearly 
sinusoidal light curve and a period of 10.15 d. For this Cepheid, the temperatures are 
derived by Rautela & Joshi (1976) by matching the observed continuum energy distri­
bution of the star with model-atmospheric fluxes of Parsons (1969). As compared to 
our spectroscopically derived temperatures, the temperatures esrimated by Rautela & 
Joshi are systematically higher by 400 K The temperatures determined by Parsons 
(1971) are cooler by 200 K, while the estimates ofLL are in fair agreement with ours. 
The gravities derived by Rautela & Joshi, Parsons, and LL are all in fair agreement 
with our estimates (±O.5). Our observed and computed spectra of' Gem are shown in 
Fig 5. The· iron abundance determined by LL is 0.13 dex higher than our 
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estimates while their estimate of rCe/Fe) is lower by 0.07 dex. 

4.1.3 X Sagittarii 

UBV photometry of this bright southern Cepheid was done by Mitchell et aI. (1964). 
Wisniewski &Johnson (1968) have determined the light curves in UBVRlJKL bands. 
Walraven, Tinbergen & Walraven (1964) and Pel (1976) have determined the light 
curves in VBLUW system. Light curves of X Sgr are asymmetric. Pel (1978) has re­
ported some peculiarity in the two-colour loop in the (B - L) - (V - B) diagram which 
is generally used to determine the colour excess. Evans (1968) examined the radial ve­
locity curve derived by various investigators (e.g. Joy 1937; Stibbs 1955), but did not 
find any suggestion of a binary companion. High-resolution spectrophotometry in the 
ultraviolet (e.g. Mariska, Doschek & Feldman 1980) is more decisive in indicating the 
presence of faint photometric companions to Cepheids ; an attempt needs to be made 
in this direction. 

Despite being one of the brightest Cepheids in the southern sky, X Sgr has not 
been studied in great detail. Abundances of C, N, 0 and other heavier elements de­
rived by LL are the first estimates of abundances so far. The iron abundance deter­
mined by LL is lower than ours by 0.05 dex. The agreement between the observed 
and computed spectra is shown in Fig. 6. 

The mean abundances derive.d for the above three stars in this investigation are 
compared with the results of LL in Table 5. 

4.2 The Stars Observed at a Dispersion of 22.6A mm-1 

The star T Monocerotis was observed at a dispersion of 11.3Amm-1 as well as 
22.6Amm·-1• A comparison of the spectrograms obtained at the two dispersions 
helped us considerably in selecting the features which are useful even at the lower di­
spersion. Tht; lines which are used for improving the estimates of the atmospheric pa­
rameters were selected based on the following criteria. The lines which are main con­
tributors to a blend with no strong line in the close neighbourhood to affect their cen­
tral depth were preferred. If a feature is made up oflines.of the same element with no 
significant difference between the excitation potentials of the contributing lines, then 
the blend can be treated as a single line. Cowley (1970) has suggested the use of blend 
equivalent widths even in the curve-of-growth technique. Our investigation supports 
this idea. Ce II lines 4560.280 and 4560.966 which are seen well .. resolved in Fig. 4 

Table 5. Comparison of the abundances derived in this study with those of Luck & Lambert 
(1981). Abundances log (M/H) are given with respect to their solar value. 

Element X Sgr !;Gem TMon 
LL SG LL SG LL SG 

Ti -0.03 +0.13 +0.25 +0.10 +0.13 +0.00 
Cr +0.33 +0.20 +0.20 +0.27 +0.02 +0.07 
Fe +0.02 +0.07 +0.34 +0.20 +0.12 +0.03 
Ba -0.02 +0.05 +0.10 
La +0.32 +0.48 +0.50 -0.10 
Ce -0.20 +0.21 +0.15 +0.06 +0.07 
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Figure 7. Observed (continuous line) and computed (broken line) 'spectra ofT Mon at lower 
resolution. 

present themselves as a single feature at the lower dispersion. The lower excitation 
potentials of these lines (0.43 e V and 0.20 e V) are not significantly different. ThisJea­
ture was found useful in determining the Ce abundance. 

Abundances derived from the low-dispersion spectra ofT Mon agree well with the 
ones derived using high-dispersion spectra. The observed and computed low-disper­
sion spectra shown in Fig. 7 demonstrate the utility of the method at lower dispersion. 

4.2.1. SV Monocerotis 

-SV Mon is a relatively faint Cepheid (mv = B.O). The UBVlight curves have been ob­
tained by Mitchell et al. (1964) and Eggen (1969). VBLUWlight curves have beenob­
tained by Walraven, Tinbergen & Walraven (1964) and Pel (1976). Tsarevsky (1967) 
found some suggestion of variation in the period. The light curves are highly asym­
metric. The radial velocity curve ofsV Mon was derived by Joy (1937) using prismatic 
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Figure 8. Observed (continuous line) and computed (broken line) spectra of SV Mon. 

spectra. No further spectroscopic investigation is reported for this star so far. Spectros­
copic abundances are derived for the first time in our investigations. Observed and 
computed spectra are shown in Fig. 8. 
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4.2.2. WZ Sagittarii 

WZ Sgr is- believed to be a member of Sgr-OB4 association (Tammann. 1970). The light 
curves of this Cepheid in UB Vhave been detennined by Mitchell et ai. (1964) and in VB­
LUW by Walraven, Tinbergen & Walraven (1964). Like SV Mon, spectroscopic abun­
dances for WZ Sgr are determined for the first time in the present investigation. The 
agreement between the observed and computed spectra is shown in Fig. 9. 

4.3 Error Analysis 

There are two main soUrces of error in the abundances derived here: 

(1) The errors in the input parameters like the observed equivalent width and the gf va­
lues manifest themselves as line-to-line scatter. The resultant error in aundances can 
be evaluated satisfactorily when the number of lines is large. For elements like Fe for 
which-a large number of lines ( n > 20) could be measured, typical standard deviation 
about the mean abundance is - 0.08 dex. For Cr and Ti fewer lines were measured 
(n - 15) and the standard deviation increases to ± 0.1 dex. For the elements with still 
fewer lines the errors are difficult to assess since the standard deviation loses its statisti­
cal meaning. The errors in such cases probably lie in the range of ± 020 - 025 dex. 

(2) The uncertainties in the model atmospheric parameters would also introduce errors in 
abundances. For the estimation of these errors we computed a set of Fe lines for the 
pairs of the model atmospheres witli (i) the same gravity and microturbulent velocity 
but different temperatures, (ii) the same temperature and gravity but different micro 
turbulent velocities, and (iii) the same temperature and microturbulent velocity but 
different gravities. A comparison of the variations in the computed equivalent widths 
for the three cases mentioned above, with the observational scatter, leads us to believe 
that the accuracy of the adopted effe~~e temperature is ± 250K, that oflogg, ± 025 
and that of microturbulent velocity, ±p.5 km s -1. 

Errors in the abundances arising from the errors in atmospheric parameters are not the 
Gaussian sum of the ettors due to the individual parameters. These parameters interact 
with one another. A change in one may cause a shlft in another. The net effect on the de­
rived abundances would be considerably less because we employ the principle of consis­
ten~ wherein the lines with a large range of excitation potentials, equivalent widths and 
different inonization states should lead us to the same value of abundances~ Therefore the 
errors in the derived abundances are not significantly larger than the errors estimated from 
the internal consistency check. 

In the past, the abundances in Cepheid atmospheres were derived at djfferent phases of 
their pulsation cycle and the average abundances were adopted. Amplitude of the varia­
tions in the derived abundances were quite large (± 0.5 dex) in the investigations ofRodg­
ers & Bell (1968 and references therein). The comparison of the abundances derived at dif­
ferent phases led LL to believe that the accuracy of the abundances derived by them was ± 
02 dex. However, we feel that this practice o£deriving the abundances at different phases 
and estimating the accuracy by the scatter around the mean values is not realistic. At the 
phases corresponding to the rising part of the light curve, i.e. from minimum light to maxi:­
mum light, the atmosphere is moving very rapidly and hence the assumption of hydro stat­
i~ equilibrium is no longer valid. Thus the abundances derived at these phases are not very 
accurate. The accuracy can only be improved by making a large number of observations 
within the phase range 025 - 0.45 where the atmosphere of the star is neither expanding 
nor contracting and therefore the assumption of hydrostatic equilibrium is justified. 



Elemental abundances in Cepheids 

Table 6. Mean derived abundances with respect to the solar value. 

Z [X/Fe] X Sgr .; Gem SV Mon WZSgr 

20 Ca/Fe -0.27 -0.30 
22 Ti/Fe +0.06 -0.10 -0.07 - 0.15 
24 Cr/Fe +0.13 +0.07 +0.20 +0.07 
39 Y/Fe 0.0 
56 BalFe -0.09 - 0.15 0.0 0.0 
57 La/Fe - 0.10 
58 Ce/Fe - 0.27 -0.05 -0.17 -0.25 
62 Sm/Fe -0.27 +0.03 - 0.10 - 0.05 

5. Results and conclusions 

5.1 Comparison with Earlier Investigations 

97 

T Man Mean 

+0.08 -0.16 
-0.03 -0.06 
+0.05 +0.10 
- 0.13 - 0.06 
+0.07 -0.03 
-0.10 -0.10 
+0.04 -0.13 
-0.12 - 0.10 

Elemental abundances have been reported in the literature for'several Cepheids. The 
investigations of bright Cepheids by Rodgers & Bell (1968 and references therein) and 
Bappu & Raghavan (1969) showed marked underabundance of s-process elements in 
the Cepheid atmospheres. However, recent w.ork of LL using the technique of spec­
trum synthesis does not confirm this trend. Although, relative to Fe, the s-process ele­
ments Ce and N d are found to be underabundant compared to the solar values, the dif­
ference seldom exceeds 0.3 dex. La was found to be overabundant in some of the stars. 
Our investigation agrees with LL in that all the s-process elements are underabundant, 
the deficiency is of the same order and never exceeds 0.3 dex. The abundance ratio 
[X/Fe] defined by 

[X/Fe] = log (X/Fe)* -log (X/Fe)0 

for various elements derived in the present study is given in Table 6. The individual 
elements fall into two groups: (i) the lighter elements with 20 s Z s 24 and (ii) the 
heavier elements with 56 S Z s 62 with yttrium (Z = 39) falling in between. 

Within the errors of estimation, there are no systematic differences between 
[X/Fe] for different stars, except for a possible underabundance ofTi and Ca in WZ 
Sgr and t;, Gem. The [X/Fe] for lighter elements has a tendency to increase with Z and 
possibly a slight decreasing trend for heavier elements. Ca is deficient in all the stars 
and more conspicuously in X Sgr and t;, Gem. However, these, differences are notsigni­
ficantly above the scatter in the individual abundances. Yttrium abundance was deter­
mined only for T Mon and SV Mon. The two values of [Y IFe] have a mean of - 0.06. 
The heavier s-process elements show a general underabundance, the average value of 
[sIFe] being - 0.09. Thus there is no evidence of s-processing or any other anomaly in 
the abundances of the sample stars. 

5.2 The Radial Gradient in [Fe/H] 

Fig. 10 shows the location in the galactic plane of Cepheids for which the spectroscop­
ic abundances (listed in Table 7) are available. The outline of the spiral features are ta­
ken from Humphreys (1978) who used the associations of young stars, Hu regions and 
young clusters to trace the optical features. The values of [Fe/H] for these stars are 
plotted as a function of their galactocentric distances (r gc) in Fig. 11. A galactocentric 
distance of 8.5 kpc has been assumed for the sun in calculating these distances. 
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Different syrnbols have been used for different investigators. This enables us to see the 
systematic differences between various investigations, following the stars that have 
been included in two or three investigations. A straight-line fit to this data yields 

[FCIH] == - 0.077 rgc + 0.707 

± 0.035 ± 0.308 

with a correlation coefficient of r = - 0.36. The correlation is rather weak with a 10 
per cent probability that it is purely due to random effects. Harris (1981), using the 

Table 7. Compilation of spectroscopic abundances of Cepheids. 

Star rgc [Fe/H] [Y /Fe] [Ba/Pe] [La/Fe] [Ce/Fe] [Sm/PeJ Source 

WZSgr 6.73 +0.15 0.00 -0.10 -0.25 -0.05 7 
SVVul 7.80 +0.28 +0.14 -0.04 6 
SNor 7.74 +0.10 3 

YOph 7.86 +0.18 3 

USgr 7.86 +0.10 3 

WSgr 8.03 +0.27. +0.03 +0.30 6 

x J '.v 8.07 -0.42 -1.16 -1.25 -0.87 2 

XSgr 8.13 +0.02 +0.30 6 

+0.07 -0.09 -0.27 -0.27 7 

1] All1 8.29 +0.06 -0.05 +0.45 +0.01 6 

+0.13 4 

XC)'!; 8.32 +0.15 +0.06 +0.16 +0.01 6 

+0.08 +0.23 +0.16 +0.13 +0.24 4 

TVul 8.33 -0.05 -0.19 -0.09 6 

DT.Cyg 8.41 +0.12 -0.05 +0.12 6 

jJ 1 )or R4Y +0.01 +0.28 +0.01 -0.28 -0.43 -0.64 2 

!Jeep H.57 +0.06 +0.06 +0.30 +0.08 6 

-0.06 +0.06 -0.04 -0.10 -0.06 -0.49 5 

SUCas 8.73 -0.12 +0.04 -0.03 6 

(Gem 8,83 +0.34 -0.10 +0.14 -0.13 6 

+0.20 -0.15 -0.05 +0.03 7 

RTAur 8.96 -0.20 +0.16 -0.97 -0.98 -1.14 -0.56 1 

+0.06 -0.10 -0.10 6 

TUCas 9.02 -0.13 -0.08 +0.13 6 

RSPup 9.16 -0.07 +0.25 -0.09 6 

TMon 9.61 +0.12 +0.10 +0.38 -0.12 6 

+0.03 +0.07 -0.13 -0.03 -0.12 7 

+0.14 -0.03 -0.65 +0.05 +0.47 4 

RXAur 10.25 -0.37 -0.71 +0.44 +0.11 +0.54 4 

SVMon 10.87 -0.10 0.00 -0.10 -0.17 -0.10 7 

Source: 

1. Bappu & Raghavan (1969) 5. Van Paradijs (1971) 
2~ Rodgt(ts & Bell (1968 and references therein) 6. Luck & Lambert (1981) 
3,Sc~dl: {1971} 7. Present study 
4~ '~hi:nid~ Rosendhal & Jewsbury (1974) 
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Washington photometric system, determined photometric abundances of a large 
number of Cepheids covering a wide range of galaCtocentric distances (5 to 15 kpc). 
He derived an abundance gradient 
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(d [A/H])/ drgc = - 0.07. 

Janes (1979) obtained a gradient of - 0.05 from the DDO photometry of a large nutIl­
ber of K giants. Using the iron abundances derived from the earlier studies of super­
giants and Cepheids (LL; Luck & Bond 1980), Luck (1982) derived a radial abun­
dance gradient 

(d [Fe/H])ldrgc = - 0.~3 ± 0.03 

which is steeper than any abundance gradient determined so far. Pagel & Edmunds 
(1981) have questioned the use of supergiants for a determination of the radial abun­
dance gradient, since the atmospheric abundances of these stars could be modified 
due to miXIng with the interiors. The present investigation covers a larger range of ga­
lactocentric distances (6.7 -10.8 kpc) than that of Luck (7.7 - 10.6 kpc). Using the 
iron abundances and excluding (. Gem which is known to be metal rich for its posi ::ion 
in galactic disk, we derive the relation 

[Fe/H) = - 0.056 r gc + 0.53 
± 0.008 ± 0.007 

with a correlation coefficient of ;;- 0.97. This gradient is in close agreement with the 
ones derived by Janes (1979) and Harris (1981). This value also agrees with the one de­
rived from the total sample of30 points, inclusive of Luck's sample. Relatively smaller 
range in galactocentric distances covered by Luck (- 30 per cent smaller than our. 
range) and inaccuracies in the distance estimates for supergiants may be partly respon­
sible for this discrepancy. The metal-richness of t; Gem for its position in the solar 
neighbourhood can be explained in terms of its birthsite with respect to the density 
wave (Giridhar 1983). 

5.3 Variation oj [s/Fe] across the Disk 

The iron-peak nuclei are formed by explosive nucleosynthesis within supernovae 
whereas s-process elements are formed by slow neutron capture by heavy elements in 
the interiors of red giants. These two processes occur in different ranges of mass (2-4 
M0 for red giants a.nd 8 -15 MGJ for supernovae with the present uncertainty about 
wh~ther 4-8 Mr;; stars end as planetary nebulae or supernovae). Thus the abundance ra­
tio [s/Fe] at different times in the history of the galaxy and the variation of [s/Fe] across 
the galactic disk may provide important constraints on the theories of galactic evolution. 

For metal-deficient stars of the halo population, Spite & Spite (1978) found the s­
process element barium and - to a certain extent - yttrium to be overdeficient. This 
over-deficiency decreases when [Fe/H] increases a.nd becomes negligible for 
[Fe/H» - 1.5. 

From an analysis of a homogeneous group of old metal-poor F and G stars in the ga­
lactic dis~ Huggins & Williams (1974) found a correlation between [sIFe] and 
[Fe/H]. They interpreted this correlation as evidence that heaviers-process metals of 
the interstellar medium in the disk have increased more rapidly than the overall metal 
abundance, during the time interval covered by the formation of these stars. 

In the present investigation, we have determined the abundances of s-process ele­
ments Ba, La, Ce and Sm. These elements present themselves in very few lines in the 
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stellar spectra. This hct increases the uncertainty of the abundance estimates. The use 
of a composite s-process index 

N 
8 = l/Ni~ [s/Fe] 

has been suggested by Huggins & Williams (1974). These composite indices have the 
advantage of reduced scatter, thc:mgh the information about individual elements is 
lost. In Table 8 we give [Fc/H], lBa/Fe], [La/Fe], [Ce/Pe] and [Sm/Pe] for our pro­
gramme stars and the COlTlposite indices 

SI =t([Ba/Fe] + [Ce/Pe] + [La/Fe] + [Sm/Pc]) 

and 

S2 =t ([Ba/Pe) + [Ce/Fc] + [Sm/Pe)). 

For two of our stars, La abundances were not determined, so only 82 could be deter­
mined. 

We have plotted in Fig. 12 [s/Fc] and S2 as a function of galactocentric distance. A 
straight line fit to S2 and r g;c data yields 

S2= 0.018012 [r!!,c] -0.251 (n=5) 
± 0.02039 ± 0.182 

with a correlation coefficient r = 0.367. Thus, there is no significant trend between 82 

and the galactoccntric distance, implying that the rate of enrichment of s-process ele­
ments is essentially the same as rh:lt of [Pe /H]. We have plotted [s/Pe] as a function of 
[Fe/H] in Fig. 13. A straight-line fit so 82 and [Fe/H] data yields 

82 = - 0.008 [Fe/H] - 0.091 (n = 5) 
± 0.294 ± 0.037 

with a correlation coefficic:nt r""" - 0.013. Thns S2 and [Fe/H] are not correlated. 

In the simple model of galactic evolution based on the assumption of evolution in 
isolated well-mixed. zones with no initial enrichment, the abundance of s-process ele­
ments is predicted to vary as [Fe/Hf. With the inclusion of pron1.pt initial enrichment 
(PIE) to account for the observed narrow range of mctallicity distribution of G dwarf 
stars, the abundance of s-proccss clements are no longer expected to vary so fast; still, 
the predicted abundance variation f()~ s-proccss elements is faster than that for [Fe/H]. 
In other words, there should be a positive correlation between [s/Fe] and [Fe/H]. The 
correlation obtained by Spite & Spite (1978) and Huggins & Williams (1974) may fa­
vour the enrichment predicted by a simple model, but the absence of allY significant 

Table 8. Abuntlmc(' of S-prlKl'S'. dements in the Ccphcids. 

Star rgc [Fe/H] [Ha/Fc] [La/Fe] [ Ce/Fc] [Sm/Fc] S1 S2 

WZSgr 6.73 +0.15 0.0 -0.10 -0.25 -0.05 -0.10 - 0.10 
XSgr 8.13 +0.07 -0.09 -0.27 ...,027 -0.21 
(Gem 8.83 +0.20 -0.15 -0.05 +0.03 - 0.06 
TMon 9.61 +0.03 +0.07 -0.13 +0.03 -0.12 -0.04 - 0.005 
SYMon 10.87 -0.10 0.0 - 0.10 - 0.17 -0.10 -0.09 - 0.09 
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correlation for young disk stars cannot be explained by a simple model. 

Instead of a closed system, a model with steady infall of unprocessed material has 
been developed by Larson (1974,1976). In the infall models, the observed metallicity 
distribution can be explained without requiring an initial burst of massive stars (PIE). 
The infalling metal poor gas produces a dilution effect which counteracts the enri­
chment of ISM and hence an asymptotic variation of [s/H] and [Fe/H] are predicted. 
Thus the ratio does not change after [s/Fe], [sIH] and [Fe/H] reach their asymptotic 
values. The lack of correlation between [s/Fe] and [Fe/H] for the young disk stars 
found in the present investigation favours an infall model of galactic evolution. 

An alternative explanation can be based on the hypothesis of a variable initial mass 
function (IMF). Whereas Fe is produced in explosive nucleosynthesis in supernova 
explosions of massive stars, s-process elements are synthesized in: the intermediate­
mass stars. Thus [s/Fe] at a given time is related to the ratio of intermediate- to high­
mass stars. A comparison of [s/Fe] in old and young stars may provide useful informa­
tion on the variation of IMF in the course of galactic evolution. In a simple intuitive 
way, we can say that the fast enrichment of s-process nuclei in the old halo population 
stars is due to a steeper IMF at the time of formation of spheroidal population. After 
the fonnation of the disk, the IMF may have become flatter due to an increased metal­
licity and resultant efficiency in cooling of clouds. Hence the abundance of s-process 
elements for the disk does not show the steady enrichment as exhibited by halo stars. 
It should be borne in mind that the assumption of a constant IMF has been made in the 
models of chemical evolution of galaxies only out of ignorance on star forl11:ation pro­
cesses. The density wave can compress the cold gas clouds in the young disk and form 
massive stars. Such conditions may not exist' in the absence of a density wave. 

Clegg, Lambert & Tomkin (1981) have recommended the use of oxygen rather 
than iron as the primary elements relevant to s-process nuclei in the disc. More accur­
ate abundance estimates are required - both for oxygen and the s-process elements -
to verify such a correlation. 

5.4 Summary of Conclusions 

The major conclusions that have been drawn from the present study of the abun­
dances in Cepheid atmospheres are the following: 

(1) There is gradient in [Fe/H] in the disk between the galactocentric distances 6.74-
10.87 kpc. The value of the gradient -'O.056± 0.008 derived by us agrees with the 
general sample of Cepheids for which spectroscopic abundances are available, and 
also with the photometric gradients - 0.07 and - 0.05 derived by Barris (1981) 
and Janes (1979) respectively. 

(2) The s-process enrichment of the young galactic dis~ takes place at the same rate as 
the Fe enrichment, indicating that the high-mass stars are possibly formed at a hig­
her rate in the yOUl'l,g disk than in the halo, and probably, in the old disk. 

6. Discussion and future prospects 

In the present investigation, we have demonstrated a successful application of the me­
thod of spectrum synthesi~ in dealing with the problems of blending of spectral lines 
which has been a major handicap in conventional abundance determinations. For 
spectral types later than GO, the crowding of lines becomes increasingly severe. This 
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problem cannot be solved only by increasing t.he resolution. ~n a gi.ve~l spectral region; 
if the frequency of lines is larger than the reClprocal. of the .lme wIdth, all ~he sp>·(tr;:; 
lines of the region will be intrinsically blended and mcreasmg the res;)] ~;,;~)!l wIll not 
separate these lines. Also, in the case of elements like s-process elements vvhieh pres­
ent themselves in a very few and often blended fcanJtcs, the abundance determination 
at a dispersion of22.6 :\ ;'l;!l-l employed in the present investigation would bv(' bc,:ll 
an impossible task without the spectrum synthesis tcdulique. 

Our review of the existing spectroscopic abundances for Cepheids shows that 
spectroscopic abundances are kncwn only for 21 C:ep1·!cid~. The Cephe:ds stu.di~·ll 
spectroscopically prior to this investigation are brighter than visual magnitude 7.0, 
since higher dispersions were considered necessary. We have demonstr,~tcd that the 
synthesis method is applicable even at somewhat lower dispersion, thus enabling OllC 

to reach fainter and farther. The total number of Cepheids with tnp:;:;;:: 8.5 is aro~md 90; 
all these stars are well ,xi chin the reach of a medium-size telescope. 

In order to study the chemical evolution of the halo, 1l1etal-deficcnt high-\'c1oci ty 
stars are currently used. An abundance gradient perpendicular to the plane of the Ga­
laxywas discovered by Trefzger (1981). W Virginis stars which belong to the halo po­
pulation also follow their own period-luminosity relation. One can obtain a more ac­
curate distribution of chemical composition perpendicular to the galactic plane by uti­
lizing these stars for which accurate distances can be determined. 

Accurate abundance determinations require good models for line-forming regions. 
i.e., model atmospheres. A number of semi-empirical relations based on the limb-dar­
kening data have been constructed for the Sun. But for other stars only theoretical 
models are available. A straight-forward way of checking the adequacy of model 
atmospheres is by comparing the fluxes predicted by them at different w<;vl'kngths 
with the observed fluxes. Detailed comparisons for G-K stars show good agreement in 
general but there is a discrepancy in the ultraviolet region; the fluxes predicted hy 
theoretical models are higher than the observed ones. This difference becomes larger 
for red gaints. In the case of gaints the difference is proportional to the logarithmic 
metal abundance, and is negligible for population II stars (Gustafsson & Bell 1979). It 
is believed that the discrepancy arises due to an unconsidered opacity source which is 
sensitive to metallicity. Holweger (1970) had already suggested that a haze of \\reak 
spectral lines not included in the extensive line list used in the model atmosphere cal­
culation, could be a source of extra opacity. The effect on the temperature struc­
ture of this extra opacity as estimated by Gustafsson et al. U975) is - 100 K. 
An attempt to study these weak lines in laboratory spectra of iron should be 
undertaken. 

We have used the solar gf values for the lines used in the present investigation. 
These values are derived using solar equivalent widths and a good model solar atmos­
phere. However, in the list of wavelengths of solar lines (Moore, Minnaert & Houtgast 
1966), some lines remain unidentified. We omitted in our work the spectral regions 
with such unknown lines. Thus we had to leave out some of the important lines of s­
process elements due to the presence of unidentified lines in their close neighbour­
hood. Detailed laboratory investigations of a number of elements are required for the 
identification of such lines. . 

We have indicated a few steps which would lead to the determintion of accurate 
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abundances. The importance of accurate abundance determination need hardly be 
exaggerated. A radical change in the understanding of nucleosynthesis in stars and of 
chemical evolution of the Galaxy may appear when very accurate abundance esti­
mates for stars of different age groups are available as a function of their galactocentric 
position. 
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