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Summary

Hydrogen-deficient stars are divided mainly into three groups based on their carbon abun-
dance — the carbon normal group, the carbon rich group, and the carbon strong group.
The carbon rich group, which shows C/He ~ 1% by number, is further sub-divided into
hydrogen-deficient carbon stars, R CrB stars, extreme helinm stars, and helium sub-dwarf
O stars. The position of these stars in the log g-log 'I.¢ plane indicates that their pro-
genitors are probably of low and intermediate masses. The evolutionay link within this
group is not yet well-established. In this thesis we study the chemical composition of the
atmospheres of these stars with a view to exploring the possible evolutionay link between
R CrB stars, cool extreme helium stars, and hot extreme helium stars and their kinship
with other post-AGB stars.

The thesis consists of seven chapters, each with several sections and subsections. In
the first chapter we give a general description of the various groups of hydrogen-deficient
stars, and discuss the evolutionary sequence of low and intermediate mass stars as these
are probably the progenitors of hydrogen-deficient stars. We also discuss briefly the
nucleosynthesis taking place in the star, and the various stages during which the processed
material is brought to the surface during the course of its evolution. The two scenarios —
final helium shell flash and merging of two white dwarfs — which are proposed to explain
the formation of hydrogen-deficient stars and their observed chemical composition are then
reviewed. We deseribe the observations, the data reduction procedure, and the details
followed in the spectral line identification in Chapter 2. A brief description of the model
atmospheres of normal and hydrogen-deficient stars, and an overview of the construction
of hydrogen-deficient model atmospheres used in our abundance analysis are presented in
Chapter 3. The abundance analysis procedure followed in the present work is discussed in
detail in Chapter 4. In Chapter 5, we present an investigation of the emission line spectra
of MV Sgr, and discuss the results. In the following chapter we make a comparison of
the derived elemental abundances of R CrB, and cool and hot extreme helium stars, and
present an interpretation of the derived elemental abundances and their implications in
the context of nucleosynthesis and evolutionay scenarios. [Finally, the conclusions are

summarized in Chapter 7.
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Chapter 1

Introduction

1.1 The hydrogen-deficient star groups

All stars begin their lives converting hydrogen to helium inside the core and settle on
the main sequence, where they spend a substantial fraction of their life-times. During
their subsequent evolution, which proceeds at a much rapid rate, heavier elements, syn-
thesized deep inside the cores through various processes, are dredged-up and mixed with
the original hydrogen-rich photospheric maierial at varying degrees. Almost all stars have
hydrogen as the major constituent of the photosphere through out their hves. However,
there exists a small group of fascinating objects which do not conform to these norms,
the hydrogen-deficient group.

Hydrogen-deficient stars consist mainly ol helium; the other elements, which are re-
ferred to as trace elements, are present only in small quantities. The carbon content in
these stars is more, when compared to solar type stars. Their photospheres show little or
no evidence of the presence of hydrogen; hydrogen is underabundant by a factor of 10°
or more in their photospheres. In the hydrogen dominated universe, it is of great interest
to determine the stellar physics that governs these ohjects and the sequence of evolution
that lead to their formation.

The discovery of the group of hydrogen-deficient stars may be traced hack to May 1795,
more than two centuries ago when Edward Pigott (Pigott 1797) discovered the variability
of the R Coronae Borealis (R CrB). He noticed the disappearance and subsequent re-

appearance of a star, later named R CrB, in the constellation Northern Crown (Latin:



Corona Borealis).

Ludendorff (1906) was the first to notice that the Balmer line Hy is weak in R CrB.
Berman’s (1935) ploneering analysis of R CrB showed that carbon is overabundant (69%)
and hydrogen is deficient (27%) in R CrB. The first hydrogen-deficient, helium star HD
124448 was discovered by Popper (1942). He reported the absence of hydrogen lines and
the presence of sharp and strong helium lines, along with lines of C II and O II in its
spectrun.

Presently, several distinct groups of stars that exhibit hydrogen-deficiency are recog-
nized (Drilling 1996): cool hydrogen-deficient carbon stars, R CrB stars, extreme he-
lium stars, hydrogen-deficient subdwarf O and B stars, non DA-white dwarfs, hydrogen-

deficient binaries, intermediate helium stars, Wolf-Rayet stars and Type [ supernovae.

1.1.1 R CrB stars and cool hydrogen-deficient carbon stars

The R CrB stars are variables which undergo declines in light by as much as eight mag-
nitndes in a few weeks at irregular intervals. The relatively rapid decrease is followed by
a slower return to maximum light, where the star spends most of its time. The char-
acteristic deep declines are thought to he due to random episodes of dust formation in
the stellar envelope (Loreta 1934; O'Kkeefe 1939; Woitke et al. 1996). As the dust cloud
is pushed far from the star by radiation pressure, it obscures the photosphere and also
induces changes in the observed spectrum. These stars at maximum light show F-G
Ih type spectra with strong carbon features except the CH bands, and weak or absent
Balmer lines. Lambert and Rao (1994) have presented a list of 32 R CrB stars, which
is essentially a revised version of that given by Drilling and Hill (1986). In addition to
several R CrB stars, the list of Drilling and Hill (1986) also contains five cool hydrogen-
deficient carbon stars (Hd(C), which are spectroscopically similar to R CrB stars (Warner
1967; Schonberner 1975; Cottrell and Lambert 1982; Lambert 1986). In these stars large
declines 1n brightness have never been observed; Kilkenny, Marang and Menzies (1983)
have, however, observed small amplitude light variations similar to those shown by some
R CrB stars at maximum light. There are three stars, V348 Sgr, MV Sgr and DY Cen,
which have heen observed to undergo R CrB-type light declines; these stars, however,
show absorption spectra similar to those of the extreme helium stars rather than R CrB

stars, and are classified as “ hot R CrB ” stars.



1.1.2 Extreme helium stars and hydrogen-deficient binaries

The extreme helium stars (EHe) are characterized by strong lines of He 1, and weak or
absent Balmer lines (Hunger 1975). The spectra of EHe stars also show lines of C 1I,
C III, N II, O II, Al 11, AL 11, St I 51 THL S I, S IT ete.

The catalog of Luminous Stars in the Southern Milky Way (LSS) by Stephenson and
Sanduleak (1971) was the result of Case-IHamburg OB star surveys. The catalog lists 5132
OB stars and supergiants of spectral types B6 - (32, identified on Kodak IIa-O photographic
plates taken with the Curtis Schmidt Telescope and UV-transmitting objective prism at
the Cerro Tololo Inter-American Observatory. The instrumental setup yielded a resolution
of about 4 A at Hy, which allowed rough MIK types to be assigned to supergiants of spectral
types B6-G2. The OB stars, which show uearly continuous spectra, were classified as
OBT, OB and OB~ in the order of increasing Balmer absorption-line strength. The six
earlier catalogs of Luminous Stars in the Northern Milky Way (LSI - LSVI) were based
on similar objective-prism plates taken with the large Schmids telescopes at the Hamburg
Observatory (Drilling and Bergeron 1995). Altogether these surveys cover the entire disc
of the Milky Way down to photographic magnitude 12 (galactic latitudes + 10° for [ =
+ 60°, except in the case of LIV, where the coverage in galactic latitude was extended
to £ 30°). At the resolution (=4A) employed in the Case-Hamburg OB star surveys, the
spectra of KHe stars have nearly fealureless appearances, and hence are classified as OB*.
It has thus been possible to obtain a complete sample of EHe stars down to photographic
magnitude 12 by observing all of the OB* stars in the Case-Hamburg-LSU surveys, which
cover the entire galactic disc, and their extension to b = £ 30° for [ = £ 60° at a resolution
of 2 A or better (Drilling 1987; Drilling and Bergeron 1995). Eleven new Elle stars were

discovered as a result, of this survey. Before this survey, only six “classical” EHe stars

were known. MacConnell et al. (1970, 1972) discovered two more EHe stars during an
objective-prism survey. Altogether there are 19 Elle stars listed in Jeffery et al. (1996)
excluding subdwarf O stars (sdO) and hydrogen-deficient hinaries (HdB).

The four hydrogen-deficient binaries, v Sgr, KS Per, HDE 320156 and CPD 58° 2721,
have spectroscopic characteristics extremely siinilar to EHe stars. These systems have
orbital periods between 30 and 360 days and show late-B type spectra. These are single-
lined spectroscopic binaries and according to Drilling (1986), they differ from single EHe
stars in the following ways:

1. considerably high, photospheric abundance ratios of nitrogen-to-carbon,



2. strong Ho emission in their spectra,

3. a large infrared excess,

4. radial velocities very close to those expected for circular orbits about the galactic center,
and

5. the distances from the galactic plane less than 200 pc.

1.1.3 Hydrogen-deficient subdwarf O and B stars

The number of known helium rich subdwarf O (sdO) and hydrogen-deficient subdwar{ I3
(sdB) stars has increased as a result of various surveys. The sdO and sdB stars are clas-
sified into different subgroups based on two parameters: the strengths of the He I lines

relative to that of He I'lines and the strengths of the Helines with respect to that of H lines.

1. sdB stars: These objects are characterized by small He [I/He 1. Sargent and Scarle
(1968) originally defined a sdB star as “ a star which has colours corresponding to those of
a B star and in which the Balimer lines are abnormally broad for the colour, as compared
to Population I main-sequence stars. Some, but not all, sdB stars have He [ lines that
are weak for their colour.” Green et al. (1986) have sub-divided the classical sdB’s into
three subclasses and added a fourth subclass. Since these four classes of sdB stars difler
in the strengths of the He I [ines relative to 1, Drilling (1996) proposed that they be
called sdB1, sdB2, sdB3 and sdB4 in the order of increasing He I/H.

2. sdOB stars: These objects have intermediate He 11/He I Two classes have heen

identified sdOB1 and sdOB2 based on the strength of hydrogen Balmer absorptions.

3. sdO stars: Objects belonging to this subgroup display large He I /He [. Two classes
have been identified, sdO1 and sd02, based on the strengths of the Balmer absorption

fines. A number of sdQ stars are known to be central stars of planetary nebulae.

1.1.4 Non DA-white dwarfs

White dwarfs can be classified into two distinet spectroscopic sequences. The majority
are hydrogen rich (type DA) and can be found starting with effective temperatures 'y

> 100,000 K all the way down the white dwarf cooling sequence. The rest are hydrogen-



deficient (type non DA). Non DA-white dwarfs are helium rich and comprise DO (T
> 45,000 K), DB (11,000 < T.;; < 30,000 K) and DC (T.f; < 11,000 K) white dwarfs
(Liebert 1986). The spectral appearance of the helium rich white dwarfs is determined
by the lonization balance of the helium plasma depending on the effective temperature
of the star. The DQO’s display a pure He Il line spectrum at the hot end and a mixed
He I/He Il spectrum at the cool end, while DB’s are characterized by a pure He I line
spectrum. An effective temperature below ~ 11,000 K is too low to excite He [ lines,
making the DC’s featureless white dwarls. Those DO’s with detectable traces of metals
are denoted by DOZ. At the highest effective temperatures the DO’s are connected to the
helium-, carbon- and oxygen-rich PG 1159 stars (also denoted as DOZ by Wasemael et

al. 1985), which are the proposed precursors of the DO white dwarfs.

1.1.5 Intermediate helium stars

The spectra of intermediate helium stars are similar to those of normal stars of MK
spectral type B2V, but show abnormally high He I/11 line intensity ratios ranging between
those of normal stars and unity (Walborn 1983; Hunger 1986). Walborn (1983) concludes

that the intermediate helinm stars are primarily young, massive stars of Population 1.

1.1.6 Wolf-Rayet stars

Wolf-Rayet (W-R)) stars were first detected by Wolf and Rayet (1867) due to the presence
of strong emission lines in their spectra. These are massive stars that have evolved very
fast with extensive mass loss. They have blown away most of their outer H-rich envelope
exposing the matier that has cither experienced complete hydrogen burning, or partial
helium burning. The unusual line ratios in W-R spectra indicate thal the atmospheres
ol these stars have compositions far different, from solar (Smith 1973; Conti et al. 1983;
Crowther et al. 1995abe; Koesterke and Hamann 1995; Hamann et al. 1995). Many of
the W-R stars have no detectable hydrogen emission; those that do, have a H/He ratio

less than the solar value by a lactor of two or more. The W-R stars fall into three classes:

[. WN stars: The spectra of these stars are dominated by the emission lines of He and
N. Carbon emission is also seen, while emission or absorption features due to hydrogen

are readily detected in some stars. In the Galaxy approximately half of the W-R stars



within 2.5 kpc of the Sun are of this type, but in the LMC they comprise approximately
80% of the W-R stars known (Massey and Armandroff 1991). In these stars we are seeing
the products of the CNO cycle at the surface. Thus the stars are deficient in H, C and
O and rich in He and N. The N/He and /N ratios deduced are consistent with those
expected from CNO burning (Crowther et al. 1995b). It is believed that the progenitors

of WN stars are less massive than those of W(C stars.

2. WC stars: The spectra of the stars belonging to this group are dominated by emis-
sion lines due to He, C, and O. No hydrogen emission has heen detected. They constitute
roughly 50% of the W-R stars known in our galaxy. In these stars we are seeing the prod-
ucts of helium burning at the surface. The C0/He mass fraction in these stars is typically

greater than 0.1, and may approach unity (Hillier 1989; Koesterke and Hamann 1995).

3. WO stars: Only 5 of these stars are known (Kingshurgh et al. 1995). The sequence

is distinguished from WC stars by the presence ol strong O VI A\ 3811, 3834 emission.

The W-R stars discussed above are high mass stars and belong to Population 1. Among
the central stars of planetary nebulae (CSPN), which are low mass, Population I objects,
there are two groups: hydrogen-rich and hydrogen-deficient (Mendez 1991). The difference
in the surface abundances is because the hydrogen envelope is present in the former group
while il is virtually lost in the latter group. The hydrogen-deficient CSPN show Wolf-
Rayet type spectra, identical to type W, and are designated as [WC].

1.2 Carbon abundance in hydrogen-deficient stars

The number of hydrogen-deficient stars studied has tremendously increased in the last 12
years, thereby a need arose to group these stars into different categories and to study the
evolutionary aspects. Hydrogen is depleted in these stars; the hydrogen abundance may
vary by several orders of magnitude from star to star, which makes it difficult to group
these stars based on their hydrogen abundance. If the grouping of low-mass hydrogen-

deficient stars is done based on the carbon content, three distinct groups emerge (Jeffery
1994):



(i) The carbon-normal group: This group consists of stars of different types, like the

HdB and the helium-rich sdB stars, and does not appear to have carbon enrichment.

(i1) The carbon-rich group: This group comprises R CrB stars including the hot R CrB
stars, Hydrogen-deficient carbon stars (HdC), Extreme Helium stars (EHe) and helium
sub-dwarfs OF (He-sdO*) stars. The carbon-to-helium ratios by mass cluster around
1%, (except for MV Sgr which shows C/He of = 0.1%), and all other heavier elements,
including nitrogen and oxygen, are present only in traces.

(iit) The carbon-strong group: The carbon-strong group includes Wolf-Rayet central
stars of planetary nebulae, PG 1159 stars and O(C) stras. PG 1159 stars, which are
pulsating white dwarls (McGraw et al. 1979), are also sometimes associated with PN
(eg. NGC 246). O(C) stars are spectroscopically very similar to PG 1159 (Leuenhagen
et al. 1991). The carbou-to-helium ratio by mass is > 10%, and also oxygen can be quite
strong, O/He & 0.1. The evolutionary sequence within this group, most likely, is from

cool to hot (Schonberner 1996).

1.3 Evolution of low and intermediate mass stars

The positions of hydrogen-deficient stars in the log g-log Tess plane indicate that the
progenitors of these stars are probably of low and intermediate masses. Hence, before
discussing the formation of hydrogen-deficient stars, we will present a brief outline of the
evolution of low and intermediate mass stars. One of the major issues in the study of
hydrogen-deficient stars is this: at what stage during the course of evolution does the
hydrogen-deficiency occur (if at alll)?

All single stars spend most of their life burning hydrogen in their cores (a2 10'? years
for a IM,, star, & 10® years for a M., star; Bowers 1984). Once hydrogen is exhausted in
the core, the star leaves the main sequence, crosses the Hertzsprung gap and ascends the
Red Giant Branch (RGB) with hydrogen burning in the shell (see Fig. 1.1). At the tip of
the RGB the star ignites the helium in the core. The ignition happens under degenerate
conditions for stars less massive than 2.3Mg,, while [or more massive stars the core simply

reaches a-temperature sufficient for helium burning by the triple-alpha process.

10
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Figure 1.1: Evolutionary tracks for IM,, and 5Mg, stars plotted on the log(Tess)-
log(1./L) plane (reproduced from Ihen 1934, 1985). The dotted line represents the Zero
Age Main Sequence labelled as ZAMS. A “h.” means ‘heging’. ‘PNN’ stands for ‘Plane-
tary Nebula Nucleus’, while ‘FF?* stands for ‘Final Flash’. The Central Stars of Planetary
Nebulae (CSPN) of 1.34M,, might continue to hecome a white dwarf or might undergo a
FI" event. For 0.65M ., we have traced the born-again evolution although not all remnants

of that mass become born-again (see text).

The helium-burning in the core produces carbon and oxygen. Once the helium in the
core is exhausted, the carbon-oxygen core contracts increasing the pressure and temper-
ature of the overlaying layers. Now heltum ignites in a shell near the core while hydrogen
shell is pushed out and extinguished. The star at this stage has a carbon-oxygen de-
generate core, which is not burning, a helium shell source, and a hydrogen shell which

is not ignited. These layers are protected by a large hydrogen-rich envelope into which



the products of the previous nucleosynthesis have heen mixed by the first and/or second
dredge-ups (Becker and Iben 1979; Iben and Renzini 1983). The star at this stage is
near the base of the Asymptotic Giant Branch (AGB; I &= 10-2000Lg, Tesr &~ 4000 K),
the Early-Asymptotic Giant phase (E-AGB). As the helium shell source dumps its ashes
on to the helium-exhausted core, its mass increases (Paczynski 1971) causing an increase
in luminosity at virtually constant temperature. The star simultaneously expands and
acquires a giant structure for the second time.

When hydrogen shell is re-ignited the star enters the double shell (helium and hydro-
gen) source phase, called the thermally pulsating AGB phase (TP-AGB). During this
phase, near the tip of the AGB, the star experiences a series of thermal pulses due to
the helium shell undergoing sudden thermonuclear runaway episodes. The number and
frequency of these episodes depend on the mass of the star, although it is not clear exactly
what relationship ties these quantities (Iben 1975). Nor is it clear just how much mass is
lost, during the AGB (Reimers 1975; Iben and Rood 1970; Knapp et al. 1982). AGB stars
are optically obscured by the dust shells, whigh are formed by the enormous amounts of
material that is lost by these fairly cool objects. Based on the properties of circumstellar
dust, an estimation of the amount of mass lost during the AGI phase is possible.

The mass loss rate continues to increase towards the end of the AGB phase. During
this phase the H-rich outer envelope is essentially lost. The large mass loss, which is via
a powerlul stellar wind (Bowen and Willson 1991), prevents the core {rom reaching the
Chandrasckhar limit (1.4Mg,) before carbon ignites under degeneracy conditions. When
the envelope mass is the order of 1072M..,, the AGB phase is terminated (Hayashi limit),
and the star (stellar core) evolves along a constant luminosity track across the H-R dia-
gran. Simultaneously the velocity of the stellar wind, which imparts momentum to the
dust particles in the envelope, increases, and the circumstellar material ejected previ-
ously is swept up. Soon the stellar temperature is sufficiently high enough to excite the
surrounding gas 1o produce a planetary nebula (PN).

Eventually all nuclear burning ceases and the remnant continues to contract and cool.
As the core mass does not exceed the Chandrasekhar [imit for low and intermediate mass
stars, the stellar relic ends up as a degenerate star. This is the beginning of the evolution
of a white dwarf (WD) shining only dimly due to the heat radiating out. The star has

reached its final fate when ultimately not even this energy source provides any luminosity.
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1.4 Photospheric chemical evolution

One of the most important tracers of stellar evolution is the photospheric chemical content
of the star. The nucleosynthesis takes place alternately in the core and in the shells sur-
rounding the core, during the course of its evolution. There are mainly three stages, called
the dredge-up phases, during which the products of core and shell-burning are brought
to the surface of the star by convective mixing. Thus the study of the chemical content
of the photosphere, the only region accessible for observations, will give us information
about the location and evolutionary status of these stars in the H-R diagram.

We limit our description to the chemical evolution of low to intermediate mass stars,
or in other words, those objects which are thought to end their lives as cooling white
dwarfs.

First dredge up: During the ascent on the red-giant branch, the convective envelope brings
material, which was subjected to hydrogen shell burning via the CNO-cycles, to the pho-

tosphere:
P y) PN () PO,y ) N (p, 1) PO(BT 1) PN (p, o) 20
PN ()0, V)T (BT TO(p, o) N

The MN(p,y)P0 reaction has the lowest cross-section, which iimplies a net increase in
N at the cost of ¢ and O. The total sum of CNO nuclel remains constant. Also an
increase in (/12! ratio occurs in the hydrogen burning layers. 3¢’ ion also serves as a
neutron source via PC{a,n)'0 during a later stellar evolutionary phase of He burning.
The outcome of first dredge up is an increase in N ab the expense of C, while He and O
remain unchanged. This is rather well established by theory and obervations (Iben, 1991
and references therein).

Second dredge up: This phase of mixing happens during the ascent from the horizontal
branch towards the AGB. Again the material from the hydrogen burning shell is brought
to the surface of the star yielding basically the same enhancement as during the first
dredge up and also an enhancement in the helium abundance (Becker and Iben, 1979).

Third dredge up: The main nucleosynthetic process and energy source during a thermal

pulse is the 3a-process, 3o — 2(7. As the ensuing reaction 2C(a,y)'*0 is slower, the
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final 12C7 /'O ratio by mass becomes about 2 (Iben and Renzini, 1983). Subsequent -
captures on *C' may also generate o-clements like Ne, Mg, Si and S. The rate of this
reaction is not well determined and is responsible for one of the most important uncer-
tainties in nuclear astrophysics. The abundances of medium mass elements and 120 /%0
ratio depend critcally on its determination (Weaver and Woosley 1993; Wallerstein et
al. 1997). 'T'he other important nucleosynthetic processes happening in the He burning
episodes of an AGB star involve neutron production. The two main neutron sources are
the 2Ne(av,n)** Mg and the ¥C(q,n)'%0 reactions. *2Ne is the result of successive a-
captures on "N, while '3C" is synthesised by hydrogen CNO burning. 2Ne(an)B®Mg
reaction is thought to be the main source of neutrons in more massive AGB stars, while
BC(q,n)'?0 is more important in low mass objects (Iben and Renzini 1983; Gallino et
al. 1989). The * Ne and *C jons are mixed to the helium burning layer during a ther-
mal pulse and the free neutron can be captured by Fe seed nuclei, resulting in s-process
isotopes.  The prodiice of a thermal pulse can become visible only when the material
subjected to helium burning and neutron capture process is brought to the surface during
the third dredge up. A net increase in He, an increase in C, N and O, an enhancement of

s-process elements and probably an increase in a-isotopes are expected.

1.5 Models of the hydrogen-deficient stars

Two scenarios are put forward 1o explain the formation of HAC, R CrB and EHe stars:
(1) merging of two white dwarfs, also known as the Double Degenerate scenario, and
(i1) final heliume-shell flash in a single Post-AGB star which bloats the star to giant di-

mensions, also known as the born-again scenario.

1.5.1 The Double Degenerate scenario (DD scenario)

The DD scenario tries to explain, in particular, the formation of R CrB and EHe stars.
From the knowledge of binary star evolution it is expected that a small fraction of binary
systems evolve finally into a pair of degenerate white dwarfs, consisting of either two he-
lium white dwarfs or one carbon-oxygen white dwarf, surrounded by helium and hydrogen
layers, and one helium white dwarf, which is less massive than the carbon-oxygen white
dwarf. Angular momentum losses via gravitational wave radiations reduce the separation

of both components, resulting in the shrinking of the orbit. The merging is expected to
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take place until the lower mass component fills its Roche lobe and transfers material to
the heavier mass component and in the process gets totally disrupted and engulfed by the
companion. Subsequently, the merged star undergoes helium shell burning that might
result in an expansion of its envelope to red giant dimensions, which might last up to ~
10° years. These ideas were put forward by Webbink (1984), Iben and Tutukov (1985).
In addition the condition that the core mass of the merged system is less than 1.4Mg has
to be maintained. The calculations of such a merging process by Iben (1990) also show
that the resulting helium shell burning supergiants of low mass and high luminosity could
last for a considerable length of time (10* - 10% years). In this scenario, the coexistence of
high abundances of C and N at the surface of R CtB stars is explained by invoking some
mixing between the C-O WD which contains C but no N, and the He WD which contains
N but no C. The mixing takes place possibly at the time of merging (Iben and Tutukov
1985). In the above mentioned scheme, it is not clear whether a surface C/O > 1 would
result. The advantages of this scenario are the generation of low mass helium supergiants
with rather long lifetimes, and the ability to account for the absence of *C, since such
an isotope is virtually absent in both merging WDs. But, it is hard in this scenario to
account for the surface abundance of H and Li, and perhaps also C observed in R CrB
stars.

The DD scenario implicitly assuines the existence of sufficient number of C-O + He
WD pairs close enough to merge in a time less than the Hubble time. Survey by Bragaglia
el al. (1990) indicate that perhaps 10% of WDs are DD systems, but their relatively long

periods make them to take many Hubble times to merge.

1.5.2 The Final helium-shell Flash scenario (FF scenario)

[nstead of continuing its evolution towards white dwarf, a post-AGB star may move
towards AGB again due to a [inal Ilelium-Shell Flash, occuring on the white dwarf
track (Fujimoto 1977; Schénberner 1979). In this model about 10% of all the post-AGB
stars are predicted to experience a final helium shell flash, after the hydrogen shell has
extinguished, and while the star is moving towards WD stage. During this phase, the
convective shell generated by the FF may ingest the residual surface hydrogen of the
post-AGI star. The hydrogen ingestion provides enough energy to expand the upper half
of the convective shell to a giant (R CrB) size (Iben and Renzini 1983 and the references

therein). The duration of the bright post-ingestion phase is about 10% of the typical
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bright post-AGB phase. Perhaps, during 10% of this time (post-ingestion phase) the star
1s large enough to be called a giant, while during the rest of the time it is a hot helium
star or a hot Post-AGB star with WR spectral characteristics; this suggests that 1 out of
every 1000 post-AGB stars might exhibit R CrB characteristics.

In the above scenario, the R CrB-surface composition is expected to result in the fol-
lowing way. Aloug with hydrogen, some *He will also be ingested in the convective shell,
as this isotope is expected to be present in nearly one part in thousand by mass in the
envelope of low mass evolved stars. The reaction *He(c,y)"Be(e™r)7Li will soon convert
3He to “Li via electron capture, a process commonly known as Cameron-Fowler process
(Cameron and Fowler 1971). The ability to account for the presence of lithium in some
R CrB stars is one of the attractive features of FI' scenario. The precise proportion of *3C
and YN produced by the reaction chain "2C(p,y)'"*N(eT1)*C(p,v)!*N operating at the
base of the outer convective shell will depend on the actual C/H ratio, which is around
unity. A large abundance of 1*C! is expected, with the 2C/13C ratio not too far from the
equilibrium value, & 3.5. This does not, however, explain the reported absence of isotopic
Swan bands in R CrB stars. Recent studies of Sakurai’s object, which is believed to have
experienced the [inal He-shell flash, show isotopic bands of the Swan system, "2C/PC ~
5 (Lambert et al. 1999). The absence of (! in R Crl3 stars may be due to the operations
of the reaction C(a,n)'*Q. Calculation by Iben and McDonald (1995) shows that once
all the hydrogen is virtually burned (ingested) in the upper shell (hydrogen shell source),
the two convective shells (hydrogen shell source and helium shell source as described in
section 1.3) reconnect. The products of hydrogen burning (**C and "N) are convected
to the hot, still helium bhurning base of the reconnected shell. Once the *C-rich material
has reached a temperature &2 1.5 x 108 K, the reaction C(a,n)®0 operates, liberating
again a lot of energy, and a second shell splitting episode could take place. Now *C might
burn at the base of the upper shell, while helium continues to burn at the base of the
lower shell. [n this way *C can be efficiently removed from the upper shell. The reaction
B (e,n) 0 operates at a lower temperature compared to the a-capture reaction on N,
which saves the YN from being distroyed at the cost of (. Eventually the flash dies
out, the lower convective shell disappears, and the surface is lefi rich in *He, *C, N,
possibly with residual traces of unburned hydrogen and 7Li, similar to the composition
we observe in R CrB stars. The neutrons produced by the a-capture reaction on '*C,

could be captured by *N. Those neutrons which escape nitrogen-capture will produce
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enrichment of s-process elements, as observed in R CrB stars (Rao and Lambert 1996).

The FF scenario still faces the challenge to explain successfully: (i) the expansion of
the carbon-rich intershell region to 50-100Re, (i) duration of the R CrB phase, once red

giant dimensions have been achieved, and (iii) the very special surface composition of

R C:B stars.

[t is encouraging to find three objects that substantiate FF scenario; these are the
famous old PNe A30 and AT78, and the false-nova V605 Aql. Recent obervations of two
more objects, FG Sge (Gonzalez ct al. 1998) and Sakurai object (Asplund et al. 1997),

also support the FF conjecture.

The two scenarios described above have theoretical and observational flaws and need a
more comprehansive study. The study by Rao and Lambert (1996) indicates that R CrB
stars can be grouped uto two classes-minority and majority, based on the abundance
ratios Si/Fe and S/Fe, which are non-solar. The majority class R CrB stars shows lower
Si/Fe and S/Fe ratios, as compared to the minority class. The two classes may be the
outcome of the two scenarios suggested for the formation of R CrB stars. Lambert and
Rao (1994) earlier speculated that large S/ e and Si/Fe ratios could result from rp-process
due to the merger of two white dwarfs. In all probabilities, both evolutionary scenarios

might be responsible [or the formation of hydrogen-deficient stars.

1.6 Aim of the thesis

The observed surface composition offers a unique opportunity to study the nucleosynthe-
sis that had occurred deep inside the stars in the past and to test our understanding of the
energy-providing reactions. Fine analysis of the spectra using appropriate model atmo-
spheres enables one to obtain reliable surface abundances, surface gravities and effective
temperatures. Farlier abundance analyses ol hydrogen-deficient stars were mainly based
on coarse-analysis or curve-of-growth method. The first self-consistent spectroscopic anal-
yses using hydrogen-deficient model atmospheres for the classical B-type, EHe star HD
124448 (Popper’s star) and for three R CrB stars were performed by Schonberner and
Wolf (1974) and Schénberner (1975), respectively. The above analyses provided quanti-
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tative estimates of hydrogen-deficiency and overabundance of helium and carbon in these
stars.

EHe stars can be roughly grouped into two sequences, one with log(L/M)~4.5 and
the other with log(L/M)~3.7, when plotted in the log g-log T.r; plane. Their surface
temperature ranges from 8000 K to 30,000 K. Some of the EHe stars show low amplitude
photometric and radial velocity variations with periods ranging from a few hours to a
few days. EHe stars have the following abundances: ng. = 0.99, ng = 0.01 and ngy <
0.001; nitrogen is enriched relative to iron, when compared with the solar abundance, 0.4
< [N/Fe] < 1.2; oxygen abundance relative to iron lies in the range, [O/Fe] = —0.6 to
0.8; the mean silicon and sulphur abundances relative to iron are {Si/Fe] ~ [S/Fe] ~ 0.4
(Jeffery 1996).

R CrB stars also lie along a line which represents the locus of constant log(L/M) in
the range 3.5 to 4.5, when plotted in the log g-log T'.ss plane. Most of the R CrB stars
Lie in the temperature range 5000 K to 3000 K, and show radial pulsations with periods
~ 40 days. The pulsation amplitudes are larger compared to EHe stars. R CrB stars
exhibit a range in hydrogen deficiency (ny < 0.001), and possibly have C/He & 1%. The
iron abundance is a very important indicator of the different populations, and hence of
age. The minority class and majority class R CrB stars show a linear relation in S1/Fe
~ S/¥e ratios. The majority class R CrB stars have lower [Si/Fe] ~ [S/Fe] ~ 0.6 ratios
when compared to the minority class. [N/Fe] & 1.6 for the majority R CrB stars. The
s-process elements relative to iron are overabundani, in R CrB stars with respect to solar
abundance (Lambert et al. 1999).

Hydrogen deficiency, luminosity-to-mass ratio, C/He, and abundance pattern suggest
a possible link between the two sub-groups, R CrB3 and Ele stars.

ln a tentative evolutionary chain (IIdC—R (rB —EHe —He-sdOt—non DA-white
dwarfs), TIdC/R CrB stars are seen as precursors of hot R CrB /Ele stars; these then
evolve to the He-sdOb stars and then to non DA-white dwarls (Jeffery 1994; Schonberner
1996 and references therein), if one goes by their location in the log g~log Tess plane and
the assumption that they evolve towards hotter temperatures. The evolutionary chain
mentioned above within the carbon-tich group, proposed by Jeffery (1994), is not well
established. In the carbon-rich group a few sub-groups exist, and the interconnections
between these sub-groups are yet to be established.

A group of four hydrogen-deficient stars classified as EHe stars of intermediate temper-
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ature (8000 K - 13,000 K) are available in the list provided by Jeffery et al. (1996). These
stars overlap with R CrBs in temperature, but do not undergo the light decline which
1s typical of R CrBs. They possibly represent an intermediate stage in the evolutionary
sequence, R CrB - hot [EHe stars. These stars, however, show low amplitude photometric
and radial velocity variations with periods which are larger than that of hot EHe stars,
but smaller than that of R CrB stars (Lawson et al. 1993). Two of these intermediate
group stars (FQ Aqrand LS IV -14° 109) that have been analyzed spectroscopically were
found to be similar to R CrB stars in their photospheric abundances and L/M (Rao et
al, 1996; Lambert et al. 1999). These two stars fall on the line of constant L/M, along
with R CrB stars and hot EHe stars when plotted in the log g-~log T.ss plane, which is
equivalent to the H-R diagram. Lines of constant [./M in the log g and log Tess plane are
representative of the evolutionary tracks of giants contracting towards the white dwarf
sequence. The location of these stars across the H-R diagram implies that these are gi-
ants expanding towards or contracting away from the red limit, which occurs at constant
luminosity (Jeffery 1996 and the references therein).

Since it is likely that the intermediate temperature Ele stars are evolutionarily linked
to the R CrB3 and hot Elle stars, it is quite possible that they are transition objects
evolving either to hot Elle stars or to R CrB stars. The main objective of the present
work was to carry out an extensive abundance analysis of these intermediate temperature
stars and to explore whether they exhibit abundance characteristics that lie in between
those of R CrB and hot EHe stars. Fine analyses of the spectra of these stars with ap-
propriate model atmospheres give us estimates of Togg, log g, and photospheric elemental
abundances that may provide continuity and connections with properties of R CtB and
Elle stars and thus might suggest evolutionary connections. Most of the R CrB stars
show enhancement of light s-process clements, like Y and Zr, over the heavy s-process
elements, like Ba and La, when compared with the solar abundance. This suggests neu-
tron exposures Lo stellar material with composition different from that of solar (Rao and
Lambert 1996). The photospheric elemental abundances of the intermediate temperature
[8He stars, in particular, the s-process elemental abundances, are not explored so far. The
abundance ratios S/Fe and Si/Fe when combined with the s-process elemental abundances
provide additional clues to examine the possible evolutionary links between these objects,
hot EHe stars and R CrB variables. The abundances of s-process elements might also

provide us with additional clues to establish the kinship with other post-AGB stars.
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MV Sgr, one of the three stars classified as hol R CrB stars, is known to show several
prominent emission lines, including [robidden lines. With a view to investigating the
distribution of the emitting gas and the atmospheric mass flows in MV Sgr, we also

planned to carry out a high resolution study of its emission line spectra.
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Chapter 2

Observations, data reductions and

spectral line identification

2.1 The sample

Jeffery et al. (1996) have compiled a list of hydrogen-delicient stars, which includes hoth
R CrB stars and EHe stars. The Elle stars with temperatures greater than 13,000 K
have been the objects of several spectroscopic investigations (Jeffery 1996 and references
therein), while the EHe stars in the temperature range 8,000 ~ 13,000 K have received
comparatively less attention spectroscopically, especially ab high resolution. We selected
four stars in the above temperature range from the list of Jeffery et al. (1996) — FQ
Aqr (BD +1° 4381), LS IV -14° 109, BD 1° 3438 ancd LS IV -1° 002 — for a detailed
elemental abundance analysis using high resolution, high S/N spectra. These stars are
cooler among the extreme helinm stars, and overlap in temperature with the hotter end
of R CrB stars.

In addition to these objects we have carried out an extensive study of the emission

line spectra of MV Sgr (Pandey et al. 1996), which is classified as a hot R CrB with an

effective temperature of 16000 K and similar to EHe stars.
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2.1.1 FQ Aqr

FQ Aqr (BD +1° 4381) was discovered to be a hydrogen-deficient star by Drilling (1979).
He concluded that it has an effective temperature similar to that of the hydrogen-deficient
binary v Sgr (Tes; = 13000 K), and a comparatively lower hydrogen abundance. Drilling
et al. (1984) have estimated an effective temperature of 95004400 K, using the ultraviolet
flux distribution obtained with the International Ultraviolet Explorer (IUE) and broad-
band photometry. Drilling et al. (1984) and Heber and Schonberner (1981) have estimated
the Eg_v values as 0.1 and 0.23, respectively. The recent abundance analysis of FQ Aqr
by Lambert et al. (1999) have yielded a T'epy of 8500 K and a log g of 1.5. The reported
apparent visual magnitude my is 9.6 (Jeffery et al. 1996). FQ Aqr is suspected to be a

low amplitude, photometric and radial velocity variable (Lawson and Cottrell 1997).

2.1.2 LSITIV -14° 109

This star was discovered to be an extreme heliwn star by Drilling (1979) who determined
its effective temperature to be slightly lower than that of the HdB v Sgr. Later, Drilling
et al.  (1984) revised the cffective temperature of the star to be 8400£500 K, using
ultraviolet flux distribution obiained with the TUIY and broad-band photometry. Drilling
et al. (1984), and Heber and Schonberner (1981) derived the reddening towards LS IV
~14° 109 as Bp_y = 0.2 and Eg_y = 0.43, respectively. The recent abundance analysis of
LS IV -14° 109 by Lambert et al. (1999) have shown that the T.sf & 9000 K and log g ~
L.0. The apparent visual magnitude of the star is 11.2 (Jeffery et al. 1996). Most likely,
LS IV - 14° 109 is a low amplitude, photometric and radial velocity variable (Lawson and
Cottrell 1997).

2.1.3 BD -1° 3438

This is one of the eight stars described by Hunger (1975) as extreme helium stars. This
star was found on 1a-O ohjective prism plates taken with the University of Michigans’s
Curtis Schmidt-type telescope situated at Cerro Tololo, Chile. The spectrum of BD -
1° 3438 was found to be very similar to those of the known hydrogen-deficient B stars
HD124448, HD168476, and BD +10° 2179, which were also observed on Ila-O plates
(MacConnell et al. 1972). Drilling et al. (1984) have estimated an effective temperature
of 10900600 K for this star, using the ultraviolet flux distribution obtained with the
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IUE and broad-band photometry. The reddening estimates are Eg_y = 0.4 and Eg_v
= (.55, by Drilling et al. (1984), and Heber and Schonberner (1981), respectively. The
preliminary result of a fine analysis is T, jy = 12500£1000 K (Schonberner 1978). The
reported my is 10.3 (Jeffery et al. 1996). The observations by Lawson and Cottrell (1997)
showed that BD —1° 3438 is a low amplitude, photometric and radial velocity variable,

like FQ Aqr and LS IV -14° 109.

2.1.4 LS IV -1° 002

LS IV -1° 002 was discovered to be a hydrogen-deficient star by Drilling (1980). He found
that the spectrum of this object is nearly identical to that of the extreme helium star
HD 168476, for which Schonberner & Wolf (1974) had found T.s; = 13500 K. From the
strengths of Si IT and Mg 11 lines, which appear a little stronger in LS IV ~1° 002, he
predicted that the effective temperature might be slightly lower. The effective tempera-
ture that is estimated using ultraviolet flux distribution and broad-band photometry is
119004400 & (Drilling et al. 1984). Drilling et al. (1984), and Heber and Schénberner
(1981) found the Eg_y values to be 0.45 and 0.52, respectively. The veported my is 11.0
(Jeflery et al. 1996). LS IV - 02 is also a low amplitude, photometric and radial ve-
locity variable, like the rest of the cool Elle stars mentioned above (Lawson and Cottrell
1997). Most of the cool Elle stars exhibit a velocity amplitude of about 2.0 kms™ and a
light amplitude of about 0.03 mag. On the contrary R Cr3 stars have, typically, velocity
amplitudes of 10 to 20 km s !

1997).

and light amplitudes of 0.2 to 0.3 mag (Lawson and Cottrell

2.1.5 MV Sgr

MV Sgr, with DY Cen and V348 Sgr, is one of the select trio of hot R Coronae Borealis
stars. Its identification as a R CrB variable was made by Hoffleit (1958). The spectrum
of MV Sgr at maximum light has heen described by Herbig (1964, 1975a) as that of

a hydrogen deficient B-type star with several emission lines prominent in the red and
attributable to Her, Fell, Hel, Sill, N1, Call and OI. He suggested that the excitation
temperature of the I'e [[ emission region is substantially lower than the colour temperature
of the star. Rao and Nandy (1982) noticed low excitation lines of Fell, SiIl, CI, O,

AlIl in absorption in the ultraviolet and showed that they varied in strength whereas
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higher excitation absorption lines (e.g. CI1I, AlIII) did not. From the dereddened flux
distribution from the visual to the ultraviolet, Drilling et al. (1984) estimated the star’s
Tesr as 154004400 K.

Based on high resolution spectra obtained in the blue, Jeffery et al. (1988) analyzed the
photospheric (absorption) spectrum at maximum light and concluded from the hydrogen
and helium lines that the star is hydrogen deficient to the same degree as the hot helium
star HD 124448 (H/He < 1 x10™*), but nitrogen and silicon are underabundant by about
a factor of ten and carbon is down by a factor of about 100 relative to it. They also
remarked that all Fe IT emission lines present in their spectrum are split with a peak
separation of 68 km s™!. [t was argued that the emitting region was optically thick in the
Fe 1I lines. Other emission lines were attributed to Mgll, Call, TiIl and Sil. Rao et al.
(1990) identified forbidden [S 1] lines in the blue.

An infrared excess was observed by lleast and Glass (1977), Kilkenny and Whittet
(1984), and Walker (1936). The infrared spectrum appears to he a composite of two
black bodies, one at 1600 Ix and a second at 230-550 K. The distribution of the dust
around the star is unknown but one presumes the 1600 K dust is closer to the star than
the 250 X dust.

2.2 Observations

The high resolution optical spectra of [lle stars were obtained on 25 July 1996 at the
W. J. McDonald Observatory 2.7-m telescope with the coudé cross-dispersed echelle spec-
trograph (Tull et al. 1995). The spectrograph setup gives a 2-pixel resolving power (R
=A/AX) of 60,000. The detector was a Tektronix 2043 x 2048 CCD. The recorded spec-
trum covered a wavelength range from 3800A to 10000A, but the spectral coverage was
incomplete longward of about 5500A. A Th-Ar hollow cathode lamp was observed either
just prior to or just after exposures of the programme stars to provide wavelength cal-
ibration. In order to remove the pixel-to-pixel variation in the sensitivity of the CCD
flat-field exposures are needed; these were obtained by observing a lamp providing a con-
tinuous spectrum. Typical exposure times of our programume stars were 30 minutes, and
two exposures were co-added as il was necessary to improve the signal-to-noise ratio of
the final spectrum, and to identify and eliminate cosmic rays. There was no wavelength

overlap in the red orders. To compensate for the missing wavelength regions, observations
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were made at a slightly different grating setting on 26 July 1996, to get full wavelength
coverage for two of the programme stars, FQ Aqr and BD —1° 3438. The FWHM of the
Th-Ar comparison lines and the atmospheric lines present in the spectra corresponds to
6.0 km s~

The spectra of MV Sgr were obtained with the 4-m telescope at the Cerro Tololo
Inter-American Observatory, equipped with a Cassegrain echelle spectrometer and CCD
detector. The observations were obtained on the night of 22/23 May 1992. The spectrum
covers the wavelength range 5480 A — 6980 A. The FWHM of the terrestrial [0 1] line at
5577 A in the final co-added spectrumn corresponds to 9.0 km s™!, or a resolution of 33,000.
This resolution is confirmed by the widths of the Th lines in exposures of a Th-Ar hollow
cathode lamp taken immediately following the stellar exposures. The signal-to-noise ratio
in the continuum at the peak of the echelle blaze runs from about 80 at 5500 A to 85 at
6300 A.

2.3 Data reductions

We have used the [mage Reduction and Analysis Facility (IRAF) software packages for
reducing the spectra of extreme helium stars. IRAL is developed and distributed by the
National Optical Astronomy Observatories and operates under the UNIX environment.
The spectra of MV Sgr were reduced using RESPECT and IRAF software packages.
RESPECT is an interactive software package that was developed at Vainu Bappu Obser-
vatory in 1985 for the reduction of astronomical spectroscopic data. RESPECT operates
on the VAX VMS platform and a description of the software can be found in Prabhu et
al. (1987). For MV Sgr most of the basic reductions and wavelength calibrations were

done using RESPECT while the equivalent width measurements were done using IRAF.

2.3.1 Basic steps in the reduction

The bias and dark frames are first subtracted from the object spectra and then the flat
field correction is applied on the ohject CCD images to correct for pixel-to-pixel variation
in respouse; these are the preliminary steps involved in the rednction of the spectra. The
bias frames taken on each night are averaged using the IRAF task zerocombine, and the
resultant master bias is subtracted from the object frames and the flat field frames of that

particular night. The task ccdproc in the CCDRED package is used for the above. The
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bias subtracted flat-fields are then combined using the median option in the flatcombine
task. The flat-fields are then normalized using the apnorm task in the SPECRED package
in IRAF. The bias subtracted object frames are divided by the normalized master flat
images, to remove the wavelength dependent pixel-to-pixel variations across the CCD
chip. The dark current is also subtracted from the object frames using CCDPROC.
Now the one dimensional spectrum can be extracted from the object frames which are

hias-subtracted, flat-fielded and corrected for dark current.

2.3.2 Extraction of spectrum

The extraction of one-dimensional spectrum involves specifying the location of the object
on the slit, and the aperture, which is determined by the spatial extent of the object,
and then tracing the curvature of the object spectrum along the dispersion axis. It is
necessary to assign appropriate aperture to each order because the width of the spectrum
changes from order to order. In some cases, where the background is high, either due to
long exposures or due to contamination by moonlight, the background subtraction from
adjacent pixels within the slit is required and the sample regions for estimating the sky
hackground should be provided. The signal within the defined apertures (normally 6-10
pixels) 1s then summed and the background is removed. The task apall in SPECRED
(ECHELLE) package allows one to perform all the above mentioned operations for ex-
tracting the one-dimensional spectruin from the object frame. This task also provides an
option to remove cosmic ray hits from the spectrum. The resulting output from running
the task apallis the extracted one-dimensional star spectriun (echelle orders) in the form

of counts versus pixel numbers and is free of cosmic ray hits.

2.3.3 Wavelength calibration

Wavelength calibration of the star spectrum requires similarly extracted spectra of the
comparison source (Thorium-Argon). The emission lines in the spectrum of the thorium-
argon comparison source are identified using the atlas of thorium-argon laboratory spectra
by D’Odorico et al. (1987). The dispersion correction is determined from the wavelength
calibrated spectruin of the comparison source by fitting a legendre polynomial of order
2 or 3. The above procedure is carried out by using the task identify in SPECRED or
the ecidentify task in the ECHELLE package. Finally, the object spectrum is wavelength
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calibrated using the task dispcor with the corresponding comparison source spectrum as
the reference. Now we have the stellar spectrum in counts versus wavelength. The stellar
spectrum is then normalized to the continuwm, by fitting a slowly varying functiou such as
cubic spline to the continuum. The continuum is estimated visually, using the average of

the highest points in the spectrum, from regions free of emission and absorption features.

2.3.4 Spectral line identification

Spectral lines of cool EHe stars were identified using Revised Multiplet Table, RMT
(Moore 1972), the selected Tables of Atomic Spectra (Moore 1970), Kurucz and Peytre-
man (1975), and also from the investgations of Hill (1964, 1965) and Heber (1983). For
confirmation we have checked for different lines and their intensities within a multiplet.
A number of C I, C Il and He I lines were identified. No lines of He Il were found. With
the notable exception of hydrogen, lines of all elements, which would be expected and
observed in early B-type normal stars, have been {found. A large number of lines of the
ionized metals of the iron group are identified. These lines are much stronger when com-
pared with those observed in early B-type normal stars, a notable feature of the spectra of
cool Elle stars, and can be attributed to the relatively low opacity in the atmosphere due
to hydrogen deficiency. Our large spectral coverage (3780-11 000A) enabled us to identify

all important elements in one or two stages of ionization.

2.3.5 Measurement of equivalent widths

The equivalent width (W) is the ultimate measurement that is made in order to proceed
with the determination of elemental abundances in stellar photospheres. Iiquivalent width
is a measure of line strength. The equivalent widths have been measured 1in two ways using
the splof task in IRAL:

1) by fitting a gaussian profile to the absorption line and

2) by measuring the total arca under the line.

If the line 1s symmetric, full width at half maximum of the intensity is taken to fit a
gaussian profile. But if the line is not symmetric and has only the left or right wing
of the profile as a gaussian form then preference is given to that wing and the left half-
widths or right hal{-widths are used to define the gaussian. The uncertainties in equivalent

width measures may be due to the incorrect placement of the continuum between each
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measurement and (or) to the fact that the spectral lines are not perfectly gaussian. Slightly
blended lines are de-blended using the routines available in the splot package. Gaussians
were fit to the individual absorption lines and equivalent widths were measured. Severely
blended lines were not used in the abundance analysis.

The estimated error involved in the equivalent width measurement, which is due to

the inaccuracy in the placement of continuum, is about 10%.
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Chapter 3

Model stellar atmospheres

3.1 Atmospheres of normal stars

The physical conditions in the atmospheres of stars must be known in order to account
for the observed low and high excitation lines, and the different ionization states of an
element. The curve of growth technique, which assumes that the ratio of line to continuous
absorption is constant in the atmosphere, is not adequate for comparing the relative
behaviour of neutral, singly ionized, and doubly ionized lines of an element. Hence, we
need to use a model which allows the variations of the physical parameters with depth.
The atmospheres of normal stars have hydrogen as the major constituent. The contin-
uous absorption (continuum opacity), which determines the shape of the spectral energy
distribution, in these stars is mainly due to hydrogen, directly or indirectly, and is listed
below:
(1) In cool stars (spectral types K and M), which occupy the temperature range 4000 K
— 5000 K, the continuum ahsorption is mainly due to H~, Hy™ and OH™.
(i) In F and G type stars of intermediate temperature (approximately 5000 I to 7500
K), H™, neutral hydrogen and metallic continua in ultraviolet are the major sources of
continuum opacity.
(iii) In intermediate hot stars (32 to A0), which lie in the temperature range 10,000 K —
20,000 K, neutral hydrogen controls the continuum opacity. In the case of giants electron
scattering also becomes important.

(iv) In stars of spectral types O to B0, which are hotter than 25,000 K, H I, He I, He I,
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and electron scattering are major contributors to continuum opacity.
The abundance of an element in normal stars is conventionally represented relative to

hydrogen because of its dominant contribution to continuum opacity.

3.2 Atmospheres of hydrogen-deficient stars

The cool extreme helium stars, like R CrB stars, are hydrogen poor, but overabundant in
carbon and nitrogen. However, helium 1s still the most abundant element. For R CrB stars
the continuum opacity is mainly determined by carbon through its bound-free and free-
free absorption in the line forming regions. A superposition of the spectra of R CrB stars
of I'-G type temperature range shows that all C [ lines have essentially the same strength
in all the stars in spite of differences in the stellar parameters (T, surface gravity and
microturbulence), while lines from other elements vary greatly (Rao and Lambert 1996).

The continuum opacity in the lne-forming regions is completely dominated by the
photoionization of ! [, and hence the C I line strength is independent of the carbon
abundance. Assuming the €' line to be weak and Lence on the linear part of the curve-

of-growth, we have
Wy ~ I, /k. x Neg/Ner = a constant,

for the case of (' [ lines. lere, Wy, [,, xe and Ny denote the equivalent width, the
line opacity, the continun opacity and the number density of neutral carbon atoms,
respectively. The same is the case for the hydrogen line strength in normal stars, which
is insensitive to the number density of hydrogen atoms, because hydrogen (H™ or H) 1s
the major source of continuous opacity. Furthermore, in the case of R CrB3 stars, carbon
is the most important electron donor, and hence indirectly affects the contribution from
two other important continuum opacity sources: Ile™ (mainly in infrared) and electron
scattering (Asplund 1997a).

The C I lines observed in the R C'rB stars have a minor dependence on Tess because
the lower excitation potential of these lines is only slightly smaller than the energy needed
for the photoionization of C L. Since the same ionization stage provides the continuous
opacity, the C I lines are also insensitive to the adopted surface gravity of the star.

Analysis of the spectra of hydrogen-deficient stars requires model atmospheres with

appropriate chemical composition. The chemical composition of these stars gives an
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idea of the major sources of continuous opacity, which helps in constructing the model
atmospheres. In this section we discuss the construction of hydrogen-deficient model at-
mospheres for different temperatures and list the important sources of continuum opacity

taken into account while computing these model atmospheres.

3.2.1 Construction of model atmospheres

In constructing the hydrogen-deficient model atmospheres, the following issues are to be
considered:

(1) Helium is the most abundant element, but the opacity is made up by other elements,
in most cases by the photolonization of neutral carbon.

(i1) Due to the rather low opacity, the observed lines of many elements are quite strong
and cause imuportant blanketing effects.

(i1i) The existing theory of broadening of lines of heliun, especially that of ionized helium,
need to be considerably improved. The stark broadening of highly ionized carbon or
oxygen is still uncertain.

(iv) Most, objects are either quite hot and/or quite extended and demand a full non-LTE
treatment and in some cases plane parallel approximation may not be valid.

(v) The CSPN with Wolf-Rayet spectra have expanding envelopes and need a special
treatment incorporating expansion velocity.

Our sample stars have a range in effective temperature (Tepp = 8,000 K to 13,000
K). For the abundance analysis of stars with T, < 9,500 K, we used the new line-
blanketed models described by Asplund et al. (1997a), kindly made available by Dr.
Martin Asplund. For stars with T.sp > 10,000 K, model atmospheres computed by
Jeflery and Heber (1992) were kindly made available by Dr. Simon Jeflery.

The model atmospheres have been computed with the usual assumptions that (1) the
energy flux is constant, and (2) the atmospheres consist of plane-parallel layers in hy-
drostatic and local thermodynamic equilibrium (LTE). Local thermodynamic equilibrium
essentially means that the populations of the atorns and ions in different energy levels
obey the Saha-Boltzmann statistics.

The LTE assutnption is relatively a poor description of the outer atmospheric layers
of these stars, and hence some of the very strong lines do require non-LTE treatments.
Nevertheless, the LTE approach is used, and care has been taken to avoid strong lines.

LTE is an adequate approximation to weak lines formed in deep atmosphere.
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Unfortunately, the temperature ranges considered by Asplund et al. and Jeffery et al.

(private communications) in the construction of model atmospheres do not overlap.

3.2.2 Models for T, < 9,500 K

The important features of this model are the inclusion of the effects of line-blanketing,
and new values for continuum opacities. The term line-blanketing describes the influence
of thousands to millions of spectral lines on the shape of the continuum. The above
grid of models are calculated for temperatures in the range 5000 K < T.;; < 9500 K
and gravities in the range —0.5 < log ¢ < 2.0 [cgs]. The microturbulence is adopted to

be &rp = 5 km 571,

The abundances used for the standard grid are mainly taken from
Lambert and Rao (1994), and are normalized to log ¥;n; = 12.15, where y; is the atomic
weight of an element 4, and n; its number density. The numerical code solves the radiative
transfer equation under the condition of hydrostatic equilibrium with appropriate opacity
sampling. The program is an extenstion of the original MARCS-code (Gustatsson et al.
1975). As already mentioned, in hydrogen-poor stars the opacity is mainly determined
by carbon through its bound-free and free-lree absorption in the line-forming regions.
Also, carbon is the most important electron donor and therefore 1ts abundance affects the
contributions from the other major opacity sources, like He™ and electron scattering. All
these opacity sources and their effecis on the emergent spectra have been included in the
model, along with the effects of clectron scattering and Rayleigh scattering. In addition
to these, the effects of some of the important molecular line opacities are also included in

the calculations.

3.2.3 Models for T,.;f > 10,000 K

Jeffery and Heber (1992) computed a grid of models for hydrogen-deficient stars using
the LTE stellar atmosphere code deseribed by Wolf (1973) and by Schénberner and Wolf
(1974). The opacity calculations were made after taking into account the effects of line-
blanketing using the tables of opacity distribution functions for helium- and carbon-rich
material. The line formation calculations were carried out with the Belfast LTE line-
formation code (Dufton, Lennon and Conlon 1989, unpublished) which was extended to
operate with hydrogen-deficient mixtures and opacities appropriate to the model atmo-

spheres. The low densities and the scattering dominated continuous opacities encountered
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in the atmospheres of hydrogen-deficient supergiants demanded two major modifications
to the Belfast code. These are the use of better partition functions in the Saha equation

and the inclusion of scattering terms in the radiative transfer equations.

3.2.4 Continuous opacities

It is esential that all important sources of continuous opacities are identified and included
in the model atmosphere calculations for a meaningful elemental abundance analysis.
Bound-free absorption of H, He, C, N, O, Mg, Al, Si, Ca and Fe, both for neutral and
singly lonized species, are included in the models. Free-free opacity of the negative ions of
helium, carbon, nitrogen and oxygen are also taken into account. While considering the
radiative transfer in the stellar atimospheres, electron scattering and Rayleigh scattering
(against H, He and C) are included in the source function S, = (k, B, + 0,J,)/ (%, + 0.,),
where the first term represents thermal emission and the second the scattering contribu-
tion. Atomic and molecular line opacities are also included. Models with temperatures
< 9500 K use continuum opacities from Opacity project (Seaton et al. 1994 and refer-
ences therein), while models with temperatures 2> 10000 K use opacities from Kurucz
(1970) and Peach (1970). Free-free opacity of He I, € Tand C 11 (Peach 1970) have been
incorporated together with those for H and [I™. These ave found to be important only

in the infrarecd and in the deeper regions of the atimosphere where temperature is very high.
Using the above described model atinospheres, the line strength is numerically calcu-

lated for cach line and compared with its observed strength. The details of fine analysis

and abdundance determination of individual stars is described in the next chapter.
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Chapter 4

Abundance analysis of EHe stars

4.1 Normalization of abundances

In the case ol normal stars, we calculate the abundance of any element X with respect to
hydrogen. The abundance of any clement X is given by Ny /Ny, which is its fractional
abundance relative to hydrogen, where Ny and Ny are the number of X atoms and number
of hydrogen atoms per cubic centimeter, respectively. For normal stars in the temperature
domain of R CrB stars and cool Elle stars the continuous opacity is governed by hydrogen.
Therefore, in the case of normal stars, for a particular species X, the line strength ~ [, /.
o Ny /Ny. This implies that in normal stars the line strength of a particular species is a
direct measure of its fractional abundance relative to hydrogen. Similarly, in the context
of R CrB stars and cool EHe stars, we take the line strength of a particular species as a
measure ol its abundance. Since these stars are hydrogen-poor, the continuum opacity is
not controlled by hydrogen, but by the photoionization of neutral carbon (Searle 1961;
Schonberner 1975). Ielium, though the most abundant element in these stars, is a minor
source o continuwm opacity, unless the (!/He is very small; however, it provides the gas
pressure. Therefore, in the case of R Crl3 stars, for a particular element X, the observed
Jine strength S(X) is given by Ny /N¢y = Ny /Ne..

The mass fraction Z(X), which is a measure of the fractional abundance of a particular

element X, 1s given by

= ux Ny — pxNx 1
Z(X) wHNE+BHNHeF e N+ ... (ZuNy)? e ( )
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where, u; is the atomic mass of element 7 and the summation in the denominator is
conserved through all stages of nuclear burning. The derived abundances are normalized
to log T N; = 12.15. To convert the observed line strength S(X) = Nx/N¢ (only if carbon
is the source of continuum opacity) to the more fundamental quantity, the mass fraction
Z(X), it is necessary to determine or to assume the carbon to helium ratio (No/Ng. =
C/He), since He is likely to be the most abundant element. Hence equation (1) may be

written in terms of the observable quantity 5(X) and C/He (< 1) to give,

Z(X) = £ L §(X) ... (2).

e He

For cool EHe stars it is necessary to estimate to what extent carbon relative to helium
contributes to the continuous opacity so as to find which of the two species is the leading
contributor. Thus, the carbon abundance and hence (C/He is an important parameter to
be determined.

The role of the C'/He largely disappears while considering the abundance ratios involv-

ing elements other than carbon and helium,

M —_ HXL Hgf\'l) («;)
Z(X3) fxn S(Xz) Tt s

The above deseribed abundance representation is followed for the EHe stars which fall at
the cool end (see section 4.3) and are similar to 19-(i type R CrB stars.

For the Elle stars which fall at the hot end (see section 4.3), He Iis the major source
of continuum opacity (sce section 4.2). Since helium is also the most abundant species in
these stars, the line strength of any species is a direct measure of its fractional abundance,
X/He. The abundances finally derived for these stars are also normalized to log Lp; Ny =
[2.15.

In Elfe stars which fall at the cool end, a large number of He T lines are available
in their spectra. The line strength of He I is a direct measure of He/C as C I controls
the continuum opacity at this end. Thercfore, a direct spectroscopic estimate of C/He is
possible for the stars which lie at the cooler end using He [ lines. Similarly, in the case of
BEHe stars which fall at, the hot end, ¢ 1 and ! 11 lines provide us a direct spectroscopic

estimate of C/He, since it is He I that controls the continuum opacity at the hot end.
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4.2 Dominant sources of continuous opacity

We have calculated the individual contributions of important sources to the continuous
opacity as a function of optical depth (Warner 1967). The continuous opacity calculations

were made for the following model atmospheres:

(1) Tep; = 9500 K, log g = 1.0 and C/He = 1%,
(if) Tesp = 11000 K, log g = 1.0 and C/He = 1%, and
(3ii) Tess = 13000 K, log g = 2.0 and C/He = 1%.

The above model atmospheres were chosen because they cover the range of Tess and log
g shown by the programme stars (see section 4.4.2). Figures 4.1, 4.2 and 4.3 show the
variation of continuous opacity as a function of optical depth due to the major contributors

for the above model atmospheres at 5000 A.

log[Continuous opacity] ( ecm? g=! )

6.~

(Optical Depth)

=N
v

IOg TRoss

Figure 4.1: Dominant sources of continuous opacity as a function of depth for the model

atmosphere: T,;r = 9500 K, log g = 1.0 and C/He = 1%.
Figure 4.1 shows that e~ and C I are the major sources of continuous opacity in the
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atmosphere: Tepy = 11000 K, log g = 1.0 and C/He = 1%.
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line forming regions (log 7 = -2 to log 7 = 0), and the electron scattering dominates over
P hotoionization of C 1. Most of the carbon is in singly ionized state and contributes 50%

of the total free elecirons.

He [ starts dominating as a source of continuous opacity for depths corresponding to
log 7 greater than —0.5. At log 7 = —0.25, C I and He I contribute to the continuous
opacity equally. He [ lines, which are expected to form between log 7 = —1 and 0, are
clirect indicators of He/C in the case of FQ Aqr and LS IV -14° 109. On the other hand,
for the hotter stars, namely BD -1° 3438 and LS IV -1° 002, it is evident from Figures
4.2 and 4.3 that Ile I controls the continuum opacity, and hence C I and C II lines are

expected to provide a direct estimate of C/He.

4.3 Carbon to helium ratio

T
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Figure 4.1: Spectra of V3795 Sgr (R CrB type star), FQ Aqr and LS IV —-14° 109 super-
posced one on another. Note that weak C I lines have approximately the same strength in

all these stars.
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We superpose the spectra of V3795 Sgr (R CrB-type, Tepy = 8000 K), FQ Aqr and LS IV
~14° 109 in Figure 4.4, where we find that the C I lines (AX 5817.7, 5864.95 A ) have ap-
proximately the same strength in all these stars. This implies that the continuous opacity
in the line-forming regions of the two cool EHe stars is also dominated by photoionization
of C I, and hence the 0 [ line strength is not sensitive to carbon abundance. For esti-
mating the major sources of continuum opacity in cool EHe stars, the carbon to helium
ratio must be known a priori. A spectroscopic determination of carbon to helium ratio
for cool EHe stars is also essential (i) in the context of their evolutionary status, and (ii)
in estimating the contribution to the continuum opacity due to C I and He I, separately.

The carbon to helium ratio can be guessed if a similarity of EHe stars with the hot
R CrB stars, where the ratio is determined from € I, C II1 and He I lines, is assumed.

In the spectra of R CrB stars, which occupy the temperature range from 6000 K to
8000 K, one observes many (' 1 lines. The feature at 5876 A observed in their spectra is
the only evidence for the presence of He [, and the estimation of carbon to helium ratio for
R CrB stars is based entirely on the strength of this feature. Unfortunately, this feature
is not a good indicator of /e for the following reasons (Lambert et al. 1999):

(1) Tn the temperature domain of R CrB stars, the 5876 A feature is a blend of C 1 lines;
C 1 contributes appreciably to the strength of this feature for the cooler R CrB stars.
(1) The carbon to helium ratio derived from this feature is very sensitive to the adopted
Tosp and log g. For T, ;5 & 7000 K, the cquivalent width of the 5876 A feature computed
for C/He = 1% agrees well with that computed for C/He = 3%, il Tefy is raised by about
500 K, resulting in large uncertainties.

(i) He 15876 A line with its high excitation potential forms in the deepest layers of the
photosphere, and hence is highly saturated, even if it appears weak.

Since it is thought that hot Elle stars might be related to R CrB stars, Rao and
Lambert (1996) and Lambert et al. (1999) assumed that they possibly have the same
carbon to helium ratio. The C/He is directly estimated in hot Ele stars from C IT and
He I'lines, and it is approximately 1% (Jeffery 1996).

As already mentioned, our programme stars are of intermediate temperatures which
lie in between the cool R CrB stars and hot EHe stars. These stars show C I, C II
and He I lines in their spectra. In principle, estimating (!/He would he possible from
the above lines. The feature at 5876 A has negligible contribution from C I lines in the

temperature domain of these stars, and hence will be a good indicator of C/He, provided
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carbon controls the continuum opacity of these stars.

One of the most important issues that we have attempted to address in the present
work is the determination of C/He in cool EHe stars. The C/He can be fixed if we
observe lines of C I, C II, C III, etc. and helium in their spectrum. Before we calculate
the abundance using a particular species of an element, it is necessary to confirm that
this species is not a major source of continuum opacity. For example, to calculate the
carbon abundance from C Itines one must ensure that C I should not be the major source
of continuum opacity. Alternatively, if we want to calculate carbon abundance from C 11
lines, then neither C II nor C I should be the dominant contributor to the continuous
opacity. This is because the C II lines are essentially the result of photoionization of C 1.
The same argunmient is valid in the determination of helium abundance using He I lines.
In the case of hot Elle stars He I controls the continuum opacity, and hence the carbon
lines (mostly C II) give us the direct estimate of C/He. Similarly, in the cases where C 1
controls the continuum opacity, e I lines will provide an estimate of He/C.

We have observed C I, CIT and Ie I lines in the spectra of the programme stars. In the
temperature domain of these stars (8000 K to 14000 K) we have computed the equivalent
widths (see section 4.1.1 for the atomic data used) of some of the C I, C IT and He [ lines
which are observed in these stars across a grid of log g and T.;s for different values of
C/He. The alm is to study how the strengths of these lines vary across the grid. The

lines that have been considered are:

(1) C T (AN 4770, 5380, 6010, 6076, 6335, 7476 A)

(1) COIT (AN 391897, 3920.68, 6578.05, 6582.85 A)

(i) He 1 (AN 5016, 5048, 5876, 6678 A)

The predicted equivalent widths of these lines are plotted against Tepy for different
values of C'/He (0.3%, 1.0% and 3.0%) and log g (1.0, 1.5 and 2.0) in Figures 4.5, 4.6,
1.8 and 4.9. From the Figures 4.5 and 4.6, we find thal the equivalent widths of C I
lines are essentially the same for (!/He values of 1.0% and 3.0% at the cooler end (T.fy

= 8000 K to 10000 K) for log g 1.5 and 2.0. But for lower gravities, say log g = 1.0, the

equivalent widths of C I lines start to show a dependence on C/He as the temperature
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increases. The changes in the equivalent widths in fact depend on the C/He itself, in
the sense that the larger the changes the smaller the C/He. The equivalent widths of
C I lines corresponding to C/He = 0.3% are very different from those corresponding to
C/He = 1.0% and C/He = 3.0%. This is due to the fact that for C/He > 1%, C I
is the major source of continuum opacity and for C/He < 1%, the contribution to the
continuous opacity due to C I reduces considerably with decreasing C/He. For C/He <

0.3%, electron scattering starts dominating the continuum opacity.
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Figure 4.5: Predicted equivalent widths of (! T lines plotted against T.s; for log g values
of 1.0, 1.5 and 2.0. The solid, dotted and dashed lines represent models with C/He of
0.3%, 1.0% and 3.0%, respectively.
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Figure 4.6: see Figure 4.5 for caption

In principle one could estimate C/He of Elle stars at the cool end from the equivalent
widths of C 1 lines, if they have /e < 1% (see Pignres 4.5 and 4.6). For stars in the
same temperature range with C/He > 1%. it is not. possible to estimate the C/He precisely
from the equivalent widths of (' [ lines becanse the line strengths do not show appreciable
changes with increase in (//Ile. The variations in the predicted equivalent widths of C1
lines in the temperature range 8500 - 10000 K with the changes in the input C/He, as
evident from an inspection of Figures 4.5 aund 4.6, are graphically represented in Figure

A.7. Instead of plotting the equivalent widths themselves, the C/He that one would derive
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from them are shown along the y-axis. It is clear from Figure 4.7 that in the temperature
range 8500 ~ 10000 K, the C/He estimated from the equivalent widths of C I lines would
be always 1% irrespective of the actual surface C/He if 1t is greater than 1% because the

strengths of C I lines get saturated above this value.
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Figure 4.7:  (!/lle that would be estimated [rom the C T line equivalent widths
(C/He) cstimaieds plotted against the actual C/He (C/He)impu, for stars in the tempera- .
ture range 8500 - 10000 Is.

At higher temperatures (10000 K to 14000 K) most of the carbon is in the form of
C 11 resulting in a decrease in the equivalent widths of € 1 lines with an increase in the
temperature ([Figures 4.5 and 4.6). The equivalent widths of ' 1and C II lines are sensitive
to the adopted C/He in this temperature range and hence provide a direct estimate of

C/He.
For hydrogen-deficient stars which are cooler than 8500 K, like R CrB stars, C/He
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cannot be estimated from the equivalent widths of C I lines as these are independent of

the C/He.
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Figure 4.8: Predicted equivalent widths of C IT lines plotied against T.zr for log g values
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0.3%, 1.0% and 3.0%, respectively.

The equivalent widths of ¢ 11 lines are also insensitive to the adopted C/He (0.3%,
1.0% and 3.0%) at the cool end, as discussed for C 1 lines (see Figure 4.8).
On the contrary, the equivalent widths of He I lines becomes insensitive to the adopted

C/He (0.3%, 1.0% and 3.0%) in the temperature range 11500 K to 14000 K. The equivalent
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widths of He [ lines are very sensitive to the adopted C/He (0.3%, 1.0% and 3.0%) in the
temperature range 8000 - 12000 K (see Figure 4.9). The equivalent widths of He I lines

decreases for ternperatures > 13000 K due to the ionization of He I.
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Figure 4.9: Predicted equivalent widths of He [ lines plotted against Tesy for log g values
of 1.0, 1.5 and 2.0. The solid, dotted and dashed lines represent models with C/He of

0.3%, 1.0% and 3.0%, respectively.

It is clear from the above results that the €/He can be estimated using C Tand C II
lines for the programme stars which lie in the hot end, and He I lines can be used to

determine C/He for those which lie in the cool end.
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4.4 Abundance analysis

In our abundance analysis we have used new line-blanketed model atmospheres con-
structed by Asplund et al. (1997a) for stars with temperatures < 9500 K. For higher
temperatures, model atmospheres were provided by Jeffery (Jeffery and Heber 1992).
The line strengths were calculated using ‘Eqwrun’ and ‘Spectrum’ radiative transfer codes.
The Eqwrun and Spectrum codes use the model stellar atmospheres of Asplund (1997a)
for temperatures < 9500 K and of Jeffery and Heber (1992) for temperatures > 10000 K,
respectively. In our analysis C/He of 0.3%, 1.0% and 3.0% models have been used (see
section 4.4.2 for C'/He determination).

The fine analysis of the stellar spectra involves the determination of T, surface grav-
ity (log g), microturbulence (£) and photospheric elemental abundances of the star using

model atmospheres and atomic data in the following way:

(1) The microturbulence is derived by requiring that lines of all strengths for a partic-
ular species give the same value of abundanee. The derived ¢ is found to be independent

of Tepr, log g and C/1le, adopted for the moclel atmosphere (see Figures 4.10 to 4.19).

(2) T,z 18 estimated by requiring that the lines of a particular species of differing ex-
citation potentials should predict the same elemental abundance. The estimated T, 1s

found to be independent of the adopted log g and C/He for the model atmosphere (see

Figures 4.20 to 4.25).

(3) The surface gravity is estimated such that the model atmosphere gives the same
predicied abundances for neutral, singly, and doubly ionized lines of a given element.
In our analysis of FQ Aqr and BD -1° 3438, we find that the ionization equilibria are

independent of the adopted (!/He for the model atmosphere.

The abundance analysis is done with the new line-blanketed model atmospheres de-

scribed in Chapter 3.
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for different values of €, showing the estimated € is independent of the C/He used. The
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Figure 4.17: Abundances from Fe Il lines for BD -1° 3438, plotted against their Eq.Widths
for different values of £, showing the estimated £ is independent of the C/He used. The
model used is T.;;=12000 K, log g=2.0 and C/He=1%.
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Figure 4.18: Abundances from Fe I lines for BD ~1° 3438, plotted against, their I3q. Widths

for different values of €, showing the estimated ¢ is independent of the !/lle used. The
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Figure 4.19: Abundances from Fe I lines for BD ~1° 3438, plotted against their . Widths
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Figure 4.20: Relative abundances from Fe IT lines for Fq Aqr, plotted against their vy, for
different values of T'.sf, showing the estimated T, is independent of the adopted log g

and C/[le. The adopted log g and C/He are 1.5 and 3%, respectively.
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Figure 4.21: Relative abundances from Fe II lines for Fq Aqr, plotted against their xp, for
different values of T.;f, showing the estimated T.,. is independent of the adopted log g
and C/He. The adopted log g and C/He are 0.5 and 3%, respectively.
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Figure 4.23: Relative abundances from Fe II lines for Fq Aqr, plotted against their xy, for
different values of T,;;, showing the estimated T... is independent of the adopted log g
and C/He. The adopted log g and C/He are 0.5 and 3%, respectively.
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Figure 4.24: Relative abundances from Fe II lines for Fq Aqr, plotted against their x, for

different values of T.s¢, showing the estimated T.,. is independent of the adopted log g
and C/He. The adopted log g and C/He are 2.0 and 1%, respectively.
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Figure 4.25: Relative abundances from Fe II lines for Fq Aqr, plotted against their x, for

different values of T.;;, showing the estimated Tes. is independent of the adopted log g
and C/He. The adopted log g and C/He are 1.0 and 1%, respectively.
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4.4.1 Atomic data

The gf-values and excitation potentials for the lines used in our LTE analysis were taken
from the compilations by R. E. Luck (private communication), C. Simon Jeffery (private
communication), Thevenin (1989, 1990) and Kurucz and Peytreman (1975). Because of
the wide spectral coverage used, we could identify several C I lines in our sample stars.
We have used the gf-values of C I lines from Opacity project (Seaton et al. 1994; Luo and
Pradhan 1989; Hibbert et al. 1993) for consistency with the analysis of FQ Aqr and LS
IV -14° 109 by Lambert et al. (1999). The C Ilines and gf-values used for our abundance
analysis are given in the Tables 4.6 and 4.7. The sources of gf-values are listed in Tables
4.6 to 4.9. The Stark broadening and radiation broadening coefficients were mostly taken

from the compilation by Jeffery (1994).

4.4.2 Ty, log g, £ and C/He

As already indicated the microturbulence parameter ¢ was adjusted until the derived

abundances from the same species were independent of line strength, represented by (log

Wi/A).
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Figure 4.26: Relative abundances from Fe II lines for LS IV -14° 109, plotted against
their line strength, represented by (log W, /A) for different values of £.
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Figure 4.27: Relative abundances from Ti II lines for LS IV -14° 109, plotted against
their line strength, represented by (log W, /A) for different values of €.
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Figure 4.28: Relative abundances from Cr Il lines for LS IV -14° 109, plotted against
their line strength, represented by (log Wy /A) for different values of €.
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Figure 4.29: Relative abundances from C I lines for LS IV -14° 109, plotted against their
line strength, represented by (log W,/A) for different values of £.
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Figure 4.30: Relative abundances from Fe II lines for FQ Aqr, plotted against their line
strength, represented by (log W /) for different values of £.
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Figure 4.31: Relative abundances from Ti II lines for FQ Aqr, plotted against their line
strength, represented by (log W, /) for different values of €.
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Figure 4.32: Relative abundances from Cr II lines for FQ Aqr, plotted against their line
strength, represented by (log W, /A) for different values of £.
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Figure 4.33: Relative abundances from C I lines for FQ Aqr, plotted against their line
strength, represented by (log W, /A) for different values of €.
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Figure 4.34: Abundances from Fe II lines for BD -1° 3438, plotted against their line
strength, represented by (log Wy/A) for different values of §.
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Figure 4.35: Abundances from Ti II lines for BD -1° 3438, plotted against their line
strength, represented by (log Wy /) for different values of ¢.
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Figure 4.36: Abundances from Cr II lines for BD —1° 3438, plotted against their line
strength, represented by (log W, /A) for different values of £.
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Figure 4.37: Abundances from C I lines for BD -1° 3438, plotted against their line
strength, represented by (log W /A) for different values of €.
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Figure 4.38: Abundances from Fe II lines for LS IV -1° 002, plotted against their line
strength, represented by (log W,/A) for different values of £.
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Figure 4.39: Abundances from § II lines for LS IV -1° 002, plotted against their line
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Figure 4.40: Abundances from N II lines for LS IV -1° 002, plotted against their line
strength, represented by (log W, /) for different values of €.
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Figure 4.41: Abundances from C I lines for LS IV -1° 002, plotted against their line
strength, represented by (log W, /A) for different values of £.

For FQ Aqr, LS IV -14° 109 and BD -1° 3438, we used Fe II, Ti II, Cr Il and C I
lines, and for LS IV -1° 002, we used Fe I, S II, N II and C I lines for determining the
microturbulent velocity £. The above species were chosen because many of their lines
with a wide range in equivalent widths were available.

In the case of LS 1V -14° 109, Fe II, T1 II and Cr II lines give us a value of £ = 6
km 57!, and C I lines a value of £ = 7 km s~ (see Figures 4.26 to 4.29). We adopt the
average microturbulent velocity € in LS IV -14° 109 as 6.5 & 0.5 km s~!, for all species.
For FQ Aqr, BD) -1° 3438 and LS IV -1° 002 we estimate the microturbulent velocity &
as 7.5+ 0.5 kms™!, 10.0 & 1.0 km s™! and 10.0 & 1.0 km s™*, respectively, for all species
(see Figures 4.30 to 4.33, 4.34 to 4.37, and 4.38 to 4.41).

Since the ionization equilibrium depends on both surface gravity and temperature, we
can find a set of solutions in log g and T.r; which satisfies the equilibrium condition.
The ionization equilibrium of the following species (when sufficient lines are available) are
used to estimate T.f; and log g S II/S 1, Si III/S1 II/Si I, N 1I/N I, AL ITII/AL II/AlL I,
C II/C I, Fe II1/Fe 11/Fe I, Mg 1I/Mg I and O II/O I. The solutions of T.s; and log g
obtained for the programme stars are shown in Figures 4.42, 4.43, 4.44 and 4.45. These

figures also show lines of constant log(L/M) corresponding to 3.75 and 4.5, where most of
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the hot EHe stars lie (Jeffery 1996). Note that we have not used these lines of constant
log(L/M) in determining the T.ss and log g for these stars, instead we have used Tepe ~
T.ss and ionization equilibria for estimating the T.;s and log g. The reason for using Tz
is that the lines representing the solutions from the ionization equilibria of various species
run almost parallel to each other in the Tess — log g plane for the programme stars.

One of the reasons for the various loci not intersecting in the T.;; - log g plane, and
hence not giving a unique set of solutions, could be that we have used ionization equilibria
of various species with very little difference in the ionization potentials. The other possible
explanation is that the ionization equilibria for various species are satisfied at different
depths in the stellar atmosphere. It could also be due to the observational uncertainty in
the equivalent width measurement. One can also argue that the model atmospheres used
do not adequately represent the actual stellar atmospheres.

The T, is obtained generally by employing a species having a large number of lines
covering a range in excitation potential. The equivalent widths (W) of Fe II lines are
plotted against their lower excitation potentials (xz) in Figures 4.46 to 4.49. These figures
show the wide range in xz and W) measured for Fe II lines in our sample stars. Since
Fe Il lines have a wide range in excitation potential, we chose Fe II lines for determining
the excitation temperature. The excitation temperature was adjusted until the derived
abundances from Fe II lines were independent of the lower excitation potential. In deter-
mining T.ss, log g and €, models with C/He of 1% have been used. For FQ Aqr and BD
~1° 3433, models of C/He equal to 0.3% and 3.0% have also been used for the ionization

balance.

FQ Aqr

We have used Fe II lines with equivalent widths less than 200 mA while determining
the T, to reduce the line to line scatter in the abundances. The T.;. obtained using
the excitation equilibria of Fe IT lines is 8750+250 K. The ionization balance of S II/S I
is given a larger weight because the lines of S II and S I identified in the spectra for
abundance determination are weak. C II/C I ionization balance is given a smaller weight
because of the carbon problem (see section 6.1.4). A smaller weight is also given to the
lonization balance of Al II/Al I because we have only one line of Al I and the source of

gf-values for Al II lines is not reliable. Equal weights are given to the ionization balance of
N 1I/N I, Mg II/Mg I and Fe II/Fe I. Using the Ty derived from the excitation balance

64



e L A e e e T S

E From Feil lines T, = 8750K+250K

log g

NI/NI

or ’ .

YT RSN WA AONU SUUUIN SN SUNT SN S S S I S T

8000 92000 104 1.1%104

log g

NI/NI
Fell/Fel
e ... CHICH
............ Ssti/sit
SI/S)
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Figure 4.45: Final T.;; and log g of LS IV -1° 002 with error bars.
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Figure 4.46: The equivalent widths (W,) of Fe II lines plotted against their x;, showing
the wide range in x and measured W for FQ Aqr.
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Figure 4.47: The equivalent widths (W,) of Fe II lines plotted against their xz showing
the wide range in ¥, and measured W, for LS IV ~14° 109.
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Figure 4.48: The equivalent widths (W) of Fe II lines plotted against their x; showing
the wide range in y; and measured W for BD -1° 3438.
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Figure 4.49: The equivalent widths (W) of Fe Il lines plotted against their xr, showing
the wide range in x1, and measured W for LS IV ~1° 002.
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Figure 4.50: Excitation balance for LS TV -14° 109 using Fe II lines
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Figure 4.51: Excitation balance for FQ Aqr using Fe Il lines.
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of Fe Il lines and the ionization balance of various species (see Figures 4.42 and 4.51), we
arrived at the most probable T.ss and log g which are given in Table 4.1.

The wings of He I X 5876 A triplet line depend upon the electron density, and hence
upon the surface gravity. We have computed the He I line profiles for various models.
Model with T.s; = 8500 K and log g = 0.5 reproduces the wings as well as the core of
He I ) 5876 A. For C/He = 1%, the synthetic profile of He I A 6678 A with the above
parameters matches the observed profile better than those with the models, T.;; = 9000
K, log g = 0.5, 1.0 and 1.5 (Figures 4.54 and 4.55). The uncertainty in T, and log
g determined from the excitation and ionization equilibria can be constrained from the
gravity sensitive He I profiles. We finally estimate T.s; = 8500 K and log g = 0.5 for FQ
Aqr.

The He I lines and the C II lines are affected by Stark broadening and radiation
broadening (see section 4.4.1 for references). The Stark broadening seems to be more
important relative to radiation broadening for both He I and C II lines. The lines of the
other species are less affected by these broadening effects except for zero excitation lines.

The data for computing He I profiles is obtained from various sources. The gf-values
are taken from Taylor et al. (private communication), radiation broadening coefficients
from Wiese et al. (1966), and electron broadening coefficients from the combination of
Griem et al. (1962), Benett and Griem (1971), Bassalo et al. (1980), Dimitrijevic and
Sahal-Brechot (1984), and Kelleher (1981). The effects of ion broadening are also included

in the broadening due to electrons.

LS IV -14° 109

The T.;. estimated using excitation balance of Fe II lines is in the range 9500+250 K
(Figure 4.50). Equal weights are given to the ionization balance of N II/N I, Fe II/Fe I,
Si I/ Siland S II/S I. Here again, C II/C [ ionization balance is given a smaller weight
because of the possibility of carbon problem as mentioned earlier. The final adopted Tey

and log g using the ionization and excitation equilibria (Figures 4.43 and 4.50) is given
in Table 4.1.

BD -1° 3438

From the excitation equilibria of Fe II lines, we estimate the Tese of the star to be in

the range 117504250 K. Equal weights are given to the ionization balance of N II/N I,
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Figure 4.55: Observed and synthesized He I X 6678 A line profile of FQ Aqr.
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Fe II/Fe I and C II/C I. The final T.ss and log g which we arrive at, using the excitation

and ionization balance criteria (Figures 4.52 and 4.44), are given in Table 4.1.

LS IV -1° 002

The derived T, from the excitation balance of Fe II lines is 13000 K. Equal weights are
given to the ionization balance of O II/O I, N II/N I, Fe III/Fe I and C II/C I. Smaller
weights are given to the ionization balance of Si III/Si II and Al III/Al II because the
lines available are very few and the sources of gf-values for these lines are not reliable.
The estimated T.;; and log g using the excitation and ionization balance criteria (Figures
4.53 and 4.45), are given in Table 4.1.

Table 4.1

The derived stellar parameters

Star Tess log g ¢ C/He R.V rotation
K cgs units  km s7! km s~} km s~?

FQ Aqr 87504+250 0.75x0.25 7.5+0.5 1.0% 16x3 (59) 20

LS IV -14° 109 96004£200 1.00+0.20 6.5+0.5 1.0% 5+2 (47) 15

BD -1° 3438 11750£250 2.30+£0.40 10+1.0 0.3% —22+£2 (45) 15
LSIV -1° 002  13000£250 1.75+0.25 10+1.0 0.5% —20+3 (22) 20

Determination of C/He

For fixing C/He, we adopted the following procedure. Once the T.ss and log g of the star
have been determined, we synthesized the theoretical He I profiles using the corresponding
grid for different C/He after taking into account Stark broadening, radiation broadening
and blending due to other lines. The C/He value is determined from the fit of the syn-
thesized theoretical He [ profiles with the observed He I profiles. We used ‘Spectrum’
radiative transfer code for spectrum synthesis. In most of the cases we have used only
those He I lines that have good signal-to-noise ratio. We avoided using He I lines in the
blue as far as possible because of the poor signal-to-noise ratio of the observed spectra.
All the synthesized spectra were convolved with a Gaussian profile to give a good fit to

typical unblended line profiles. Only weak and unblended lines of trace elements were used
to fix the full width at half maximum (FWHM) of the Gaussian profile. Note that we have
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not used the carbon and helium lines for fixing the FWHM of the Gaussian profile. We find
that the FWHM of the Gaussian profile of the stellar lines used is more than the FWHM
of the instrumental profile. We attribute this extra broadening to macroturbulence or
rotation (Table 4.1).

In the case of FQ Aqr, we have also computed the equivalent widths of the observed
He I lines using ‘Eqwrun’ for different C/He, and found that the predicted equivalent
widths match best with the measured equivalent widths of the observed He I lines for
C/He = 1% (Table 4.2). The helium abundance derived from these lines is 11.53 £+ 0.17,
which gives the C/He as 1%+0.4%.

Table 4.2
Hel line Eq. Widths and abundance for FQ Aqr®

Hel Eq. Width® Eq. Width® Eq. Width® Abundance®
Wavelength (A) m A m A m A
3888.65 318 350 368 11.6
3926.53 145 165 185 11.7
3964.73 190 220 210 11.4
4120.81 160 190 200 11.5
4471.48 325 410 375 11.3
4713.14 187 250 267 11.7

® For Tesy = 8500 K and log g = 0.5

b Computed for C/He = 3%

¢ Computed for C/He = 1%

4 Observed

¢ Normalized such that log Su;n; = 12.15 where y; is the atomic weight

In the case of FQ Aqr, we have synthesized He I profiles of AX 5048, 5876, 6678 A while
for LS IV ~14° 109 we have synthesized He I profiles of AA 3872, 5048 A (Figures 4.56 to
4.60). In the case of LS IV ~14° 109 and LS IV -1° 002, He I A 5876, 6678 A are not
covered in our spectra, and He I A 7065 A line is blended with terrestrial H,O lines.

From He I profiles, we find that the C/He is 1%+0.4% in FQ Aqr and 0.5% to 1% in
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Figure 4.56: Observed and synthesized He I X 5047.74 A line profile of FQ Aqr. The He I

line profiles are synthesized using model of T,.sf = 8500 K and log g = 0.5, for different
values of C/He.
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Figure 4.57: Observed and synthesized He I A 5876 A triplet line profile of FQ Aqr. The
He I line profiles are synthesized using model of T.;; = 8500 K and log g = 0.5, for
different values of C/He.
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Figure 4.58: Observed and synthesized He I A 6678 A line profile of FQ Aqr. The He I

line profiles are synthesized using model of T.;; = 8500 K and log g = 0.5, for different
values of C/He.
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Figure 4.59: Observed and synthesized He I ) 3871.82 A line profile of LS IV ~14° 109.
The He I line profiles are synthesized using model of T.;; = 9500 K and log g = 1.0, for
different values of C/He.
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Figure 4.60: Observed and synthesized He I ) 5047.74 A line profile of LS IV ~14° 109.
The He [ line profiles are synthesized using model of T.;; = 9500 K and log g = 1.0, for
different values of C/He.
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Figure 4.61: Observed and synthesized He I ) 5047.74 A line profile of BD -1° 3438. The
He I line profiles are synthesized using model of T.;; = 11500 K and log g = 1.5, for

different values of C/He. The uncertainty on the ordinate is shown by the error bar.
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Figure 4.62: Observed and synthesized He I X 5876 A triplet line profile of BD -1° 3438.
The He I line profiles are synthesized using model of T.r; = 11500 K and log g = 1.5, for

different values of C/He. The uncertainty on the ordinate is shown by the error bar.
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Figure 4.63: Observed and synthesized He I A 5047.74 A line profile of LS IV -1° 002.
The He I line profiles are synthesized using model of Ty = 13000 K and log g = 1.5, for
different values of C/He.
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LS IV ~14° 109 (Figures 4.56 to 4.60).

In the case of BD -1° 3438 and LS IV -1° 002, we find that the observed He I profiles
match reasonably well with the synthesized He I profiles for any given C/He (0.3%, 1.0%
and 3.0%). The strengths of synthesized He I profiles are independent of the adopted C/He
for the hotter stars (see also section 4.2 and 4.3), as clearly demonstrated in Figures 4.61,
4.62 and 4.63.

Using the He I profiles, we find that a C/He of 1% for FQ Aqr and LS IV -14° 109. BD
~1° 3438 and LS IV -1° 002 have C/He of 0.3% and 0.5%, respectively; these values are
determined using the equivalent widths of C I and C II lines, and not from He I profiles
(see section 4.2 and 4.3).

4.5 Abundances

The final abundances were calculated using models of C/He = 1% in the case of FQ Aqr
and LS IV -14° 109, and 0.3% and 0.5% for BD -1° 3438 and LS IV -1° 002, respectively.
The lines used for the abundance analysis are listed in Tables 4.6, 4.7, 4.8 and 4.9 for
FQ Aqr, LS TV -14° 109, BD -1° 3438 and LS IV -1° 002, respectively. These tables
also list the lower excitation potential (xr), gf-values, measured equivalent widths and

the abundance derived for each line.

For the adopted stellar parameters, the individual elemental abundances/listed in Table
1.3 are given as log n;, normalized to such that log Xu;n; = 12.15. The abundances
determined from the neutral and ionized species of an element are also listed. The He
abundance is determined from the computed profiles of He . In the case of FQ Aqr and LS
IV -14° 109 we have determined the abundance of helium, also from the equivalent widths
of He 1 lines. The errors quoted are mainly due to line-to-line scatter of the abundances.

As a comparison the solar abundances from Grevesse et al. (1996) are also shown in Table
4.3.
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Table 4.3

The individual elemental abundances for the analyzed EHe stars®

FQ Aqr LS IV -14° 109 BD -1° 3438 LS IV -1° 002 Sun
Tess °K 8500 9500 11500 13000
log g (cgs units) 0.5 1.0 2.0 2.0
C/He 1% 1% 0.3% 0.5%
& km s71 8.0 6.0 10.0 10.0
H 6.3 6.2 5.6 7.1 12.0
He 11.544+0.21 11.54 11.54 11.54 10.99
C(CIL CII) 9.24+0.17, 9.41+0.12 9.3+0.18, 9.5+0.06 9.0+0.17, 8.74+0.3 9.340.15, 9.11+0.26 8.55
N (NI NII) 7.240.16, 7.31+0.02 8.6+0.28, 8.610.18 8.440.20, 8.6+0.15 8.240.10, 8.3+0.20 7.97
O (01,011 9.010.15, ... 8.5%+0.16, ... 8.410.19, ... 8.84+0.15, 8.9+0.05 8.87
Ne (Ne I) 8.11+0.27 9.410.26 8.84+0.14 9.040.13 8.10
Na (Na I) 5.5+£0.32 6.810.22 6.3 : 6.5 : 6.33
Mg (Mg I, Mg II) 5.5+0.10, 6.2+0.12 6.9+0.26, 7.310.10 ..., 6.940.03 ..., 6.940.23 7.58
Al (Al 11, Al IIT) 4.840.20, ... 7.1+0.20 :, 6.740.10 6.01+0.20 :, 6.61+0.07 : 5.440.17, 6.31+0.20 : 6.47
Si(Sil,Sill,Silll) .., 6.5£0.20: ... 7.6+0.21, 7.840.24, ... ..., 6.5+0.14 3, 7.2 ..y 5.940.10:, 7.340.03  7.55
P (P II) 4.3+0.24 5.31+0.27 5.3 £0.23 5.14+0.11 5.50
S(SL S 5 6.1£0.07, 6.0+0.17 7.610.24, 7.54+0.40 .eey 6.910.20 wry 6.71£0.20 7.23
Ca (Cal, Call) 3.9:4.2: 5.5 1 5.64+0.22 : ..y 5.540.10 : ..oy 5.840.05 : 6.36
Sc (Sc II) 2.140.10 3.34+0.21 3.17
Ti (Ti II) 3.1+0.25 4.31+0.21 4.640.28 4.740.14 5.02
Cr (Crl, Cr1I) 3.9, 3.7+£0.13 wey 5.110.24 ey 4.9120.27 5.69
Mn (Mn 1I) 4.3+0.20 5.3£0.27 5.140.10 5.47
Fe (Fe I, Fe II, Fe 111)  5.040.11, 5.44+0.13, ... 6.8%40.17,7.04+0.21, ... 7.1+0.04, 6.71£0.20, ... ..., 6.3+0.12, 6.1+0.22 7.50
Ni (NiI) 6.6+0.17 6.25
Sr (Sr II) 0.4+0.03 2.6+0.05 2.840.03 : 2.740.20 : 2.97
Y (Y II) 1.940.17 2.24
Zr (Zr II) 0.84+0.24 1.940.10 2.60
Ba (Ba II) 0.4 1.740.13 2.13

2 Uncertain abundances are marked with :



Table 4.4a

Errors due to uncertainty in the stellar parameters

Species FQ Aqr LS IV -14° 109
AT =-500 Alog g = +0.5 AT 5 =-500 Alog g = +0.5
[°K] [cgs] K] {cgs]
A(log n) A(log n) A(log n) A(log n)
H 1 +0.09 +0.03 -0.10 -0.10
Cl/Cll -0.25/+0.61  -0.17/+0.12 -0.27/40.22  -0.17/+0.10
NI/NII 0.00/40.30  -0.01/40.17 0.14/40.22  -0.11/+0.12
01 +0.04 0.00 -0.12 -0.08
Ne I +0.46 +0.24 +0.29 +0.15
Na I -0.28 -0.18 -0.26 -0.17
Mg [/MgIl  -0.43/+0.10  -0.23/+0.06 -0.50/-0.04 -0.31/0.00
ATT/ALII/ALIL  -0.39/40.21/  -0.18/+0.15/ /-0.09/+0.38  /4+0.01/4+0.27
Si 1/Si 11 -0.27/-0.36  -0.20/+0.12 -0.290/40.13  -0.14/+0.09
Pl +0.22 +0.20 +0.19 +0.19
S1/S 11 -0.25/+028  -0.16/+0.19 -0.27/4021  -0.17/40.16
Cal/Call -0.83/-0.26  -0.46/-0.15 -0.86/-0.50  -0.53/-0.22
Sc 11 0.34 -0.04 -0.46 -0.13
Ti I -0.22 +0.03 -0.33 -0.06
Cr1/Cr 11 -0.51/-0.07  -0.22/+0.09 /-0.15 /+0.05
Mn 11 -0.04 +0.08 -0.10 +0.05
‘e 1/Fe 11 -0.46/-0.03  -0.20/+0.12 -0.48/-0.10  -0.24/+0.08
Sr I 0.57 -0.19 -0.57 -0.20
Y I -0.53 -0.18
Zr 11 -0.30 -0.01 -0.43 -0.10
Ba Il -0.56 -0.19 -0.51 -0.20

4.6 Error Analysis

The major sources of error in deriving the abundances are the line-to-line scatter of the
abundances and uncertainty in the adopted stellar parametrs (T.sy, log g and ). The
stellar parameters estimated are accurate within, typically, AT.;; = £300 K, Alog g
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= +0.5 [cgs] and Af = £1 km s™'. The errors in abundances corresponding to these
uncertainties are given in Tables 4.4a and 4.4b; the errors due to the uncertainty in ¢ are

negligible when compared to that due to uncertainties in the other parameters.

Table 4.4b
Errors due to uncertainty in the stellar parameters
Species BD -1° 3438 LS IV -1° 002
AT.s =-500 Alogg = +0.5 AT.ss =-500 Alog g = +0.5
K] fegs] K] g
A(log n) A(log n) A(log n) A(log n)
HI +0.22 -0.32 -0.16 -0.30
CIl/CII -0.22/-0.04 -0.31/-0.10 -0.09/+40.04 -0.20/4-0.05
NI/NII +0.24/-0.07 -0.30/+0.12 -0.15/4-0.04 -0.23/40.06
or/on +0.23/ -0.34/ -0.14/4-0.06 -0.23/+0.09
Ne | -0.04 +0.09 -0.10 -0.07
Na I +0.19 -0.29 -0.12 -0.21
Mg 11 +0.25 -0.29 -0.18 -0.23
Al TI/ATTII +0.10/-0.14 -0.01/40.02 -0.12/4-0.05 -0.18/40.10
Si I1/Si 11 +0.18/-0.08 -0.14/40.18 -0.18/+0.04 -0.18/+0.10
P II +0.06 +0.06 -0.07 -0.05
S 1I -0.03 +0.08 -0.01 +0.02
Ca ll +0.36 -0.17 -0.66 -0.11
Ti 11 +0.38 -0.40 -0.24 -0.24
Cr Il +0.36 -0.35
Mn II +0.31 +0.31
‘e [/Fe 1I/Fe IIT  +0.57/4+0.35/  -0.22/-0.03/ /-0.16/-0.01 /-0.21/+0.10
Sr I1 +0.37 -0.19 -0.19 -0.20
Ba 11 +0.33 -0.19 -0.18 -0.20

Abundance ratios are generally less subjected to these uncertainties because most el-

ements are sensitive to the stellar parameters in the same way. The abundance ratios

[X/Fe] for the programme stars are given in Table 4.5.
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Table 4.5
The abundance ratios [X/Fe] for cool EHe stars

FQ Aqr LSIV -14° 109 BD -1° 3438 LS IV -1° 002

Tess °K 8500 9500 11500 13000
log g (cgs units) 0.5 1.0 2.0 2.0
C/He 1% 1% 0.3% 0.5%
¢ km 57! 8.0 6.0 10.0 10.0
[H/Fe] 3.6 5.3 5.6 3.7
[C/Fe] 2.8 1.3 1.3 2.0
[N/Fe] 1.3 1.1 1.3 14
[0/Fe] 9.2 0.1 0.3 1.1
[Ne/Fe] 9.1 1.8 1.5 2.1
[Na/Fe] 1.3 1.0 0.8 1.4
[Mg/Fe] 0.3 -0.1 0.1 0.5
[Al/Fe] 0.1 0.7 0.3 0.1
[Si/Fe] 0.9 0.8 0.5 1.0
[P/Fe] 0.9 0.3 0.6 0.8
[S/Fe] 1.0 0.9 0.5 0.7
[Ca/Fe] 0.3 0.3 0.1 0.6
[Sc/Fe] 1.0 0.6

[Ti/Fe] 0.2 -0.2 0.4 0.9
[Cr/Fe] 0.2 -0.1 0.0

[Mn/Fe] 0.9 0.3 0.4

[Ni/Fe] 0.9

[Sr/Fe] -0.5 0.1 0.6

[Y/Fe] 0.2

[Zr/Fe] 0.3 0.2

[Ba/Fe] 0.4 0.1

The final abundances derived from neutral and ionized species of an element are sep-

arately given in Table 4.3 for our programme stars.
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In the case of BD -1° 3438 and LS IV -1° 002, Al Il amd Al III lines do not give the
same abundance of Al. Since only one or two Al III lines are observed in these stars, we
have used Al II lines for the abundance determination. In the spectra of LS IV -14° 109
and BD -1° 3438, Al II lines are strong and saturated, and the abundance of Al derived
using these lines is uncertain.

In the spectrum of LS IV -14° 109, both Si I and Si II lines are observed, and we
derived the same abundance of Si using Si I and Si II lines. Since the Si I lines present
in LS IV -14° 109 are weak and lie on the linear part of the curve of growth, we use
these lines for abundance determination. In the spectrum of FQ Aqr no Si I lines were
observed. Strong Si II lines are present and these lines fall on the flat part of the curve
of growth. The abundance of Si derived using these lines is uncertain and can be treated
as an upper limit. The abundance of Si is down by more than 1 dex in FQ Aqr than
in LS IV -14° 109 which is hotter than FQ Aqr by approximately 1000 K. Due to the
underabundance of Si in FQ Aqr, the Si [ lines in FQ Agr might be very weak and hence
difficult to observe. We do not see any Si 11l lines in the spectra of LS TV -14° 109 and
FQ Aqr because most of the Si is in singly ionized state.

In the spectra of BD -1° 3438 and LS IV -1° 002, both Si II and Si III lines are
observed. Si1 lines are not present in their spectra. Since these stars are hotter than LS
IV -14° 109 and FQ Aqr, most of the Si is in singly ionized state and also some amount
in doubly ionized state. The Si II lines are very strong in these stars. Therefore we have
not used Si Il lines for abundance determination, instead we have used weak Si III lines.
The Si III lines available for abundance determination are only one or two and hence the
abundance of 51 derived using these lines is uncertain.

The Ca abundance derived for our programme stars is only an upper limit because the
C'a 1l lines observed in their spectra are very strong and saturated.

The abundances derived using ‘Spectrum’ and ‘Eqwrun’ are in agreement within 0.1
dex for most of the species. We find that the abundances derived using the former are
always lower than those derived using the latter. This difference is probably due to the
data used for continuous opacity being from two different sources, as described in section
3.2.4.

The model atmospheres of Asplund et al. and Jeffery et al. (private communications)
deal with different temperature ranges which do not overlap. We have extrapolated the

model atmospheres constructed by Jeffery et al. to 9500 K. The derived abundances using
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this extrapolated model atmosphere agree with those derived using the model atmosphere
of temperature 9500 K constructed by Asplund et al. within 0.05 dex.

The derived abundances are discussed in the next'chapters”.
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Table 4.6

Lines used to derive elemental abundances for FQ Agr

A(A) x(eV) loggl W(mA) Abundance® Referenceb
HI

No. of lines=1

6562.8 10.2 0.71 580. 8.35 Luck
He I

No. of lines=8 '

3888.65 19.73  -0.70 368 11.59 Jeffery
3926.53 21.13 -1.85 185 11.75 Jeffery
3964.73 20.61 -1.30 210 11.39 Jeffery
4120.81 20.87 -1.52 200 11.58 Jeffery
4471.48 20.87 0.04 375 11.33 Jeffery
4713.14 20.87 -1.07 267 11.73 Jeffery
5047.74 14.06  -0.62 Synth¢ 11.54 Jeffery
5875.62 2096  0.74  Synth¢ 11.54 Jefery
6678.15 21.21  0.33 Synth© 11,54 Jeffery
Mean: 11.5340.21

CcI

No. of lines=49

5813.51 8.87 -2.73 128 0.42 OoP
5817.70 8.85 -2.88 69 9.18 OoP
5819.50 8.85 -2.73 132 9.44 OP
5850.25 8.77 -2.68 97 913 op
5864.95 8.77 -3.55 47 9.60 OoP
6877.31 8.77 -2.14 135 881 oP
5963.99 8.85 -2.64 145 9.2 oP
6335.70 8.77 -2.80 83 9.02 OP
6337.20 8.77 -2.33 100 8.82 oP
6342.32 B.77 -2.11 130 8.77 OP
6378.79 8.77 -3.29 68 9.55 OoP
6568.71 9.00 -2.17 167 9.18 OP
6591.45 8.85 -2.41 95 8.92 (0)4
6505.24 8.85 -2.41 78 8.81 oP
6611.35 8.85 -1.84 196 8.90 OP
6641.96 9.03 -3.46 30 9.48 OP
6650.97 8.85 -3.52 35 9.51 op
6711.29 8.54 -2.69 o8 0.04 OP
4735.17 7.95 -3.15 122 9.28 OP
4812.84 7.48 -3.38 152 9.36 OP
4890.65 7.49 -3.35 100 9.06 OoP
4898.63 7.49 -3.74 78 9.30 OP
5540.76 8.64 -2.38 142 9,01 OP
5547.27 8.64 -2,25 196 9,16 op
5996.08 8.64 -2.81 78 885 (0)4
6002.98 8.65 -2.17 191 9.05 Oop
6078.40 8.85 ~2.27 146 9.06 0)4
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Table 4.6 (continued)

Lines used to derive elemental abundances for FQ Agr

AMA) x(eV) loggf W(mA) Abundance® Reference’
6113.15 8.85 -2.63 120 9.28 (0) 3
6115.85 8.85 -2,51 150 9.31 oP
6120.82 8.85 -2.41 141 9.17 OP
6413.55 877 -2.00 178 8.91 OP
6688.78 8.85 -2.13 163 9.03 oP
8671.82 8.85 ~1.66 224 8.87 OP
7108.94 8.64 -1,89 295 9.04 op
7115.19 8.64 -0.94 446 9.11 op
7116.99 8.65 -0.91 453 9.12 op
7476.18 8.77 -1,57 290 9.06 (0) 3
7848.25 8.85 -1,73 218 8.87 (0) 3
4371.33 7.68 -1,96 320 9.04 oP
4770.00 7.48 -2.44 307 9.22 oP
4771.72 7.49 -1.87 475 9.668 0) 3
477587 7.49 -2.30 337 9.27 oP
4932.00 7.88 -1.66 402 9.10 (0) 3
5052.12 7.68 -1.30 460 9.05 0]
5551.59 8.64 -1.90 284 9.25 QP
68001.13 8.64 -2.06 260 9.29 OP
6007.18 8.64 -2.08 226 9.11 oP
6010.68 8.64 -1.94 253 9.13 OP
6587.75 8.54 -1,00 4158 2.7 OP
Mean: 9.1440.22

CII

No. of lines=2

3918.98 16.33 -0.55 277 0.47 Jeffery
3920.68 16.33 -0.24 300 9.33 Jeffery
Mean: 9.40£0.1

NI

No. of lines=5

4099.94 10.63 -1.25 50 6.91 Luck
6644.96 11.71 -0,91 46 7.13 Luck
T423.63 10.28 -0.61 220 7.12 Luck
7442.28 10.29 -0.31 309 7.29 Luck
8216.28 10.29 0.16 462 7.31 Luck
Mean: 7.1540.18

N II

No. of lines=2

3995.00 18.42 0.2 25 7.33 Luck
5679.56 18.4 0.24 18 7.36 Luck
Mean: 7.344£0.02
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Table 4.6 (continued)

Lines used to derive elemental abundances for FQ Aqr

MA) x{eV} loggf W(mA) Abundance® Reference’
Ol

No. of lines=8

5330.66 10.69 -0.97 384 8.91 Luck
5436.83 10.69 -1.5 301 8.92 Luck
5554.94 10.94 -1.82 230 9.05 Kur 75
6158.19 10.89 -0.29 513 9.00 Luck
6453.60 10.74 -1.35 388 9.34 Luck
7473.23 14.06 -0.37 142 9.01 Luck
7771.96 9.11 0.32 928 8.84 Luck
T774.18 9.11 0.17 931 0.01 Luck
Mean: 9.01+0.15

Ne I

No. of lines=14

5764.42 18.48 -0.31 93 8.54 Luck
5852.49 16.78 -0.44 101 7.90 Luck
5881.80 16.55 -0.67 84 7.79 Kur 75
6030.00 18.8 -1.04 56 7.84 Kur 73
6074.34 18.8 -0.47 118 8.11 Luck
6143.06 16.55 0.17 153 7.86 Luck
6163.59 16.64 -0.48 88 7.80Q Luck
6217.28 16.55 -0.78 74 7.90 Luck
6266.50 16.64 -0.18 148 8.25 Luck
6334.43 16.55 -0.79 121 8.54 Luck
6382.99 18.6 -0.09 156 8.27 Luck
6402.25 16.55 0.35 209 8.35 Luck
6506.53 16.6 0.16 163 8.15 Luck
7032.41 16.55 -0.14 132 8.28 Luck
Mean: 8.11+0.27

Na I

No. of lines=2

5682.65 2.1 -0.71 57 5.76 Luck
8194.84 2.1 0.53 219 5.31 Luck
Mean: 5.53+0.32

Mg [

No. of lines=5

3829.35 2.7 -0.05 190 5.38 Luck
3832.30 2.7 0.70 310 5.40 Luck
5167.32 2.7 -0.86 117 5.60 Luck
5172.68 2.7 -0.38 200 5.52 Liuck
5183.60 2.7 -0.16 224 5.389 Luck

Mean: 5.46£0.10
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Table 4.6 (continued)

Lines used to derive elemental abundances for FQ Agr

AA) x(eV) loggf W(mA) Abundance® Reference®
Mg 11

No. of lines=6

3848.24 8.83 -1.60 175 6.29 Luck
4390.58 9.96 -0.53 248 6.23 Luck
4428.00 9.95 -1.21 128 6.08 Luck
4433.99 9.96 -0.90 178 6.09 Luck
7877.06 0.99 0.39 362 6.00 Luck
7896.38 10.0 0.85 450 8,29 Luck
Mean: 6.1640.12

All

No. of lines=1

3944.01 0.0 -0.82 83 4.21 Luck
Alll

No. of lines=4

4663.05 10.55 -0.28 145 4.83 Luck
5593.23 13.2 0.41 40 4,56 Kur 75
6226.18 13.01 0.05 44 4.97 Kur 75
6837.14 13.02 0.08 34 4.90 Kur 75
Mean: 4.8140.18

Si Il

No. of lines=6

3853.66 6.83 -1.52 335 .42 Kur 75
3862.59 6.83 -0.82 415 6.32 Kur 75
4128.05 9.79 0.31 385 6.61 Luck
4130.88 9.8 0.46 403 6.57 Luck
5056.02 10.03 0.44 458 8.86 Luck
5978.93 10.07 -0.06 285 6.26 Luck
Mean: 6.5140.22

P11

No. of lines=2

6024.17 10.71 0.18 49 4.48 Kur 75
6034.01 10.69 -D0.14 16 4,13 Kur 75
Mean: 4.340.24

S1

No. of lines=3

6743.58 7.83 -0.85 10 8.14 Luck
6748.79 7.83 -0.53 24 B8.18 Luck
6757.18 7.84 -0.24 33 6.05 Luck
Mean: 6.1240.07
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Table 4.6 (continued)

Lines used to derive elemental abundances for FQ Agr

MA) x(eV) loggf W(mA) Abundance® Reference?
SII

No. of lines=7

4815.52 13.61 -0.05 83 6.16 Luck
4917.15 13.94 -0.40 25 5.78 Luck
5453.81 13.61 0.56 110 5.97 Kur 75
5473.59 13.53 -0.12 50 5.85 Kur 75
5509.67 13.56 -0.12 55 5.95 Kur 75
56086.11 13.67 0.16 85 5.90 Kur 75
5659.95 13.82 -0.07 76 6.28 Kur 75
Mean: 5.9840.17

Cal

No. of lines=1

4226.73 0.0 0.60 40 3.92 Luck
Ca II

No. of lines=1

8248.80 7.51 0.57 161 4.18 Luck
Sc 11

No. of lines=7

4314.08 0.62 -0.34 330 2.14 Luck
4320.75 0.6 -0.47 290 2.02 Luck
4374 .46 0.62 -0.87 268 2.10 Luck
4400.35 0.6 -0.78 217 1.95 Luck
4420.67 0.62 -2.52 18 2.29 Luck
5239.82 1.45 -0.94 94 2.02 Luck
5526.81 1.76 -0.22 210 2.02 Luck
Mean: 2.0840.11

Tl

No. of lines=49

3776.06 1.57 -1.34 149 3.15 Luck
3882.28 1.14 -1.71 157 3.22 Luck
3900.58 1.13 -0.45 427 3.69 Luck
3913.46 1.11 -0.31 387 3.12 Luck
3932.01 1.13 -1.78 172 3.38 Luck
4028.33 1.88 -1.00 223 3.33 Luck
4053.81 1.88 -1.21 184 3.33 Luck
41683.64 2.58 -0.40 256 3.34 Luck
4171.90 2.59 -0.56 210 3.28 Luck
4287.89 1.08 -2.02 124 3.25 Kur 75
4290.22 1.16 -1.12 255 3.04 Luck
4300.05 1.18 -0.40 335 2.80 Luck
4301.17 1.16 -1.24 191 2.84 Kur 75
4307.90 1.16 -1.10 223 2.85 Luck
4312.86 1.18 -1.16 240 3.01 Luck
4314.98 1.16 -1.13 2156 2.84 Luck
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Table 4.6 (continued)

Lines used to derive elemental abundances for FQ Aqr

XA x(eV) loggf W(mA) Abundance® Reference®
4337.92 1.08 -1.13 263 3.02 Luck
4395.03 1.08 -0.51 365 2.99 Luck
4399.77 1.23 -1.27 199 2.93 Luck
4407.68 1.22 -2.47 24 2.92 Luck
4411.08 3.08 -1.06 127 3.62 Luck
4417.72 1.16 -1.43 231 3.19 Luck
4421.95 2.05 -1.77 61 3.23 Luck
4441.73 1.18 -2.41 48 3.16 Luck
4443.80 1.08 -0.70 308 2.81 Luck
4450.49 1.08 -2.14 168 3.55 Luck
4468.49 1.13 -0.60 332 2.88 Luck
4488.32 3.11 -0.48 127 3.03 Kur 75
4493.53 1.08 -2.83 44 3.46 Luck
4501.27 1.11 -0.78 309 2.88 Luck
4529.46 1.56 -2.03 95 3.38 Luck
4533.97 1.23 -0.77 429 3.68 Luck
4544.01 1.24 -2.40 33 2.99 Luck
4563.76 1.22 -0.96 278 2.95 Luck
4571.97 1.56 -0.63 285 2.81 Luck
4708.66 1.25 -2.37 40 3.05 Luck
4779.99 2.04 -1.37 104 3.Q7 Luck
4798.54 1.08 -2.87 67 3.48 Luck
4805.10 2.05 -1.10 152 3.05 Luck
4874.02 3.08 -0.79 75 2.99 Luck
4911.21 3.11 -0.34 113 2.79 Luck
5183.70 1.57 -1.21 175 2.90 Luck
Mean: 3.1240.25

Crl

No. of lines=49

4254.35 0.0 -0.11 45 3.93 Luck
Cr I

No. of lines=30

3865.59 5.3 -0.78 108 3.66 Kur 75
3979.51 5.65 -0.73 78 3.80 Kur 75
4038.03 6.46 -0.56 46 3.61 Kur 75
4086.14 3.7 ~2.42 25 3.49 Kur 75
4252.62 3.84 -2.02 83 3.76 Kur 75
4261.92 3.85 -1.53 138 3.61 Kur 75
4275.57 3.84 -1.71 119 3.87 Kur 75
4539.62 4.02 -2.53 30 3.82 Luck
4555.02 4.05 -1.38 173 3.72 Luck
4558.66 4.06 -0.66 310 3.78 Luck



Table 4.6 (continued)

Lines used to derive elemental abundances for FQ Aqr

AMA) x(eV) loggf W(mA) Abundance® Reference®
4565.78 4.02 -2.11 60 3.74 Luck
4588.22 4.05 -0.63 284 3.58 Luck
4589.89 4.05 -1.22 166 3.51 Luck
4592.09 4.08 ~-1.22 143 3.41 Luck
4616.64 4.05 -1.29 124 3.36 Luck
4618.83 4.06 -1.11 228 3.73 Luck
4634.11 4.05 -1.24 186 3.83 Luck
4824.13 3.85 -1.22 245 3.78 Luck
4848.24 3.85 -1.14 210 3.51 Luck
4864.32 3.84 -1.37 182 3.59 Kur 75
4876.41 3.84 -1.46 192 3.73 Luck
4884.57 3.84 -2.08 62 3.6 Luck
5237.34 4.08 -1.16 218 3.68 Luck
5246.75 3.7 ~2.48 40 3.87 Luck
5249.40 3.74 ~2.62 37 3.8 Luck
5274.99 4.05 -1.29 243 3.93 Kur 75
5310.70 4.05 -2.28 49 3.79 Luck
5313.59 4.06 -1.65 132 3.73 Luck
5334.88 4.05 -1.56 114 3.54 Kur 75
5478.35 4.16 -1.91 72 3.68 Kur 75
Mean: 3.66+0.13

Mn 11

No. of lines=3

4260.47 1.84 -4.25 44 4.32 Kur 75
4292,25 5.36 -2.23 45 4.47 Kur 75
6122.44 10.14 0.95 50 4.08 Kur 75
Mean: 4,2940.20

Fe I

No. of lines=7
3825.88 0.91 -0.04 87 4.82 Luck
3827.82 1.55 0.06 79 5.09 Luck
3859.91 0.0 -0.71 100 4.94 Luck
3886.28 0.05 -1.08 65 5.10 Luck
4271.76 1.48 -0.16 60 5.03 Luck
4383.55 1.48 0.20 106 4.96 Luck
4404.75 1.55 -0.14 75 5.15 Luck
Mean: 5.01£0.11

Fe [1

No. of lines=59

3779.58 2.53 -3.78 94 5.44 Kur 75
3781.51 4.48 -2,78 85 5.55 Kur 75
3783.35 2.27 -3.16 190 5.24 Kur 75
3821.92 2.33 -3.83 105 5.42 Kur 75
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Table 4.6 (continued)

Lines used to derive elemental abundances for FQ Agr

AMA) x(eV) loggf W(mA) Abundance® Reference’

3824.91 2.57 -3.41 163 5.50 Luck
3872.76 2.69 -3.32 157 5.43 Kur 75
3896.11 2.63 -4.04 70 5.55 Kur 75
3914.48 1.66 -4.05 170 5.57 Luck
3938.29 1.66 -3.89 168 5.40 Luck
3938.97 5.89 -1.85 120 5.66 Luck
3945.21 1.69 -4.25 110 5.44 Luck
3974.16 2.69 -3.51 129 5.43 Luck
4048.83 5.54 -2.14 115 5.68 Kur 75
4122.64 2.57 -3.38 181 5.48 Luck
4124.79 2.53 -4.20 58 5.50 Luck
4138.21 4.71 -3.18 40 5.58 Kur 75
4173.45 2.57 -2.18 330 5.21 Luck
4258.15 2.69 -3.40 170 5.49 Luck
4273.32 2.69 -3.34 152 5.32 Luck
4296.57 2.69 -3.01 234 5.45 Luck
4303.17 2.69 -2.49 310 5.40 Luck
4351.76 2.69 -2.10 378 5.45 Luck
4369.40 2.77 -3.87 140 5.62 Luck
4385.38 2.77 -2.57 240 5.07 Luck
4413.60 2.66 -3.87 78 5.37 Luck
4416.82 2.77 -2.60 308 5.51 Luck
4472.92 2.83 -3.43 130 5.35 Luck
4489.19 2.82 -2.97 224 5.39 Luck
4491.40 2.84 -2.70 230 5.16 Luck
4515.34 2.83 -2.48 299 5.34 Luck
4520.23 2.79 -2.80 295 5.41 Luck
4541.52 2.84 -3.05 212 5.40 Luck
4555.89 2.82 -2.29 360 5.52 Luck
4580.06 2.57 -3.72 100 5.30 Kur 75
4582.83 2.83 -3.10 192 5.33 Luck
4620.51 2.82 -3.28 155 5.31 Luck
4629.34 2.79 ~2.37 363 5.58 Luck
4635.33 5.93 -1.65 146 5.51 Luck
4648.93 2.57 -4.39 45 5.52 Kur 75
4666.75 2.82 -3.33 175 5.46 Luck
4731.44 2.88 -3.36 182 5.46 Luck
4871.27 2.69 -4.06 65 5.44 Kur 75
4993.35 2.79 -3.65 140 5.56 Luck
5074.06 6.78 -1.97 39 5.49 Kur 75
5254.92 3.22 -3.23 148 5.44 Kur 75
5272.41 5.93 -2.03 80 5.45 Luck
5275.99 3.18 -1.94 336 5.14 Luck
5284.09 2.88 -3.19 164 5.27 Luck
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Table 4.6 (continued)

Lines used to derive elemental abundances for FQ) Agr

AMA) x(eV) loggf W(mA) Abundance® Reference?
5362.86 3.19 -2.74 248 5.44 Kur 75
5425.27 3.19 -3.36 139 5.49 Luck
5534.86 3.23 -2.93 245 5.64 Luck
6147.73 3.87 -2.72 148 5.33 Kur 73
6149.24 3.87 -2.92 146 5.52 Luck
6175.16 6.2 -1.98 55 5.37 Kur 75
6179.38 5.54 -2.81 45 5.70 Luck
6247.56 3.87 -2.51 204 5.41 Luck
6331.97 6.19 -1.98 50 5.31 Kuar 75
6446.43 6.2 -2.16 43 5.43 Luck
4508.28 2.84 -2.21 323 5.23 Luck
Mean: 5.43+£0.13

Ni II

No. of lines=3

3849.58 4.01 -1.88 177 4.32 Kur 75
4015.5 4.01 -2.42 95 4.27 Kur 75
4192.07 4.01 -3.06 37 4.34 Kur 75
Mean: 4.31£0.03

Srll

No, of lines=2

A077.72 0.0 0.15 180 0.45 Luck
4215.54 0.0 -0.16 112 0.41 Luck
Mean: 0.43+0.03

Zr 1l

No. of lines=2

41483.22 0.8¢ 0.08 51 0.6 Thev 89,90
A4369.74 1.23 -0.25 30 0.94 Thev 89,90
Mean: 0.77+£0.24

Ba Il

No. of lines=1

1554.04 0.0 C.12 50 0.39 Luck

* Normalized such that log¥u;n; = 12.15
b Sources of gf-values

“ Spectrum synthesis
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References:

Jeffery

Kur 75
Luck

OP

Thev 89,90

C. Simon Jeffery (private communication)
Kurucz & Petryemann, 1975

R. E. Luck (private communication)
Opacity Project (see section 4.4.1)
Thevenin 1989, 1990
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Table 4.7

Lines used to derive elemental abundances for LS IV ~14° 109

AA) x(eV) loggf W(mA ) Abundance® Reference’
HI

No. of lines=1

6562.80 10.2 0.71 515 6.30 Luck
HeI

No. of lines=2

3871.82 21,13 -1.92 Synth® 11,54 Jeffery
5047.74 14.06  -0.62 Synthe 11.54 Jeffery
cI

No. of lines=40

4734.26 7.95 -2.37 191 9.36 OP
4735.17 7.95 -3.15 123 9.67 OP
4766.62 7.48 -2.62 199 9.40 OP
4817.37 7.48 -3.04 182 9.69 OP
4890.65 7.49 -3.38 110 9.52 OP
5023.85 7.95 -2.21 175 9.07 OP
5547.27 8.64 -2.25 131 9.19 oP
5963.99 8.65 -2.64 150 9.71 OP
6002.98 8.65 -2.17 152 9.25 OopP
6007.18 8.64 -2.06 157 9.17 OopP
6010.68 8.64 -1.94 178 9.19 (0) 4
68078.40 8.85 -2.27 107 9.17 OP
6335.70 8.77 -2.8 106 9.66 OF
6337.20 8.77 -2.33 133 9.37 OF
6397.98 8.77 -1.78 180 9.14 OFP
6568.71 9.00 -2.17 160 0.47 OP
6595.24 8.85 -2.41 90 9.21 opP
6611.35 8.85 -1.84 174 9.22 oP
6711.29 8.54 -2.69 95 9.38 QP
7108.94 8.64 -1.59 274 9.50 or
7111.48 8.64 -1.09 340 9.41 OoP
7113.18 8.65 -0.77 364 9.25 OoP
7115.19 8.64 -0.94 350 9.32 OP
7116.99 8.65 -0.91 344 9.26 OP
7119.67 8.64 -1.15 334 9.43 opP
7476.18 8.77 -1.57 201 9.65 OP
7483.44 8.77 -1.37 229 9.07 OP
7662.43 8.77 -1.28 255 9.14 opP
7685.20 8.77 -1.52 237 9.26 oP
7832.63 8.85 -1.81 204 9.36 oP
7860.89 8.85 -1.15 291 9.22 oP
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Table 4.7 (continued)

Lines used to derive elemental abundances for LS IV -14° 109

MA) x(eV) loggf W(mA) Abundance® Reference®
4371.33 7.68 -1.96 261 9.39 OP
4770.00 7.48 -2.44 255 9.62 oP
4771.72 7.49 -1.87 309 9.46 oP
4775.87 7.49 -2.3 241 9.38 oP
4932.00 7.68 -1.66 317 9.39 QP
5039.07 7.95 -1.79 308 9.60 QP
5793.12 T.95 -2.06 210 9.13 QP
5052.12 7.68 -1.3 335 9.15 oP
6587.75 8.54 -1.00 332 9.23 QP
Mean: 9.3540.18

[¢0!1

No. of lines=3

3920.68 16.33 -0.24 340 9.46 Yan 87
6578.05 14,45 -0.04 502 9.44 Dahari 84
6582.85 14.45  -0.34 450 9.56 Dahari 84
Mean: 9.4840.06

NI

No. of lines=10

4009.94 10.653 -1.25 208 8.42 Luck
41 14,00 10.64 -1.95 100 8.30 Luck
4151416 13.249 -1.87 173 8.57 Luck
401490 10.63 -2.26 115 8.64 Luck
A4935.0:3 10.64 -1.94 163 8.66 Luck
BOYY.AT 11.55 -1.75 180 9.09 Kur 75
661496 11.71 -00.91 255 8.89 Luck
66:416,52 1.7 -1.59 138 B8.75 Luck
Ta23.63 10.28 -(}).61 476 9.16 Luck
T442.28 10.29 -0.31 505 9.05 Luck
Mean: 8.75+£0.29

N 1T

No. of lines=5

39495.00 18.42 0.2 155 9.16 Luck
A607.15 18.38 -0.5 78 8.81 Luck
A613.87 18.39 -0.64 72 8.87 Luck
4643.09 181 -0.35 93 8.90 Luck
5686.21 18.39 -(.55 78 9.10 Luck
Mean: 8.974+0.15

Ol

No. of lines=8

5330.66 10.69 -0.97 234 8.42 Luck
5435.76 10.69 -1.65 192 8.77 Luck
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Table 4.7 (continued)

Lines used to derive elemental abundances for LS IV -14° 109

A x(eV) loggf W(mA) Abundance® Reference?
6155.99 10.69 -0.66 250 8.21 Luck
65156.78 10.69 -0.44 290 8.28 Luck
6158.19 10.69 -0.29 366 8.68 Luck
T771.96 9.11 0.36 620 8.44 Luck
7774.18 9.11 0.22 578 8.41 Luck
T775.40 9.11 0.0 523 833 Luck
Mean: 8.4440.19

Ne ]

No. of lines=13

5852.49 16.78 -0.44 261 9.50 Luck
5881.90 16.55 -0.67 262 9.62 Kur 75
60:30.00 16.6 -1.04 190 9.29 Kur 75
6074.34 16.6 -0.47 257 9.44 Luck
6143.06 16.55 0.17 371 9.64 Luck
5163.59 16.64 -0.48 247 9.39 Luck
6217.28 16.55 -0.78 224 9.43 Luck
$266.50 16.64 -0.18 310 0.69 Luck
£:334.43 16.55 -0.79 284 10.05 Luck
(:382.99 18.6 -0.08 308 9.58 Luck
68102.25 16.55 0.35 388 8.62 Luck
6506.53 16.6 0.16 365 9.74 Luck
T032.41 16.55 -0.14 317 9.83 Luck
Mean: 9.604+0.20

Na |

No. of lines=4

1664.80 2.1 -1.52 69 7.02 Luck
heiR2.65 2.1 -0.71 135 6.70 Luck
6154.23 2.1 -1.57 70 7.08 Luck
8104.84 2.1 0.53 340 6,58 Luck
Mean: 6.8440.24

Mg [

No. of lines=49

5183.60 2.7 -0.16 299 6.84 Luck
4702.99 4.33 -0.38 158 717 Luck
Mean: 7.00+0.23

Mg 11

No. of lines=3

1848.24 8.83 -1.6 275 7.57 Luck
4128.00 9.95 ~1.21 248 7.34 Luck
1133.99 9.96 -0.9 303 7.53 Luck
Mean: 7.48+0.12
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Table 4.7 (continued)

Lines used to derive elemental abundances for LS IV -14° 109

MA) x(eV) loggf W(mA) Abundance® Referencet
Al 11

No. of lines=7

4663.05 10.55 -0.28 368 7.00 Luck
5593.23 13.2 0.41 282 7.04 Kur 75
6226.18 13.01 0.05 264 717 Kur 75
6823.48 13.02 -0.14 271 7.51 Kur 75
6837.14 13.02 0.08 296 7.52 Kur 75
7042.06 11.27 0.35 444 7.24 Kur 75
7063.64 11.27 -0.35 370 7.50 Kur 75
Mean: 7.28+£0.23

Al III

No. of lines=2

5696.47 15.64 -0.24 89 6.65 Kur 75
5593.23 13.2 0.41 282 6.80 Kur 75
Mean: 6.73+0.10

Sil

No. of lines=5

5708.44 4.93 -1.47 44 7.50 Luck
6145.08 5.61 -1.48 35 .77 Luck
6155.14 5.62 -0.75 80 7.51 Tom 97
7832.20 5.96 -0.47 98 7.51 Luck
8556.77 5.87 -0.19 230 7.47 Luck
Mean; 7.60+0.13

Sill

No. of lines=2

4076.78 9.83 0.02 282 7.99 Kur 75
5957.61 10.07 -0.3 4114 777 Luck
6829.82 12.88 -0.27 207 7.50 Luck
Mean: 7.7540.24

> I

No. of lines=3

5499.72 10.76 -0.47 74 5.33 Kur 75
60:34.01 10.69 -0.14 132 5.66 Kur 75
6165.568 10.78 -0.4 100 5.66 Kur 75
Mean: 5,55£0.19

31

No. of lines=4

6052.66 787 -0.63 85 7.28 Luck
6743.58 7.83 -0.85 120 7.7 Luck
6748.79 7.83 -0.53 140 7.6 Luck
6757.18 7.84 -0.24 211 7.81 Luck
Mean: 7.6240.24
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Table 4.7 (continued)

Lines used to derive elemental abundances for LS IV -14° 109

MA) x(eV) loggf W(mA) Abundance® Reference®
SII

No. of lines=12

4153.10 15.83 0.4 118 711 Kur 75
4716,23 13.56 -0.52 124 7.00 Luck
4779.11 13.61 -1.65 94 7.83 Kur 75
4815.52 13.61 -0.05 191 7.31 Kur 75
4917.15 13.94 -0.4 140 7.28 Luck
5428.64 1363 -0.01 199 7.39 Luck
5432.77 13.56 0.31 300 8.05 Luck
5453.81 13.61 0.58 329 8.05 Kur 75
5473.69 13.53 -0.12 205 7.56 Kur 75
5509.67 13.56 -0.12 230 7.84 Kur 75
5606.11 13.67 0.18 266 797 Kur 75
5664.73 13.8 -0.3 135 7.04 Kur 75
Mean: 7.54+0.40

Cal

No. of lines=1

4226.73 0.0 0.8 85 5.58 Luck
Ca Tl

No. of lines=2

8542,08 1.69 -0.49 896 5.75 Kur 75
8662.14 1.69 -0.78 779 5.44 Kur 75
Mean: 5.6040,22

Se 11

No. of lines=5

4400.35 0.6 -0.78 231 3.06 Luck
43056.71 0.59 -1.52 200 3.60 Luck
6604.60 1.55 -1.53 89 3.35 Luck
H684.19 1.5 -1.25 135 3.35 Luck
5R26.81 1.78 -0.22 250 3.15 Luck
Mean: 3.3040.21

Ti 11

No. of lines=25

3776.06 1.57 -1.34 228 4.51 Luck
38:36.08 0.6 -1.93 178 4.03 Luck
3882.28 [.11 -1.71 157 3.98 Luck
3913.48 1.11 -0.31 350 4.29 Luck
3032.01 1.13 -1.78 230 4.61 Lauck
4300.05 1.18 -0.4 359 4.21 Luck
4301.93 1.16 -1.24 250 4.09 Kur 75
4318.81 2.04 -1.42 153 4.14 Luck
4350.83 2.05 -1.4 156 4.14 Luck
4421.95 2.05 -1.77 166 4.55 Luck
4441.73 1.18 -2.41 160 4.60 Luck
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Table 4.7 (continued)

Lines used to derive elemental abundances for LS IV -1/° 109

MA) x(eV) loggf W(mA ) Abundance® Reference®
4488.32 3.11 -0.46 221 4.27 Kur 75
4544.01 1.24 -2.4 94 4.22 Luck
4545.14 1.13 -1.81 148 3.89 Luck
4563.76 1.22 -0.96 329 4.39 Luck
4571.97 1.56 -0.53 340 4.27 Luck
4708.66 1.25 -2.37 142 4.46 Luck
4779.99 2.04 -1.37 228 4.49 Luck
4798.54 1.08 -2.87 128 4.57 Luck
4874.02 3.08 -0.79 188 4.28 Luck
4911.21 3.11 -0.34 262 4.37 Luck
5072.30 3.11 -0.75 253 4.68 Luck
5418.80 i.57 .21 115 4.18 Luck
4501.27 1.11 -0.76 323 4,12 Luck
4443.80 1.08 -0.7 350 4.26 Luck
Mean: 4.30£0.21

Cr I .

No. of lines=30

3865.59 5.3 -0.78 200 4.78 Kur 75
3011.32 4.92 -2.06 187 5.44 Kur 75
3979.51 5.65 -0.73 224 5.12 Kur 75
4038.03 6.46 -0.56 182 5.01 Kur 75
4195.41 5.3 -2.32 128 5.62 Kur 75
4256.16 6.46 -1.39 104 5.19 Kur 75
4261.92 3.85 -1.53 246 4.91 Kur 75
4275.57 3.84 -1.71 241 5.03 Kur 75
4539.62 4,02 -2.53 185 5.22 Luck
4555.02 4.05 -1.38 271 5.00 Luck
4558.66 4.06 -0.66 394 5,37 Luck
4565.78 4.02 -2.11 212 5,22 Luck
4616.64 4.05 -1.29 296 5.10 Luck
4618.83 4.06 -1.11 292 4,87 Luck
4634.11 4.05 -1.24 280 4.97 Luck
4812.35 3.85 -1.8 225 4.86 Luck
4824.13 3.85 -1.22 325 5.06 Luck
4836.22 3.84 -2.25 248 5.48 Luck
4848.24 3.85 -1.14 300 4.77 Luck
4864.32 3.84 -1.37 283 4.87 Kur 75
4876.41 3.84 -1.48 335 5.36 Luck
4884.57 3.84 -2.08 208 4,99 Luck
5246.75 37 -2.48 114 4.66 Luck
5249.40 3.74 -2.62 198 5.36 Luck
5274.99 4.05 -1.29 311 5.05 Kur 75
5334.88 4.05 -1.56 260 4.93 Kur 75
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Table 4.7 (continued)

Lines used to derive elemental abundances for LS IV ~14° 109

MA) x(eV) loggf W(mA) Abundance® Reference®
5420.90 3.74 -2.58 124 4.83 Luck
5620.63 6.46 -1.14 153 5.18 Kur 75
4589.89 4.05 -1.22 278 4.88 Luck
4592.09 4.06 -1,22 277 4.88 Luck
Mean: 5.07+0.24

Mn II

No. of lines=11

5297.06 9.82 0.62 207 5.67 Kur 75
4206.38 5.37 -1.87 168 5.11 Kur 75
4260.47 1.84 -4.25 143 5.52 Kur 75
4292.25 5.36 -2.23 145 5.57 Kur 75
4727.90 5.35 -2,07 134 5.27 Kur 75
4730.36 5.35 -2.15 20 5.04 Kur 75
4755.73 5.37 -1.24 215 5.07 Kur 75
4764.70 5.37 -1.35 203 5.08 Kur 75
6122.44 10.14 0.95 226 5.68 Kur 75
7415.78 3.69 -2.2 295 5.32 Kur 75
7432.27 3.69 -2.8 187 4.95 Kur 75
Mean: 5.3040.27

Fe 1

No. of lines=7

1840.44 0.99 -0.51 170 6.67 Luck
3859.91 0.0 -0.7 230 6.76 Luck
3886.28 0.05 -1.08 150 6.50 Luck
4104581 148 0.28 260 6.90 Luck
4071.74 1.6 -0.02 206 6.77 Luck
4271.16 2.44 -0.35 129 7.00 Luck
4404.75 1.55 -0.14 225 6.91 Luck
Mean: 6.79+£0.17

Fe T1

No. of lines=47

3779.58 2.53 -3.78 214 6.79 Kur 75
3781.51 4.48 -2.78 220 7.01 Kur 75
3824.91 2.57 -3.41 2065 6.89 Louck
3896.11 2.63 -4.04 180 8.74 Kur 75
3930.31 1.69 -4.03 300 7.24 Kur 75
3938.97 5.89 -1.85 209 6.72 Luck
3945.11 1.69 -4,25 260 7.10 Luck
4046.81 4.48 -4.1 100 7.19 Kur 75
4088.75 2.83 -4.81 124 7.14 Kur 75
4122.64 2.87 -3.38 265 8.71 Luck
4124.79 2.53 -4.2 181 8.78 Luck
4177.70 2.53 ~3.75 280 7.25 Kur 75

4273.32 2.69 -3.34 273 6.76 I.:uck
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Table 4.7 (continued)

Lines used to derive elemental abundances for LS IV -14° 109

MA ) x(eV) loggf W(mA) Abundance® Reference’
4303.17 2.69 -2.49 386 6.94 Luck
4351.76 2.69 -2.1 413 6.71 Luck
4416.82 2.77 -2.8 365 6.87 Luck
4449.66 7.89 -1.59 137 6.79 Kur 75
4491.40 2.84 -2.7 329 6.62 Luck
4520.23 2.79 -2.6 381 6.97 Luck
4522.63 2.83 -2.03 413 6.87 Luck
4555.89 2.82 -2.29 450 7.13 Luck
4576.33 2.83 -3.04 317 6.80 Luck
4582.83 2.83 -3.1 314 5.83 Luck
4583.83 2.79 -2.02 533 7.22 Luck
4598.53 7.77 -1.5 221 7.36 Kur 75
4601.34 2.88 -4.43 171 7.03 Kur 75
4835.33 5.93 -1.88 285 8.99 Luck
4648.93 2.57 -4.39 156 8.70 Kur 75
4666,75 2.82 -3.33 292 8.84 Luck
486882 2.66 -5.18 121 7.28 Kur 75
4871.27 2.69 -4.068 211 6.81 Kur 75
4893.78 2.82 -4.45 174 7.01 Luck
5197.57 3.22 -2.1 408 6.72 Luck
5272.41 5.93 -2.03 263 7.08 Luck
5275.99 3.19 -1.94 433 6.70 Luck
5325.56 3.21 -2.8 349 6.66 Luck
5362.86 3.19 -2.74 382 7.07 Kur 75
5525.14 3.25 -4.61 161 7.28 Kur 75
5501.38 3.25 -4.68 107 7.00 Kur 75
5627.49 3.37 -4.36 165 7.13 Luck
6§732.72 3.37 -4.67 90 6.93 Kur 75
5952.55 5.93 -2.03 275 7.13 Kur 75
5991.38 3.14 -3.74 300 7.28 Luck
6147.73 3.87 -2.72 342 7.04 Kur 75
6331.97 8.19 -1.98 257 7.08 Kur 75
6446.43 6.2 -2.18 204 6.89 Luck
T7462.38 3.87 -2.73 303 6.66 Kur 78
Mean: 6.951+0.21

Ni I

No. of lines=4

8772.36 3.65 -0.98 28 6.80 Luck
7422.30 3.83 0.07 128 6.63 Luck
4980.18 3.6 -0.1 97 6.62 Luck
4459.04 3.31 -0.06 88 6.39 Thev 89,90
Mean: 6.61£0.17

103



Table 4.7 (continued)

Lines used to derive elemental abundances for LS IV ~14° 109

AA) x(eV) loggl W(mA) Abundances Reference®
Sr II

No. of lines=2

4077.72 0.00 0.15 310 2.60 Luck
4216.54 000 -0.16 277 2.53 Luck
Mean: 2.5640.05

Y II

No. of lines=3

4309.82 013  -0.74 55 1.87 Luck
4854.87 0.99  -0.38 35 177 Luck
4900.13 108 -0.09 104 2.09 Luck
Mean: 1.91+0.17

Zr 11

No. of lines=2

4149.22 0.8 0.08 113 1.85 Thev 89,90
4359.74 1.23 -0.28 56 1.99 Thev 89,90
Mean: 1.92+0.10

Ba II

No. of lines=3

4554.04 0.0 0.12 95 1.61 Luck
4934.09 Q.0 -0.18 72 1.68 Luck
6141.73 0.7 0,08 60 1.86 Luck
Mean: 1.7240.13

¢ Normalized such that loghun; = 12.15
b Sources of gl-values

© Spectrum synthesis

ferences:
Kur 75 Kuruez & Petryemann, 1975
Luck R. E. Luck (private communication)
op Opacity Project (see section 4.4.1)
Thev 89,90 Thevenin 1989, 1990
Tom 97 Tomkin et al., 1697
Yan 87 Yan, Taylor & Seaton, 1987
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Table 4.8

Lines used to derive elemental abundances for BD —1° 3/38

AMA) x(eV) loggf W(mA )} Abundance® Reference®
HI

No. of lines=1

6562.80 10.15 Q.71 234 5.61 Luck
He I

No. of lines=2

5047.74 14.06 -0.62 Synth® 11.54 Jeffery
5875.62 20.96 0.74 Synthe¢ 11.54 Jeflery
Mean:

CcI

No. of lines=28

3942.22 7.680 -2.398 190 9.09 Kur 75
4064.20 7.450 -2.699 110 9.22 Heb 83
4064.20 7.460 -2.699 113 9.24 Heb 83
4371.33 7.680 -2.097 171 8.83 Heb 83
4766.62 7.450 -2.398 111 8.84 Heb 83
4770.00 7.450 -2.301 157 8.97 Heb 83
4771.72 7.460 -1.699 233 8.75 Heb 83
4775.87 7.480  -2.301 154 8.94 Hebh 83
4817.33 7.480 -2.523 120 9.00 Heb 83
4826.73 7.4680 -2,185 184 8.96 Heb 83
41890.64 7.490 -3.35 35 9.19 Lauck
4932.00 7.650 -1.770 212 8.82 Heb 83
5793.11 7.950 -2.046 1038 8.68 Liuck
6010.67 8.640 -2.000 115 9.05 Kur 75
6013.21 8.850 -1.469 228 9.07 Kur 75
6014.84 8.640 -1.721 175 9.06 Kur 75
7108.93 8.640 -1.602 190 2.03 Luck
7111.47 8.640 -1.071 215 8.62 Lruck
7113.18 8.650 -0.762 300 8.72 Luck
7115.18 8.650 -0.900 287 8.80 louck
7116.90 8.650 -1.081 270 8.90 Luck
7119.67 8.640 -1.310 294 9.24 Luck
7476.17 8.770 -1.838 202 89.20 Luck
7483.43 8.770 -1.444 200 8.99 Luck
7662.43 B.T70 -1.328 175 8.76 Luck
7685.19 8.770 -1.569 146 8.86 Luck
7832.62 8.850 -1.878 1468 9.00 Luck
7860.88 8.850 -1.155 250 8.91 Luck
Mean: 8.95£0.17
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Table 4.8 (continued)

Lines used to derive elemental abundances for BD —1° 3/38

)\(A ) x(eV) loggf W(mA ) Abundance® Reference®
clu

No. of lines=4

3918.98 16.333 -0.545 335 8.82 Yan 87
3920.69 16.334 -0.244 370 8.73 Yan 87
4744.77 13.720 -2.523 109 8.35 Dahari 84
6098.51 22.570 0.243 60 9.05 Dahari 84
Mean: 8.74+0.3

NI

No. of lines=11

4099.94 10.630 -1.244 145 8.05 Kur 75
4114.00 10.640 -1.959 64 8.25 Kur 75
4151.46 10.290 -1.886 134 8.46 Luck
4914.90 10.630 -2.301 55 8.46 Luck
4935.03 10.640 -1.959 109 8.54 Luck
6644.96 11,710 -0.910 214 8.56 Luck
6646.52 11.710 -1.585 108 8.70 Luck
7423.63 10.280 -0.611 435 8.59 Luck
7442.28 10.290 -0.311 473 8.49 Luck
8567.74 10.630 -0.699 400 8.40 Kur 75
8594.01 10.630 -0.300 440 8.16 Kur 75
Mean: 8.4+0.2

N II

No. of lines=9

4607.16 18.464 -0.483 119 8.54 Bec 89
4630.54 18.484 0.093 221 8.70 Bec 89
4643.09 18.484 -0.385 122 8.48 Bec 89
5666.64 18.461 0.009 187 8.70 Wiese 66
5679.56 18.478 0.279 227 8.71 Wiese 66
5686.21 18.461 -0.474 110 8.62 Wiese 66
5710.76 18.483 -0.470 142 8.87 Jeffery
3955.85 18.391 -1.149 80 8.77 Luck
3995.00 18.498 0.225 215 8.41 Bec 89
Mean: 8.6£0.15

01

No. of lines=86

5330.68 10.690 -0.971 232 8.30 Luck
5435.76 10.690 -1.858 151 8.58 Luck
5436.83 10.690 -1.485 175 8.55 Luck
6155.99 10.690 -~0.701 250 8.15 Heb 83
6155.99 10.690 -0.701 315 8.48 Heb 83
6158.19 10.690 -0.332 329 8.16 Heb 83
Mean: 8.36+0.19
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Table 4.8 (continued)

Lines used to derive elemental abundances for BD ~1° 338

MA) x(eV) loggf W(mA) Abundance® Reference?
Ne I

No. of lines=9

5764.41 18.480 -0.314 299 9.01 Luck
5881.90 16.550 -0.701 312 8.58 Wiese 66
6030.00 16.600 -0.987 276 8.68 Wiese 66
6074.34 16.600 -0.467 358 8.67 Wiese 66
6163.59 16.640 -0.476 362 8.72 Luck
6217.28 16.550 -0.870 300 8.71 Wiese 66
6266.49 16.640 -0.180 419 8.77 Luck
6334.43 16.550 -0.388 405 8.85 Wiese 66
8598.95 18.780 -0.187 442 8.97 Luck
Mean: 8.840.14

Nal

No. of lines=1

8194.83 2.1 0.53 300 6.27 Luck
Mean: 6.27+£0.00

Mg II

No. of lines=3

3848.25 8.830 -1.585 242 6.89 Heb 83
4428.00 9.950 -1.201 212 8.83 Heb 83
4434.00 9.960 -0.900 273 6.85 Heb 83
Mean: 6.8610,03

Al 1l

No. of lines=8

4663.05 10.550 -0.301 326 5.63 Wiese 66
8640.70 11.770  0.100 393 . 5.83 Kur 75
6226.18 13.010 0.049 230 5.96 Kur 75
6231.78 13.020 0.400 345 6.23 Kur 75
6243.36 13.020 0.669 400 6.26 Kur 75
6823.48 13.020 -0.140 218 6.09 Kur 75
6837.14 13.020 0.079 262 6.10 Kur 75
5593.23 13.200 0.410 248 5.76 Kur 75
Mean: 6.01%0.2

Al T

No. of lines=2

5696.47 15.8642 0.236 172 6.68 Jeflery
5722.65 15.642 -0.069 118 6.57 Jeffery
Mean: 6.63x0.07

Si I

No. of lines=5

3853.66 6.858 -1.377 420 6.43 Duf 83
3862.60 6.858 -0.682 520 6.41 Duf 83
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Table 4.8 (continued)

Lines used to derive elemental abundances for BD —1° 3438

AA) x(eV) loggf W(mA ) Abundance® Reference®
4130.89 9.839 0.545 605 6.52 Bec 90
5055.98 10.070  0.517 725 6.62 Bec 90
6829.82 12.880 -0.270 175 6.74 Kur 75
Mean: 6.54+0.14

SiIII

No. of lines=1

4567.87 19.018 0.06 100 7.21 Bec 90
Mean: 7.2140.00

P 1I

No. of lines=3

5499.72 10.799 -0.717 82 5.03 Hib 88
6034.01 10.690 -0.140 166 5.39 Kur 75
6165.56 10.760 -0.400 126 5.46 Kur 75
Mean: 5.3+0.23

SII

No. of lines=18

3923.40 16.130 -0.328 77 6.87 Jeffery
3993.52 14.230 -0.810 135 8.98 Kur 75
4153.10 25.831 0.681 183 6.52 Jeffery
4230.98 17.370 -0.022 45 6.78 Jeffery
4483.42 15.830 -0.429 117 7.20 Wiese 69
4486.66 15.800 -0.400 50 6.60 Wiese 69
4524.95 15.000 0.061 285 7.15 Jeffery
4716.23 13.560 -0.520 177 ‘ 6.73 Wiese 69
4792.02 16.070 -0.120 98 6.88 Wiese 69
4815.52 13.610 -0.050 257 8.79 Wiese 69
4917.20 14.003 -0.400 172 6.78 Jeffery
4925.32 13.530 -0.471 259 7.18 Luck
5428.64 13.5330 -0.010 267 6.81 Kur 75
5473.61 13.584 -0.122 250 6.84 Jeffery
5509.71 13.817 -0,117 296 7.13 Jeffery
5556.01 13.560 -0.570 126 6.51 Kur 75
5608.11 13.733  0.041 315 8.78 Jeffery
5664.73 13.860 -0.301 198 6.75 Jeffery
Mean: 6.85+£0.2

Ca Il

No. of lines=2

8542.08 1.89 -0.492 895 5.57 Kur 75
8662.14 1.69 -0.754 832 5.43 Kur 75
Mean: 5.5£0.1
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Table 4.8 (continued)

Lines used to derive elemental abundances for BD —1° 3438

MA) x(eV) loggf W(mA) Abundance® Referencet
Ti Il

No. of lines=18

3913.46 1.110 -0.312 290 4.10 Heb 83
4163.64 2.580 -0.300 233 4.50 Heb 83
4171.90 2.590 -0.370 217 4.50 Heb 83
4290.22 1.160  -1.292 206 4.65 Heb 83
4301.93 1.160  -1.237 140 4.30 Heb 83
4312.86 1.180 -1.553 220 4.99 Heb 83
4314.98 1.160 -1.523 227 4,97 Heb 83
4399.77 1.230 -1.553 173 4.80 Heb 83
4421.95 2.050 -1.770 78 4.92 Luck
4450.49 1.080 -1.921 149 4.96 Heb 83
4501.27 1.110 -0.762 236 4.21 Heb 83
4545.14 1.130 -1.824 78 4,49 Luck
4563.76 1.220 -0.959 233 4.44 Luck
4571.97 1.560 -0.530 246 4,24 Heb 83
4779.99 2.040 -1.367 134 4.80 Heb 83
4805.10 2.061 -1.102 215 4.90 Luck
4874.02 3.080 -0.790 91 4,49 Luck
5072.30 3.110 -0.752 100 4.62 Luck
Mean: 4.6+0.28

Crll

No. of lines=23

4812.35 3.850 -1.796 174 4.96 Luck
4824.13 3.850 -1.222 290 4,87 Luck
4848.24 3.850 -1.143 249 4.61 Lauck
4864.32 3.840 -1.377 217 4,70 Kur 75
4876.41 3.840 ~1.456 260 4,97 Luck
5249.40 3.740 -2.699 o8 5.33 Luck
4275.57 3.840 -1.721 172 4.90 Kur 75
4284.21 3.840 -1.854 143 4.93 Kur 75
4555.02 4.060 -1.377 218 4,85 Luck
4558.66 4.060 -0.310 378 4.41 Luck
4565.78 4.020 -2.097 142 5.23 Luck
4588.22 4.050 -0.650 324 4.61 Heb 83
4592.09 4.060 -1.222 181 4.58 Luck
4616.64 4.050 -1.292 204 4.69 Liuck
4618.83 4.060 -0.979 287 4.75 Heb 83
5478.35 4.160 ~-1.921 191 5.25 Kur 75
3865.59 5.300 -0.660 190 4.46 Kur 75
3979.51 5.650 -0.733 187 4,92 Kur 75
4098.44 5.310 -1.469 80 4.92 Kur 75
4038.03 6.460 -0.558 133 4.87 Kur 75
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Table 4.8 (continued)

Lines used to derive elemental abundances for BD —1° 3438

MA) x(eV) loggf W(mA) Abundance® Reference?
4070.90 6.460 -0.752 188 5.33 Kur 75
4256.16 6.460 -1.398 76 5.36 Kur 75
5620.63 6.460 -1.143 86 5.11 Kur 75
Mean: 4.940.27

Mn II

No. of lines=4

4343.98 5.370 -1.097 246 5.19 Kur 75
4755.72 5.370 -1.244 178 5.00 Kur 75
4764.70 5.370 -1.357 160 5.03 Kur 75
6122.43 10.140 0.950 198 5.19 Kur 75
Mean: 5.10£0.1

Fel

No. of lines=4

3840.44 0.990 -0.506 83 7.02 Heb 83
3859.91 0.000 -0.710 120 7.10 Heb 83
3886.28 0.050 -1.076 80 7.10 Heb 83
4071.74 1.600 -0.020 110 712 Heb 83
Mean: 7.0840.04

Fe I1

No. of lines=45

3914.48 1.660 -4.,05 245 6.86 Luck
3930.31 1.690 -4,03 240 6.83 Kur 75
3938.28 1.660 -3.89 175 6.39 Luck
3945.21 1.690 -4.25 185 6.80 Kur 75
3896.11 2.630 -4,04 125 6.79 Kur 75
3974.16 2.690 -3.51 182 6.55 Luck
4119.53 2.530 -4.17 122 6.83 Heb 83
4122.64 2.570 -3.38 2568 6.68 Heb 83
4124.79 2.530 -4.20 131 6.90 Heb 83
4177.70 2.530 -3.75 240 6.94 Heb 83
4273.32 2.690 -3.34 224 6.53 Heb 83
4303.17 2.690 -2.523 352 6.30 Kro 87
4314.29 2.660 -3.000 280 6.35 Heb 83
4369.40 2.770 -3.87 223 6.88 Luck
4413.60 2.660 -3.91 188 6.91 Heb 83
4416.82 2.770 -2.523 3656 6.51 Heb 83
4489.16 2.820 -3.53 265 6.94 Heb 83
4515.34 2.830 -2.398 428 6.71 Kro 87
4520.23 2.790 -2.523 391 8.65 Heb 83
4522.63 2.830 -2.046 439 6.40 Kro 87
4582.84 2.830 -3.000 288 6.60 Kro 87
4648.93 2.570 -4.39 129 7.05 Kur 75
4666.75 2.820 -3.33 252 8.66 Heb 83
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Table 4.8 (continued)

Lines used to derive elemental abundances for BD —1° 3438

MA) x(eV) loggf W(mA) Abundance® Reference®
4871.27 2.690 -4.05 121 6.73 Kur 75
4993.35 2.790 -3.65 252 6.94 Luck
5254.92 3.220 -3.000 208 6.52 Luck
5362.86 3.190  -2.699 323 6.51 Kur 75
5534.86 3.230 -3.000 351 6.84 Luck
6147.73 3.870 -2.699 284 6.62 Kur 75
3845.18 4.460 -2.222 274 6.58 Heb 83
4138.21 4.710 -3.000 164 7.11 Kur 75
4048.83 5.540 -1.921 247 6.65 Heb 83
4070.03 5.890 -14.33 135 7.06 Kur 75
4111.90 5.930 -2.398 113 6.72 Heb 83
4446.24 5.930 -2.398 74 6.44 Kur 75
4625.91 5.930 -2.155 194 6.75 Kur 75
4953.07 5.550 -2.699 164 7.04 Kur 75
5272.41 5.930 -2.046 232 6,78 Luck
68179.37 5.540 -2.699 187 7.06 Luck
6817515 6.200 -2.000 239 6.87 Kur 75
4354.35 7.620 -1.308 170 6.75 Kur 75
444,66 T.890 -1.5858 87 68.62 Kur 75
4548.53 7.770 -1.4495 165 6.88 Heb 83
5247.05 10.531 0.629 318 6.80 Luck
RO61.71 10.678  0.689 204 6.69 Luck
Mean: 6.734+0.2

Srll

No. of lines=2

407772 0000 0149 244 2.78 Luck
4215.54 0.000 -0.160 170 2.74 Luck
Mea: 2.76+0.03

Ba [l

No. of lines=1

A554.00 0.000 0.12 50 2.20 Luck

¢ Normalized such that logXun; = 12.15

5 Sources of gf-values

¢ Spectrum synthesis
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References:

Bec 89
Bec 90
Dahari 84
Duf 83
Heb 83
Hib 88
Jeffery
Kro 87
Kur 75
Luck
Wiese 66
Wiese 69
Yan 87

Becker & Butler, 1989

Becker & Butler, 1990

Dahari & Osterbrock, 1984

Dufton et al., 1983

Heber, 1983

Hibbert, 1988

C. Simon Jeffery (private communication)
Kroll & Kock, 1987

Kurucz & Petryemann, 1975

R. E. Luck {private communication)
Wiese, Smith & Glennon, 1966
Wiese, Smith & Miles, 1969

Yan, Taylor & Seaton, 1987
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Table 4.9

Lines used to derive elemental abundances for LS IV -1° 002

AMA) x(eV) loggf W(mA ) Abundance® Reference®
HI

No. of lines=1

6562.80 10.15 0.71 500 7.05 Luck

He I

No. of lines=1 .

5047.74 14.06 -0.62 Synth® 11.54 Jeffery
Cl

No. of lines=15

4063.57 7.450 -3.78 73 9.61 Heb 83
4766.62 7.450 -2.398 64 9.20 Heb 83
4770.00 7.450 -2.301 81 9.21 Heb 83
4771.72 7.460 -1.699 184 9.22 Heb 83
4775.87 7.460 -2.222 92 9.21 Heb 83
4817.33 7.460 -2.523 55 9.25 Heb 83
4826.73 7.460 -2.301 57 9.05 Heb 83
6010.67 8.640 -2.000 87 9.36 Kur 75
6013.21 8.650 -1.469 163 9.42 Kur 75
6014.84 5.640 -1.721 114 9.38 Kur 75
GBAT7.75 8.500 -1.337 199 2.44 Heb 83
7108.93 8.640 -1.602 111 9.27 Luck
T116.90 8.650 -1.081 250 9.51 Luck
TAT6. 17 8.770 ~1.638 101 9.32 Luck
380,24 7.680 -2.048 86 9.09 Kur 75
Mean: 9.30+0.15

¢ 11

No. of lines=11

3018.98 16.333 ~0.545 405 8.94 Yan 87
3920.69 16,334 -0.244 450 8.88 Yan 87
4317.26 23,120 -0.009 107 9.36 Yan 87
4318.60 23.120  -0.400 67 9.40 Yan 87
4372.35 24.650 0.057 105 9.37 Yan 87
437427 24.650 0.634 120 9.11 Yan 87
AT37.97 1:3.720  -3.000 122 8.78 Dahari 84
474477 13,720 -2.523 158 8.65 Dahari 84
480:2.70 21.000 -0.411 145 9.2 Yan 87
6098.51 22.570 0.243 70 8.94 Dahari 84
Mean: 9.0640.26
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Table 4.9 (continued)

Lines used to derive elemental abundances for LS IV -1° 002

AA) x(eV) loggf W(mA) Abundance® Reference®
NI

No. of lines=6

4099.94 10.630 -1.244 42 7.99 Kur 75
4151.46 10.290 -1.886 25 8.23 Luck
4935.03 10.640 -1.959 13 8.14 Luck
6644.96 11.710 -0.910 56 8.27 Luck
7423.63 10.280 -0.611 199 8.18 Luck
7442.28 10.290 -0.311 283 8.23 Luck
Mean: 8.17+0.1

N II

No. of lines=14

3955.85 18.391 -1.149 62 8.50 Luck
3995.00 18.498 0.225 190 8.06 Bec 89
4041.31 23.128 0.830 42 7.94 Bec 89
4447.03 20,411 0.238 82 8.12 Bec 89
4607.18 18.464 -0.483 104 8.33 Bec 89
4613.87 18.468 -0.607 80 8.27 Bec 89
4630.54 18.484 0.093 187 8.28 Bec 89
41643.09 18.484 -0.385 125 8.38 Bec 89
5045.09 18.460 -0.389 132 8.48 Bec 89
5666.64 18.461 0.009 173 8.41 Wiese 66
5678.02 18.462 -0.340 144 8.59 Jeflery
5679.56 18.478 0.279 249 8.57 Wiese 66
5686.21 18.461 -0.474 80 8.29 Wiese 66
5710.76 18.483  -0.470 115 8.55 Jeffery
Mean: 8.3410.2

(O}

No. of lines=3

5330.66 10.690 -0.971 204 8.75 Luck
8158.19 10.890 -0.332 324 : 8.68 Heb 83
6653.83 14.470 -0.400 55 8.98 Luck
Mean: 8.8040.15

011

No. of lines=5

4345.56 22.973 -0.344 45 8.87 Bec 88
4349.43 22.993  0.057 89 8.96 Bec 88
41641.82 22.973 0.083 87 8.99 Bec 88
4649.14 22.993 0.340 111 8.95 Bec 88
4661.83 22.973  -0.259 45 8.90 Bec 88
Mean: 8.93+£0.05
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Table 4.9 (continued)

Lines used to derive elemental abundances for LS IV -1° 002

AA) x(eV) loggf W(mA) Abundance® Reference®
Ne I

No. of lines=9

5748.29 18.480 -1.018 138 8.79 Luck
5764.41 18480 -0.314 271 8.75 Luck
5852.48 16.780 -0.445 446 9.04 Luck
5881.90 16.550 -0.701 423 9.07 Wiese 66
5944.83 16.550 ~0.556 450 9.08 Wiese 66
5965.47 18.650 -1.125 167 9.13 Luck
6030.00 16.600 -0.987 326 8.88 Wiese 66
B8217.28 16.550 -0.870 351 8.88 Wiese 66
6598.95 16.780 -0.187 490 9.03 Luck
Mean: 8.9640.13

Nal

No. of lines=1

8194.83 0,000 0.529 200 6.45 Luck
Mg 11

No. of lines=6

3848.25 8.830 -1.585 120 6.97 Heb 83
4390.60 9.960 ~-0.500 180 6.62 Heb 83
4428.00 9.950 -1.201 92 6.87 Heb 83
4434.00 9.960 -0.900 138 6.82 Heb 83
4481.13 B8.863 0.568 718 €6.95 Wiese 68
4851.10 11.580 -0.682 144 7.32 Kur 75
Mean: 6.90£0.23

Al ll

No. of lines=8

4663.05 10.560 -0.301 190 5.45 Wiese 66
8640.70 11.770 0.100 157 5.24 Kur 75
6226.18 13.010 0.049 76 5.68 Kur 75
6231.78 13.020 0.400 142 5.61 Kur 75
6243.36 13.020 0.669 160 5.43 Kur 75
6823.48 13.020 -0.140 45 5.49 Kur 75
6837.14 13.020 0.079 76 5.55 Kur 75
5593.23 13.200 0.410 56 5.12 Kur 75
Mean: 5.43£0.17

Al III

No. of lines=4

4528.91 17.818 -0.294 103 6.18 TOPbase
5696.47 15.642 0.2368 185 6.48 Jefery
5722.65 15.642 -0,069 131 6.48 Jeffery
4512.54 17.808 0.405 51 6.07 TOPbase
Mean: 6.30%£0.2
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Table 4.9 (continued)

Lines used to derive elemental abundances for LS IV -1° 002

MA) x(eV) loggf W(mA) Abundance* Reference®
Sill

No. of lines=3

3853.66 6.858 -1.377 232 5.92 Duf 83
4130.89 9.839 0.545 381 5.95 Bec 90
5055.98 10.070 0.517 380 5.77 Bec 20
Mean: 5.8840.09

Si I

No. of lines=2

4567.82 18.018 0.061 137 7.27 Bec 90
4574.76 19.018 -0.416 78 7.31 Bec 90
Mean: 7.3+0.03

P 11

No. of lines=3

5425.03 10.799  0.241 113 5.01 Hib 88
60131.01 10.690  -0.140 86 5.19 Kur 75
6165.56 10.760  -0.400 54 5.22 Kur 75
Mean: 5.1440.11

S 11

Nao. of lines=35

3003.52 14.230  -0.810 75 6.71 Kur 75
30098,7H 16.180 0.049 59 6.48 Wiese 89
4032.81 16.180 0.241 100 6.60 Wiese 69
A153.10 15.880  0.681 165 6.41 Jeffery
4217.238 15.880  -0.150 46 6.44 Wiese 69
4230.98 17370 -0.022 50 6.94 Jeffery
A204.43 16.070 0.560 165 6.61 Wiese 69
A44R83,42 15.830 -0.429 81 7.02 Wiese 69
A4186.66 15.800  -0.400 32 6.50 Wiese 69
452:14.95 15.000 0.061 174 6.64 Jeffery
A4656.74 13,530 -0.810 114 8.70 Wiese 69
4716.23 13,560 -0.520 175 6.74 Wiese 69
4792.02 16.070  -0.120 63 8.68 Wiese 69
A815.52 13.610 -0.050 287 6.74 Wiese 69
482407 16.200 0.021 106 6.90 Wiese 69
4885.6:3 13,940 -0.642 118 6.73 Kur 75
4917.20 14.003  -0.400 175 8.81 Jefery
492532 13.530 -0.471 248 7.04 Luck
A4942.47 13.530 -0.963 115 6.88 Luck
4991.,94 13.613 -0.650 233 7.18 Wiese 66
5009,54 13.613  -0.284 240 6.85 Wiese 66
5014.03 14.063  0.033 244 6.74 Wiese 66
5027.19 13.040 -0.721 157 6.64 Luck
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Table 4.9 (continued)

Lines used to derive elemental abundances for LS IV -1° 002

MAD x(eV) loggf W(mA) Abundance® Reference’
5103.30 13.668 -0.108 188 6.45 Wiese 66
5320.70 15.000 0.459 249 6.75 Luck
5432.77 13.560 0.310 369 6.88 Kur 75
5453.81 13.610 0.560 451 7,08 Kur 75
5473.61 13.5684 -0.122 278 6.87 Jeffery
5509.71 13.617 -0.117 270 6.84 Jeffery
5556.01 13.560 -0.570 109 6.47 Kur 75
5606.11 13.729 0.041 283 6.44 Wiese 66
5616.63 13.600 -0.471 110 6.40 Kur 75
5659.95 13.620 -0.070 219 6.56 Kur 75
5664.73 13.660 -0.301 174 6.59 Jeffery
5819.22 14.01 -0.759 113 6.88 Kur 75
Mean: 6.72:40.2

Cal

No. of lines=2

8542.08 0.000 -0.492 510 5.80 Kur 75
8662.14 0.000 -0.754 450 5.72 Kur 75
Mean: 5.761:0.06

Ti II

No. of lines=5

3900.55 1.130 -0.631 158 4.82 Heb 83
3913.46 1.110 -0.740 97 4.61 Heb 83
4443.80 1.080 -1.237 69 4.87 Heb 83
4563.76 1.220 -0.959 55 4.53 Luck
4571.97 1.560 -0.740 93 4.74 Heb 83
Mean: 4.7010.14

Fe Il

No. of lines=22

4048.83 5.540 -1.921 45 8.39 Heb 83
4122.64 2.570 -3.000 50 6.48 Heb 83
4296.57 2.690 -3.000 85 6.43 Heb 83
4303.17 2.690 -2.523 153 6.44 Kro 87
4351.76 2.690 -2.097 217 6.39 Kro 87
4416.82 2.770 -2.301 150 6.30 Heb 83
4508.28 2.840 -2.301 164 6.37 Heb 83
4515.34 2.830 -2.398 121 6.23 Kro 87
4520.23 2.790 -2.523 115 6.33 Heb 83
4522.63 2.830 -2.046 190 6.22 Kro 87
4555.89 2.820 -2.301 165 6.34 Kro 87
4576.33 2.830 -3.000 84 6.49 Heb 83
4583.83 2.790 -1.824 248 8.12 Luck
4635.33 5.930 -1.409 77 8.32 Heb 83
4731.44 2.880 -3.000 44 6.20 Heb 83
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Table 4.9 (continued)

Lines used to derive elemental abundances for LS IV -1° 002

5 Sources of gf-values

¢ Spectrum synthesis

References:

Bec 83
Bec 89
Bec 90
Dahari 84
Duf 83

MAY) x(eV) loggf W(mA) Abundance®* Reference®

5081.92 7.910 -0.585 56 6.16 Kur 75

5169.03 2.891 -0.870 364 6.18 Luck

5197.56 3.220  -2.097 121 6.05 Luck

5234.62 3.221  -2.046 200 6.42 Luck

5247.95 10.531 0,629 100 6.42 Luck

5275.99 3.190 -1.959 191 6.25 Kur 75

5961.71 10.678  0.689 115 6.52 Luck

Mean: 6.3010.12

Fe III

No. of lines=2

4419.59 8.210 -1.699 103 5.97 Jeffery

4395.78 8.220 -2.155 74 6.28 Jeffery

Mean: 6.13240.22

Sr II

No. of lines=2

4077.72 0.000  0.149 64 2.81 Luck

4215.54 0.000  -0.160 20 2.54 Luck

Mean: 2.6754+0.2

Ba II

No. of lines=1

4554.04 0.000  0.12 7.0 2.22 Luck

¢ Normalized such that log¥p;n; = 12.15

Becker & Butler, 1988 Luck R. E. Luck
Becker & Butler, 1989 (private communication)
Becker & Butler, 1990 TOPbase Canuto & Mendoza, 1992
Dahari & Osterbrock, 1984 Wiese 66  Wiese, Smith & Glennon, 1966
Dufton et al., 1983 Wiese 69  Wiese, Smith & Miles, 1969
Heber, 1983 Yan 87 Yan, Taylor & Seaton, 1987

Heb 83
Hib 88
Jeffery

Kro 87
Kur 75

Hibbert, 1988

C. Simon Jeffery

(private communication)

Kroll & Kock, 1987
Kurucz & Petryemann, 1975
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Chapter 5

Emission—line spectrum of MV Sgr

5.1 Description of the spectrum

The spectrum of MV Sgr is a mix of absorption and emission lines. The absorption
line component which we attribute to the stellar photosphere is similar to that described
by Jeffery et al (1988). Absorption lines are mainly due to AlIll, SiIIl, CII (higher
multiplets), N II, OII, and possibly Nel. Permitted or forbidden emission lines from the
following atoms and ions are readily identifiable: H, Hel, Lil, CI, CII, [N1I], [O 1], Nel,
Nal, Mgl Sill, Till, Fel, Fell, and Nil. Table 5.1 provides a list of the identified emission
lines. Diffuse interstellar absorption bands (Herbig 1975b) are seen in the spectrum. The
bands at AX 5487, 5780, 5797, 6011, 6196, 6203, 6269, 6376, 6379, and 6613 are clearly
present.

Sample portions of the spectrum are provided in Figures 5.1 and 5.2 to show the
fascinating mix of absorption and emission profiles. Figure 5.1 shows an emission line
attributed to the Lil1 6707 A doublet and also Cal 6717 A along with the absorption line
of OII 6721 A. We believe this is the first astrophysical detection of the Lil resonance
feature at 6707 A in emission. Figuré 5.2 shows CII (AX 6780, 6784, 6787, 6791, 6798,
6300 and 6812 ) in absorption and Nil 6767 A in emission. Selected emission line profiles
are displayed in Figures 5.3, 5.4, 5.5 and 5.6. Figure 5.3 shows the emission line of He,
a strong Fell line, a weak C1I line and the prominent Sill at 6347 A. Figure 5.4 shows
the [NII] and [O I] profiles. Figure 5.5 shows profile of Lil with those of the Cal] 6572
A, Fel 5501 A, and Nil 6767 A.
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Figure 5.1: Spectrum of MV Sgr showing the Lil 6707A , Cal and Till lines in emission
and OII 6721 A line in absorption.

Profiles of four Fe IT lines from the multiplet RMT46 are shown in Figure 5.6. The Fe Il
emission lines clearly show two components with a minimum centred at about the stellar
(photospheric) velocity (see below). Weaker lines (Figure 5.5) tend to show flat-topped
profiles with a width similar to that of the stronger and double-peaked lines. A central
minimum may be present but higher signal-to-noise spectra are needed to derive definitive

profiles for these weaker lines.

5.2 Radial velocities

The absorption lines of ALIII, Silll, NII, and CII give a velocity of 93 +4 km s™! which
we refer to as the stellar velocity. This value agrees well with the earlier measurements
of -91 £7 and -96 +4 km s~! by Jeffery et al. (1988) and one of -95 =8 km s by Rao
et. al (1990). If, as is likely, MV Sgr experiences atmospheric pulsations, their amplitude
would seem to be just a few kilometres per second.

The diffuse interstellar bands at 5796, 6195, 6202 and 6613 give a mean radial velocity of
-8 km s71; the rest wavelengths are taken from Herbig (1975b). An absorption component
at this velocity is seen in the NaI D lines. Our spectra show that this NaI D component

consists of at least 2 unresolved components. There is another absorption component of
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Figure 5.2: Spectrum of MV Sgr showing the CII ( RMT14) absorption lines and Nil
A6767 emission.
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Figure 5.3: Comparison of emission lines of Her, FeII A5991 C1 A5800 and Sill A6347.
The zero of the velocity scale refers to the photospheric velocity. The position of the mean

continuum for each spectrum segment is indicated by the line marked.
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Figure 5.4: Comparison of forbidden emission lines of O I and N II. The abscissa is similar
to Fig. 5.3. The mean continuum for each spectrum segment is indicated by the line

marked.
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Figure 5.5: Comparison of Fe I emission lines from RMT46. The velocity scale is similar

to Fig. 5.4. The mean continuum for each spectrum segment is marked as in Fig. 5.3.
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Figure 5.6: Comparison of Lil 6707 A emission line profile and other low excitation weak
permitted lines. The velocity scale is similar to Fig. 5.4. The mean continuum for each

spectrum segment is marked as in Fig. 5.3.

the Nal D lines at a radial velocity of 29 km s~1. Jeffery et al. (1988) find absorption
components for Call H and K lines at 20 km s~! which they attribute to the interstellar
medium. This velocity is consistent with a cloud at approx 4 kpe.

The emission lines are centred on the stellar velocity. Lines with a clear central mini-
mum between the two emission peaks have their central minimum at 92 £5 kms™! (from
20 lines). In cases where the central minimum is not obvious, the centre of the line co-
incides with the stellar velocity. The velocity separation between the blue and red peaks
is 68 £4 km s™! from 15 Fell lines. This splitting agrees with the estimate of 68 km

s~! reported by Jeffery et al. (1988). It would seem that the emission line spectrum has

not changed significantly.

5.3 Emission lines

We have assumed that the split lines are formed from two components, red-shifted and
blue-shifted, which have been measured independently where possible. The measured

equivalent widths of the emission lines (both components) have been converted to line
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fluxes using the UBVRI colors from Landolt (1979) to define the continuum fux. A
reddening correction of E(B-V) = 0.45 is adopted from Heber and Schénberner (1981)
who compared the observed and predicted colours. Drilling et al. (1984) give E(B-V)
=0.38 based on the strength of the 2200 A interstellar bump. Our principal conclusions
are unaffected by adoption of this slightly lower reddening. Seaton’s (1979) reddening

curve i1s used to correct the observed fluxes to their unreddened values.

5.3.1 Forbidden lines

The [O1] lines at 5577, 6300, and 6363 A and [NII} 5755 A lines are clearly present.
Their profiles (Figure 5.4) are almost flat-topped but a central minimum is probably
present. Since these lines are most probably optically thin, the profiles reflect the velocity
distribution of the emitting gas. These forbidden lines are diagnostics of this gas. In the
following analysis we consider the entire line profile and do not attempt to treat the blue
and red components separately. From Table 5.1 we can say that the blue and the red
components of the emission lines are symmetric. [OI] and [NII] emission indicates the
presence of a nebula around the star. The overall symmetry and similarity of the profiles
suggest that the physical conditions of the ‘blue’ and ‘red’ gas are not very different.

In considering the [O] lines, we assume the 6363 A line to have its predicted flux
which is one-third the observed flux of the stronger 6300 A line; the 6363 A line is present
but difficult to measure accurately. Then, the flux ratio involving the [OI] lines is given

by

5 __ F(s3 F(6363) __
FlOI] = HERHHE) = 194 0.3,

Here F(A) = W(X) F.()), with F(A) the flux in the line, W(}) its equivalent width and
F.(}) the continuum flux corrected for interstellar reddening.

The [N 11] lines have an analogous flux ratio involving the 5755 A line, which is strong
and readily measured (Figure 5.4), and the line pair 6548 and 6583 A. Unfortunately, the
latter pair are blended with other lines: 6548 A with a Fel line and 6583 A with a CII
line. A rough estimate of the flux in the 6548 and 6583 lines is made in the following way.
The redward component of the 6548 A line can be seen and measured. We assume that
the blue component has the same strength, a symmetry clearly satisfied by the majority
of the emission lines (see Table 5.1. and Figures 5.4, 5.5, and 5.6). Since the relative
strength of the 6583 A to the 6548 A line is fixed by their Einstein A coefficients, the
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total flux in the pair of lines is obtained by this procedure. The flux ratio involving the

[NII] lines is given by

F[N 1] = E(54)4F(6583) _ g 45 4 .15,

F(5755)
2.0X104 T T T T T T T
1.5x10 _
£ 1oxi0t .. FNOJ=0.45% 0.05 |
g v

5.0x10% -

0 L 1. i l J L L A 1 L e 1 l L. 1 L

8.4 6.6 6.8 7.0 7.2 74

Log(n )

Figure 5.7: The log(n,) — T plane showing the loci corresponding to the flux ratios F[NTII]

and F[OI] - see text. A combination T ~ 1.5 x 10* K and log(n.) ~ 6.6 satisfies the two

observed ratios.

Osterbrock (1989) provides predictions of F(NII) as a function of the temperature (T)
and electron density (n.) of the emitting gas. A solution for the population of the various
levels of [O1] and the emitted relative line strengths by them, was formulated along
the lines of the discussion in Osterbrock (1989). The numerical values of the collision
Stl‘(‘ngths» and transition probabilities for [O I] were taken from Mendoza (1983). Figure
5.7 represents the log(n.) — T plane for flux ratios of [O1] (solid lines) anf [N II} (broken
lines). The common region represents the range of solutions as n. = (3 —7) x 10%cm™>
for T = 8500 - 20000 K.
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Table 5.1

Emission lines

b\ Ident.  Equiv.Width®*  Flux® Rad. vel. Base width
(mA) (km s™1)  (km s™1)
blue red

6562.83 HI 1689 1612 3.5 -94.0 214.0
5875.63  Hel 5.5 -95.0 346.0
6678.15  Hel 3.3 -100.0 366.0
6707.78  Lil 195 3.3 139.0
5969.33  CI 65 35 5.1 -90.0 118.0
5805.19  CI 59 64 5.8 -90.0 130.0
5800.59 CI 100 109 5.8 -95.0 142.0
6855.55  CI 52 64 3.1 -87.0 134.0
6828.12 CI 237 246 3.1 -91.0 137.0
6655.51 CI 131 79 3.3 -90.0 149.0
6016.45  CI 54 37 4.9 -93.0 129.0
6001.13  CI 49 32 5.0 -91.0 136.0
6013.22  CI 52 82 4.9 -89.0 132.0
6663.04  CI 54 83 3.3 -99.0 145.0
6688.79  CI 43 42 33 -91.0 131.0
6671.84  CI 3.3 -99.0 212.0
6662.73  CI A7 75 3.3 -85.0 141.0
6100.46  CI 71 48 4.6 -94.0 128.0
6583.45 [NII] 3.5

5754.80 [NII] 316 232 6.0 -106.0 140.0
6548.08  [NII] 40 35

6300.23 [OI] 312 312 4.1 -81.0 115.0
6363.88  [O]] 4.0 -102.0 125.0
5577.35 [0l 109 99 7.0 -89.0 125.0
6163.59  Nel 4.4

6506.53  Nel 3.6

@ The numbers refer to the blue and red components.

b Continuum Flux- Units: W ¢m=2 um™! x 10717
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A Ident. Equiv.Width® Flux® Rad. vel. Base width
(mA) (km s™1)  (km s71)
blue red |
6074.34  Nel 4.7
6030.00 Nel 4.9
6334.43  Nel 4.0
6143.06 Nel 4.5
6402.25 Nel 3.8
6351.86  Nel 3.9
5881.89  Nel 5.4
5889.95 Nal 5.4
5895.92 Nal 5.4
5528.41 Mgl 93 95 7.2 -89.6 135.0
5978.97 Sill 184 172 5.0 -94.0 190.0
6347.09 Sl 532 541 3.9 -103.0 195.0
6572.78 Cal 177 3.5 102.0
6122.23 Cal 122 4.6 144.0
6439.07  Cal 176 3.7 104.0
5956.70  Fel 180 225 5.1 -73.0 150.0
5501.47  Fel 92 87 7.4 -77.0 130.0
5497.52  Fel 59 38 7.4 -98.0 95.0
5506.78  Fel 35 38 7.4 -80.0 100.0
6318.02 Fel 484 500 4.0 -100.0 170.0
6191.56  Fel 90 70 4.4 -113.0 125.0
6270.24  Fel 195 130 4.1 -103.0 135.0
5615.65  Fel 73 54 6.7 -97.0 105.0
5586.76  Fel 65 70 6.9 -80.0 115.0
5624.55  Fel 37 26 6.7 -100.0 130.0

& The numbers refer to the blue and red components.

b Continuum Flux- Units: W em™2 um~! x 10717
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A Ident. Equiv.Width®> Flux® Rad. vel. Base width
(mA) (km s~1)  (kms71)
blue red
6432.65 Fell 637 576 3.8 -92.0 135.0
6516.05 Fell 688 761 3.6 -92.0 153.0
6129.71 Fell 123 142 4.5 -92.0 120.0
5991.38 Fell 475 474 5.0 -92.0 130.0
6084.11 Fell 276 269 4.7 -92.0 130.0
6113.33 Fell 165 140 4.6 -92.0 135.0
6116.04 Fell 74 69 4.6 -92.0 125.0
5534.86 Fell 375 368 7.2 -92.0 140.0
5525.40 Fell 95 105 7.3 -100.0 120.0
5627.49 Fell 116 122 6.7 -92.0 120.0
6456.38 Fell 842 746 3.7 -92.0 170.0
6247.56 Fell 290 320 4.2 -95.0 140.0
6147.74  Fell 4.5 -92.0 140.0
6416.91 Fell 284 406 3.8 -92.0 140.0
6149.24  Fell 4.5 -90.0 140.0
6407.30 Fell 125 226 3.8 -92.0 140.0
6219.54 Fell 256 198 4.3 -75.0 140.0
6179.38 Fell 91 107 4.4 -92.0 120.0
5813.67 Fell 103 90 5.7 -92.0 151.4
6482.21 Fell 53 64 3.7 -80.0 160.0
6331.97 Fell 149 203 4.0 -95.0 120.0
6175.16  Fell 4.4 -92.0 145.0
6103.54 Fell 173 112 4.6 -90.0 130.0
6627.28 Fell 217 228 3.4 -100.0 135.0
6108.12  Nil 79 4.6 133.0
6767.78  Nil 158 3.2 127.0

& The numbers refer to the blue and red components.

b Continuum Flux- Units: W em™2 pm™! x 10717
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5.3.2 Fel and Fell lines

The relatively large number of measurable Fel and Fell lines encouraged us to determine
their excitation temperatures (Tez.). Extraction of Tex. from a set of line fluxes is straight
forward for lines emitted by optically thin gas. Jeffery et al. (1988) suggested, however,
that the gas emitting the Fell lines was optically thick. This suggestion was prompted
largely by their interpretation of the central minimum as a self-reversal. We consider the
emitting gas to be optically thin if lines from a single multiplet scale with their Einstein

A coeflicients. In the optically thin limit, the line flux is given by

log {W(A) Fc(A)} - log gf + 3 log A= log Ny/gs + log C,

where W () is the equivalent width, F.(}) is the continuum flux corrected for interstellar
reddening, N is the upper level population and g, is the statistical weight of that level,
and C is a constant. Within a multiplet the left hand side of the above expression, which
we denote by G,.should be fairly constant unless the gas is optically thick or the excitation
is exceptionally peculiar (i.e., selective fluorescence is involved). The left hand side will
not be constant if the lines come from optically thick gas for which the line flux may be
almost independent of the gf -values.

Four lines of the strong Fe Il multiplet RMT46 in the red are shown in Figure 5.6. By
inspection it is seen that the equivalent widths (hence, the line fluxes for these lines of
sirnilar wavelength) vary greatly across the multiplet, as expected for optically thin lines.
This qualitative indicator of optical thinness is readily transformed to a quantitative
measure by computing the left hand side G of the above expression. We adopt the gf -
values given by Giridhar and Ferro (1995); the range in log ¢f is from -3.74 for the
strongest line (5991 A ) to ~4.56 (6116 A ). We perform the test separately on the blue
and red components of the lines by computing G(blue) and G(red) for each line. In
arbitrary units, we find values G(blue) of 1.45, 1.44, 1.55 and 1.45 for the lines in the
order of largest to smallest gf . Similarly for G(red), they are 1.45, 1.43, 1.47, and 1.42.
That the values within a multiplet are equal to within the measurement errors (say £0.1
dex) is evidence that the emitting gas is optically thin to the lines; log gf spans a range
of 0.82 dex across these lines and G would have varied by about this amount if the gas
were optically thick.

The excitation temperature Tey. is provided by plotting G versus the excitation po-

tential of the upper level (x). This plot for the Fell lines is shown in Figure 5.8 where
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Figure 5.8: Excitation of the Fe Il red and blue emission line components. See text for
definition of G. x is the excitation potential of the upper level responsible for an emission
line. Filled circles represent RMT40, open circles represent RMT46, cross represents
RMT47, open triangles represent RMT 163, open squares represent RMT199, filled squares
represent RMT210 and filled triangles represent RMT57.

130



- ]
0 .
= b ]
g L .
+ -1 ’:— .
Q r -
= u 4
,\Q/ - N
o 2 1
3 : L L ; | L ] L 1 ] ! ) ! ! ]
3 4 5 6
x (eV)

1 r T T T T T T T T T T T T T T
0 . ]
—h\\\l\\ =
o [ \\ R
£ 1 ]
[&] |
-2 y:‘ ..:
I i

_3 | DR R 1 o 1

3 4 5 B

x (eV)

Figure 5.9: Excitation of the Fel red and blue emission line components. See text for
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measurements from 6 multiplets are combined and the excitation potential (x) spans
about 4 eV. Blue and red components of the lines are shown separately. The line fitted
to the points corresponds to Texe = 7400 £400 K. The same temperature fits the red
and blue components. The gf -values are again taken from Giridhar and Ferro (1995).
The corresponding plot for the measurable Fel lines is shown in Figure 5.9 for which
the gf -values were taken from Giridhar and Ferro (1989) and the estimated excitation
temperature is Tex. = 4850 £400 K. Since the Fel profiles are not so obviously double we
show the plot for the integrated line profile. These results fully confirm Herbig’s (1975a)
suggestion about the excitation and colour temperatures. The total number of Fell can
be calculated assuming that the excitation temperature applies to the unobserved and
populous low lying levels. If the same temperature is assumed for the Fel lines, the ratio
N(Fell)/N(Fel) gives ne = 9 x 107cm™ when Saha’s equation is adopted with T= 7300
K. If T= 5000 K is assumed for the excitation and ionization, n = 2 x 10%¢m™2 is found.
These estimates indicate the lower and the upper limits on the electron density of the
emitting regions. The [N II] and [OI] lines give us an estimate to electron density which

agrees well with the estimated range of electron density from Fe lines.

5.3.3 LiI emission at 6707 A

A novel result of this study is the discovery of emission at 6707.8 A corresponding to
L1 resonance doublet. No plausible alternative identification has been found. With the
presence of Nal, Nil ,Cal and other low excitation lines in emission the identification of
Lil looks secure. The shape and width of the Lil profile closely resembles that of the
other low excitation lines.

An estimate of the abundance of Li/Ca can be made by using the Cal intercormbination
line at 6572 A. We assume that the emitting gas is optically thin to both lines. Certainly
the profiles are similar in shape and quite similar to the profiles of stronger lines from
more abundant elements. If the excitation temperatures are taken to be similar, the
observed flux ratio with the well determined Einstein A coefficients of the lines gives log
N(LiI)/N(Cal) = -4.2. Since Li and Ca atoms have similar first ionization potentials, we
assume the abundance ratio of the neutral atoms to be the elemental abundance ratio.
If the Ca abundance is the solar value, log Li = 2.1 for MV Sgr on the usual scale on
which log H =12.0. Compared to the solar abundance the sulphur and silicon abundance
determined by Jeffery et al. (1988) are deficient by 0.7 dex, if Ca is also deficient to the
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same extent then log Li = 1.5. Solar Li abundance is 3.13 (from meteorites).

5.3.4 Hao, Hel and CII profiles
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Figure 5.10: Comparison of emission line profiles of high excitation lines of CII, Hel, and
Hea. The velocity scale is similar to I%g. 5.0 "The mean continuum for each spectrum

segment 1s marked as in Fig. 5.3.

Profiles of Hea, the Hel AB8TH and AGGTS, and the G111 A6578 lines are shown in Figure
5.10. These emission profiles are considerably broader than those of Fell and other lines;
the emission in the red wing extends to about 100 km ™! in contrast to 50 kin s~! for the
Fe I1 lines. This difference suggests that He and the other lines given above come in large
part from gas that is moving faster than that providing the Fe [l and similar lines. Another
difference between Hel and C 11 lines, and the Fell family of lines is the presence of blue
shifted absorption in the former profiles. The He I lines show an absorption component at
a relative velocity of about 80 ki s™! apparently superimposed on the broad emission.
The CII A6578 profile shows a faint absorption component at -20 km s~! relative to

the stellar velocity. This in part may be the photospheric absorption line filled in by
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Chapter 6

Results and discussion

6.1 EHe stars

6.1.1 Elemental abundances

H: The hydrogen deficiency in these stars gives us a clue that the composition of their
atmospheres have been modified from their original values and are dominated by the nu-
clear processed material. The amount of hydrogen present in the atmospheres of FQ Aqr,
LS IV ~14° 109 and BD -1° 3438 is approximately 1 dex lower than that present in LS
IV +6° 002, the most hydrogen-deficient candidate among the eleven EHe stars analyzed
carlier (Jeffery 1996). LS IV -1° 002 is hydrogen deficient almost to the same degree as
LS IV +6° 002. As in the case of minority and majority class R CrB, and hot Elle stars,
we find that the 5 abundance, which is also an indicator of metallicity (see section 6.1.3),
has a range in the programme stars. From Figure 6.1, which is a plot of H/S against the
corresponding S, we find that the minority and majority class R CrB, programme stars
and hot EHe stars exhibit a range in both H/S and S. The iron group and the « group el-
ements might be the least affected by nuclear processing, and hence can give us an idea of

the initial metallicity in these stars, provided they are not affected by dust gas separation.

He: From the present spectroscopic analysis, we find that helium is the most abundant

species present in the atmospheres of the programme stars. Helium is 98% or even more

by mass in their atmospheres.
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C: Carbon is the most abundant species after helium in the cool EHe stars studied.
We find that the carbon abundance relative to Fe is enhanced when compared to solar.
FQ Aqr and LS IV -1° 002 have [C/Fe] ~= 2.4 dex, similar to minority class R CrB,
while LS IV -14° 109 and BD ~1° 3438 have [C/Fe] ~ 1.3 dex, like majority class R. CrB.
The enhancement of carbon indicates the presence of material processed through triple-a
burning, assuming that the abundances relative to iron were initially solar. The high
[C/Fe] ratios in the cases of FQ Aqr and LS IV -1° 002 could be a result of differential
condensation of iron on to dust grains (Lambert 1996), but no ev/idences for the presence

dust shells around these objects have been found so far (Walker-£995).

4 T T T T ™
*
L
1
2 .
L 8] 8] F(l]
A ]
A [®]
7p} *
n " # 0 o,
™ A 4
A
A
* A E
A
A
A
LN &
A
-2 | a B
A
b d e et b “v,,%‘_”»!“_l,“L,,_NL‘_,‘L___
8 8.5 7 7.5 B
S

Figure 6.1: H/S versus S, showing a range in H/S and S: symbol stars represent cool EHe,

solid triangles majority class R CrB, * minority class R CrB, and open squares hot EHe

stars.

N: Nitrogen abundance relative to Fe is enhanced with respect to solar by approxi-
mately 1.2 dex. Most of the EHe stars studied so far also show [N/Fe] close to 0.9. The

majority class R CrB are known to share a common [N/Fe] of 1.7. The enhancement in
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nitrogen indicates that helium must have been produced from hydrogen burning by CNO
cycle. There is a strong correlation between N and Fe abundances in the present sample
of cool EHe stars as in the case of R CrB stars. As shown in Figure 6.2, these stars lie
approximately on the locus of the line corresponding to the complete conversion of the
sum of CNO nuclei to N for various metallicities (i.e., Fe abundance), which implies that
the carbon resulting from triple-o burning has not been further converted to N. The hot
EHe stars lie below this line implying the incomplete conversion of CNO nuclei to N. On
the contrary, R CrB stars lie above this line, indicating a complete conversion of CNO

nuclei to N and a further conversion of C from triple a to N in these stars.
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Figure 6.2: Abundance of N versus Fe: symbols stars represent cool Elle, solid triangles
majority class R CrB, and open squares hot EHe stars. The Sun is denoted by @. The
solid line represents the locus of the sum of initial C, N, O converted to N for various Fe

(metallicity) abundances. The dashed line represents conversion of the initial sum of C
and N to N.
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O: [O/Fe] is around 0.2 in LS IV -14° 109 and BD -1° 3438, while it is quite large in
FQ Aqr and LS IV ~1° 002. Oxygen abundance relative to Fe is like solar in LS IV —14°
109 and BD -1° 3438. A large dispersion in [O/Fe] is seen in these cool EHe stars, as in
the case of R CrB and hot EHe stars. FQ Aqr and LS IV ~1° 002 show high [O/Fe] ratios
like minority class R CrB stars. The large dispersion in [O/Fe] ratios could he the result

of variable dilution of ON cycles and alpha processed material, as suggested by Rao and
Lambert (1996).

Ne: Neon abundance relalive to Fe is enhanced with respect to solar. [Ne/Fe] for
our sample stars ranges from [.5 to 2.1. Ne is overabundant in all the EHe stars ana-
lyzed so far. Neon is normally produced by the simple a-capture, **O(a,y)®Ne. This
reaction is supposed to be ineffective during core helium burning. A second a-capture,
P Ne(a,y)* Mg during shell burning destroys the Ne nuclel. Neon can also be produced

in early stages of helium hurning by the reaction, M N(a, )18 F(6+1)80(a, v)* Ne.

Na: Sodium abundance relative to Fe is enhanced with respect to the solar value by
approximately 1 dex in the cool Ille stars presently studied, suggesting the synthesis of
Na. Na is possibly synthesized by the reaction 2Ne(p,7)**Na at the site of the ON cycle
at T &~ 3x107 K (Rao and Lambert 1996). Majority class R CrB stars also show an

enhancement roughly by the same amount as in these stars.
Mg: Relative to I'e, Mg is like solar for all the four programme stars.

Al: Relative to Fe, Alis like solar in FQ Aqr, BI) ~1° 3438 and LS IV -1° 002, while
in LS IV -14° 109 [Al/le] is 0.7. The enhancement in this star could be because of the
reaction 2> M g(p.7)?"Al. Majority R Cr3 stars show [Al/Fe] = 0.5 £ 0.3. Hot EHe stars

also show the relative Al abundance like solar.
Si, S and Ca: The R ('rI3 stars show a linear relation between the abundances of Si

and S relative to I'e with [Si/Fe] ~ [S/Fe] (Rao and Lambert 1996, Lambert et al. 1999).

As mentioned earlier the R CrB stars are divided into two groups, majority R CrB and
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Figure 6.3: [Si/Fe] versus [S/Fe] for cool EHe, majority and minority class R CrB and
hot EHe stars. The symbols are as in Figure 6.2 with addition for minority class R CrB

stars ().

minerity R CrB, according to their [Si/Fe] and [S/Fe] ratios. The majority R CtB stars
show [Si/Fe] ~ [S/Fe] ~ 0.6, while the minority R CrB stars show much higher [Si/Fe]
and [S/Fe] ratios (see Figure 6.3). Our sample of cool EHe stars have [S/Fe] of 0.840.2
and [Si/Fe] of 0.8840.2. Relative to Fe, Ca is like solar for all these stars, except for LS
IV -1° 002

P: [P/Fe] ranges from 0.3 to 0.9 for these stars. Relative to Fe, P is slightly enhanced
with respect to solar. Phosphorus can be produced from the a-capture 2" Al(a,y)*' P.

However, there is no evidence that there has been a sufficient production of *7 Al to seed

this process.

s-process elements: Very few lines of light s-process elements, like Sr, Y and Zr, and
heavy s-process elements, like Ba are present in our sample of cool EHe stars. FQ Aqr
and LS TV -14° 109 appear to show the abundances of both the light and heavy s-process

elements, relative to Fe similar to the solar value. Since the s-process elements show a
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large error of 0.6 dex in their abundances due to the uncertainty in the stellar parameters
used, it is difficult to be sure whether the s-process elements relative to Fe are really
enhanced with respect to solar or not. We have only one Ba II line for estimating the
abundance, and hence it is rather difficult to obtain accurate abundance ratio of light
s-process elements to heavy s-process elements in the four cool EHe stars considered. In
majority and minority class R CrB stars, the s-process elements are enriched relative to

Fe, the light s-elements being more enhanced than the heavy s-elements.

6.1.2 Comparison with R CrB stars and hot EHe stars

The mean abundance ratios [X/Fe] for the three groups, majority class R CrB stars, cool
EHe stars and hot EHe stars are given in the Table 6.1. In the case of R CrB stars, the
C/He is not determined accurately. Since the abundance ratios such as X/Fe (here X
excludes C and He) are not sensitive to the adopted C/He as explained in section 4.1, we
use these ratios for a comparative study. The abundances relative to Fe are given in Table
6.1. The abundance ratios in the majority class R CrB stars are taken from Lambert et
al. (1999) while those in the hot EHe stars are taken from Jeffery (1996, 1998), Jeffery et
al. (1998) and Drilling et al. (1998).

Table 6.1

Comparison of abundance ratios in R CrB stars, cool EHe stars and hot EHe stars

Element ratio majority R CrB stars® cool EHe stars’ EHe stars®

X/ ¥e]

IN/Fe] 1.7£0.3 1.2£0.1 0.9+0.3
[O/Fe] 0.4£0.6 0.9+0.8 0.3£0.7
[Na/Fe] 0.8£0.1 1.1+0.2

[Al/Te] 0.50.3 0.3£0.2 0.2:£0.4
[Si/Fe] 0.640.2 0.840.2 0.4£0.5
[S/Fe] 0.620.3 0.840.2 0.3+0.5
[Ca/Fe] 0.040.2 0.0£0.4 0.4£0.3

® Mean abundance ratios from Lambert et al. (j.gg_g’g)

b Mean abundance ratios from present study.

¢ Mean abundance ratios from Jeffery (1996), Jeffery (1998), Jeflery et al. (1998) and
Drilling et al. (1998).
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Hydrogen: If we compare the mean hydrogen abundance of each group-R CrB, cool
EHe and hot EHe stars-we find that hydrogen deficiency increases in the order of hot
EHe, cool EHe and R CrB stars, i.e., the hydrogen deficiency increases with decrease
in temperature. This could be understood as follows: To begin with, hydrogen is the
major constituent of the star, and the hydrogen deficiency is the result of its evolution.
Since hydrogen is consumed but never synthesized in the star, the degree of hydrogen
deficiency reflects its evolutionary status. This phenomenon is observed in Sakurai’s
object, which showed a continuous decrease in hydrogen abundance as it evolved towards
cooler temperatures (Asplund 1999). Mean hydrogen abundance is 6.3+0.9 for majority
class R CrB stars (a total of 13 stars), 6.340.5 for cool EHe stars (our sample) and
8.0+£0.5 for hot EHe stars (10 objects, Jeffery 1996; Jeffery 1998; Jeffery et al. 1998;
Drilling et al. 1998). We have excluded V652 Her, HD 144941, and the three hot R CrB
stars DY Cen, MV Sgr and V348 Sgr while averaging. There is a large scatter in the
hydrogen abundance from star to star within a group, but they seem to show a relation

with temperature, when mean hydrogen abundance as a group is considered (Figures 6.4
and 6.5).

Jarbon, nitrogen and oxygen: The carbon to helium ratio for R CrB stars, cool EHe
stars and hot EHe stars lies in the range of 0.3% to 1.0%. Since carbon is the major
source of continuum opacity for R CrB stars, we can not compare the carbon abundance
of these stars with cool EHe stars and hot EHe stars. But it is clear from the carbon
abundance that helium burning (triple ) has taken place in these stars.

The average value of [N/Fe] is 1.7£0.3, 1.3£0.1 and 0.9£0.3 for majority class R CrB,
cool EHe and hot EHe stars, respectively. Here the hot EHe stars refer to the 10 hot
EHe stars mentioned above. As the temperature decreases from hot EHe to cool EHe to
majority class R CrB stars, the nitrogen abundance relative to iron increases (see Figure
6.6). The abundance of nitrogen gives us a clue to the evolutionary status of these stars.
Enrichment of nitrogen is a result of nuclear processing and mixing. The nuclear processed
material is brought to the surface as a result of mixing (dredge-up). In the course of its
evolution the star dredges-up more and more nuclear processed material (here nitrogen)
to the surface at various stages of its evolution. From the trend observed in nitrogen

abundance relative to iron in these groups, we feel that the sequence of evolution is from
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Figure 6.4: H versus log Teyss for cool EHe, majority and minoroty class R CrB |, and hot
EHe stars. The symbols are as in Figure 6.3.
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hot EHe stars. The symbols are as in Figure 6.3.
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Figure 6.6: [N/Fe] versus log T.sf for cool EHe, majority class R CrB and hot EHe stars.
The symbols are as in Figure 6.2.

hot EHe to cool EHe and then to majority class R CrB stars. Schonberner (1996), and
Lambert (1996) had earlier suggested that the evolution is from cool to hot stars, but from
the behaviour of [N/Fe] ratios in these groups of stars, which shows a clear relationship
with temperature, it appears that as the star evolves it becomes cooler.

A large scaiter in the [O/Fe] ratios in the stars makes the ordering of these three groups

with respect to the oxygen abundance impossible.

Sodium and aluminium: The material which is severely exposed to hydrogen burning
results in the enrichment of Na and Al. Relative to Fe, Na is enriched in these objects:
[Na/Fe] is approximately 1.1 for cool EHe stars and 0.8 for majority class R CrB stars.
Abundance of Na is not available for hot EHe stars. The intrinsic scatter in [Na/Fe]
for cool EHe stars is ~ 0.2 dex (see Figure 6.7). Majority class R CrB stars also show
negligible intrinsic scatter in [Na/Fe] ratios. Average value of Na relative to Fe is enriched

approximately by the same amount in cool EHe and majority class R CrB stars. All the
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three groups show scatter in [Al/Fe] ratios. Relative to Fe, Al is enhanced approximately
by the same amount on an average in all the three groups. Na seems to be more enhanced

when compared with Al in all the three groups.
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Figure 6.7: [Si/Fe] versus [Na/Fe] for cool EHe, majority and minority class R CrBs and

hot EHe stars. The symbols are as in Figure 6.3.

Silicon, sulphur and calcium: It is evident from Figure 6.3 that the programme stars
also obey a linear relation between [Si/Fe] and [S/Fe], like majority class R CrB stars,
minority class R CrB stars and hot EHe stars. The programme stars are more similar to
majority class R CrB stars in [Si/Fe]x[S/Fe] ratios. FQ Aqr and LS IV -1° 002, being
low metallicity stars (low Fe abundance), have slightly higher [Si/Fe] and [S/Fe] ratios
when compared to majority class R CrB stars. The average value of [Si/Fe]=[S/Fe] is 0.4
for hot EHe stars, 0.6 for majority class R CrB stars and 0.8 for cool EHe stars. The cool
EHe stars and majority R CrB stars exhibit a small spread in the values of [Si/Fe] and
[S/Fe} about their respective averages, while the hot EHe stars show a large spread about

its average value. In FQ Aqr the abundance of Si is derived from strong and saturated
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Figure 6.8: [Si/Fe] versus [Ca/Fe] for cool EHe, majority and minority class R CrB and

hot EHe stars. The symbols are as in Figure 6.3.

lines of Si I, and hence is uncertain. [Ca/Fe] ratios in the stars studied are like those in
majority class R CrB. LS IV ~1° 002 is an exception to this. Here it may be noted that it
is more close to hot EHe stars in temperature. The [Ca/Fe] ratio, which is approximately
0.6, seen in this star is similar to that seen in hot EHe stars (Figure 6.8). [Ca/Fe] ratio
is larger in hot EHe stars when compared to that in cool EHe and majority class R CrB
stars. This implies that Ca is either enriched in hot EHe stars or it is depleted in R CrB
stars as a result of condensation on to dust grains. Ca abundance is estimated using
strong Ca IT A\ 8542, 8662 A lines. Since these lines lie on the flat part of the curve of

growth the uncertainty in the Ca abundance is more.
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s-process elements: The abundances of s-process elements are not available for hot
EHe stars. Out of the four cool EHe stars studied, FQ Aqr and LS IV -14° 109 show
abundances of s-process elements relative to Fe very similar to that of sun, indicating
that the photospheric material has not been exposed to s-processing. The abundances of
s-process elements in the other two stars, BD —1° 3438 and LS IV -1° 002, are uncertain
due to the lack of sufficient number of lines and the large errors involved in determining
the stellar parameters. Relative to Fe, s-process elements are enriched when compared
with the solar abundance in the case of majority class R CrB stars, implying the presence
of material exposed to s-process in their photospheres. Since majority class R CrB stars
show material exposed to s-processing while the cool EHe stars do not, the former might
be more evolved than the latter. From a consideration of the abundances of s-process

elements, we suggest that cool EHe stars (FQ Aqr and LS IV -14° 109) might evolve to
majority class R CrB stars.

6.1.3 Metallicity

[ron content of the star is an indicator of its metallicity. There is a likelyhood that iron
might have condensed on to dust grains at an earlier phase of evolution, thereby depleting
its initial photospheric iron abundance. Since a-nuclei (Mg, Si, S, Ca, etc.) also reflect
the metallicity approximately, we use sulphur abundance as the metallicity indicator as
it is least depleted (Lambert 1996). In carbon rich atmospheres the sulphur products
are few and lower in abundance when compared with the products of carbon, nitrogen,
silicon, etc., (Goeres 1996). Therefore, it is quite likely that sulphur is one of the least
depleted in carbon rich atmospheres.

Lambert et al. (1999) have determined the metallicity of R CrB stars from Fe/C ratio,
where C is the spectroscopic carbon abundance derived from C I lines. Since carbon is
produced in the star and iron could have been affected by the dust gas separation, Fe/C
might not give us the true metallicity of R CrB stars. Using sulphur abundance as the
metallicity indicator, majority class R CrB stars show metallicity [Z(S)], in the range ~1.0
to 0.47. The metallicities [Z(S)] for FQ Aqr, LS IV ~14° 109, BD -1° 3438 and LS IV -1°
002 are —1.13, 0.37, -0.33 and -0.53, respectively. For hot EHe stars metallicity [Z(S)] lies
in the range -0.63 to 0.57. We find a continuity in range in the metallicity for majority
class R CrB , cool EHe and hot EHe stars.
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6.1.4 The “carbon problem”

In the case of R CrB stars it is found that the abundances derived from the C I line
strengths are far below (by 0.62 dex) the input abundance used in the mode] atmospheres.
[f we use a model atmosphere of input abundance of carbon as 9.5 dex, the carbon
abundance derived from C I line strengths tums out to be about 8.9 dex. If one uses a
model atmosphere of input abundarice of carbon as 8.9 dex, the C I line strengths still
return an abundance which is about 0.6 dex lower than the input abundance of carbon,

i.e, 83 dex. This difference is defined as “carbon problem” (Gustafsson and Asplund
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Figure 6.9: A C (Cinput-Coutput ) versus Tess for R CrB and cool EHe stars.
1996; Gustafsson 1997; Lambert et al. 1999). The “carbon problem” has been nagging

148



the R CrB investigators for quite sometime. In our cool EHe stars we find that the “carbon
problem”, though exists, is not as severe as in the case of R CrB stars. The strength of
C I lines in FQ Aqr and LS IV -14° 109 give carbon abundance of 9.2 and 9.3, respectively
(Tables 4.6 and 4.7), for an input carbon abundance of 9.5, which translates to a “carbon
problem” of 0.3 to 0.2 dex. For BD -1° 3438 and LS IV -1° 002 we do not find any
“carbon problem” because the equivalent widths of carbon lines (C [ and C II) give the
same abundance as the input used for the model atmosphere. The difference between the
input and output carbon abundances, AC, is plotted against the temperature in Figure
6.9. It can be seen that AC, which is significantly large at lower temperatures, decreases
with increase in temperature, and hence the magnitude of the “problem” is reduced at
higher temperatures. This behaviour can be interpreted in terms of the role played by
carbon, which is the major source of continuum opacity at the cool end.

Lambert et al. (1999) explain the “carbon problem” in terms of underestimation of the
measured equivalent widths, errors in atomic data for C I, and photoionization of C I not
being the dominant contributor to the continuous opacity. In the present work we have
estimated the contributions to the continuum opacity from various sources (C I, He I,
e”, He™ and N I) at different temperatures (see section 4.2 and 4.3 and Figures 4.1, 4.2
and 4.3). We find that the dominant source of continuum opacity changes from C I to e~
to He I, as we go from the cool to the hot end. The discrepancy between the input and
output carbon abundance is more severe at the cool end. Thus it appears that the “carbon
problem” is related to the role of C I as the major source of continuum opacity. In model
atmospheres which are hotter than R CrB stars (>8000 K) continuum opacity due to e”
dominates over C I. Probably, the change in the dominant source of continuum opacity
from C I to e™ as the temperature increases results in reducing the “problem”. Lambert et
al. (1999) argue that the “carbon problem” is due to the atmospheric structure adopted
m the model atmospheres.

Rao et al. (1999) have found that “carbon problem” is 0.3 dex when R CrB was
observed on 1995 Sep 30, just before a light decline. A value of 0.3 dex is considered to
be a “carbon problem” of low magnitude. They also find that the abundance of other
elements derived from the 1995 Sep 30 spectra of R, CrB are consistently higher than that
derived at other times by about 0.3 to 0.5 dex. They attribute this difference in chemical
composition, to the atmospheric disturbance that subsequently initiated the decline. The

problem could also be in the model atmospheres used because the atmospheric disturbance
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that subsequently initiated the decline is not taken into account while constructing these

models.

6.1.5 Evolutionary aspects

The discussion on abundances and their interpretation are mainly based on the various
processes which may have been responsible in producing the observed chemical composi-
tion of these stars. It is clear that these stars are in the late stages of evolution and the

observed abundances appear to have been affected by nucleosynthesis taking place in the

course of their evolution.

Evolutionary scenarios

The two scenarios, FF and DD, proposed for the origin of R CrB and EHe stars are
described in section 1.5.1 and 1.5.2. We have also discussed the pros and cons of these two
scenarios when the predictions based on these models are compared with the observations.
A direct comparison of observed abundances in the case of cool EHe stars is not possible
because of the lack of detailed prediction of abundances resulting from these two scenarios.

DD scenario explains the high He and N abundances, but fails to account for the
observed H and (! abundances. Lambert et al. (1999) speculate that the rp-process might
synthesize the intermediate mass elements Na - S. In that case Mg and Ca should also be
produced in significant amounts, but the observed Mg/Fe and Ca/Fe ratios are like solar
for the cool Elle stars. The merging of an He white dwarf and a C-O white dwarf also
may initiate repeated a-captures producing significant amounts of #Si and S (Lambert
et al. 1999).

FF scenario successfully accounts for the observed H, C, N and He abundances, but it
is not able to explain the non-solar Si/Fe and S/Fe ratios for cool EHe stars. The high
S/Fe ratio could be explained in terms of dust-gas separation but the high Si/Fe ratio
cannot be explained by this chemical process. For cool EHe stars the derived C/He is
0.3% to 1% by number, much lower than that of C/He ~ 5% to 10% predicted by the FF
scenario (Schonberner 1996; Iben and MacDonald 1995). Recent calculations by Herwig
et al. (1999) show the resulting surface mass fraction C/He to be ~ 1. These calculations

are in agreement with the surface abundance pattern observed in [WC] and PG 1159
stars.
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It is clear from the above discussion that it is difficult to pinpoint whether cool EHe
stars are the outcome of DD scenario or FF scenario. Since the FF scenario can eventually
produce hydrogen-deficient stars with surface composition of C/He ~ 1 by mass (Herwig
et al. 1999), one would expect to see objects having a surface composition of C/He
0.01 at an intermediate stage after the final helium shell flash has taken place. Such
hydrogen-deficient stars with C/He ~ 0.0l would appear to be similar to R CrB/EHe

stars in their surface composition. It could be possible that R CrB/EHe stars ultimately
evolve to [WC] and PG 1159 stars.

Comparison with halo stars

For BD —1° 3438, the a-elements and iron peak elements are consistent with the composi-
tion of disk and halo dwarfs with [Fe] = -0.8. For FQ Aqr, LS IV -14° 109 and LS IV -1°
002, the [Si/Fe] and [S/Fe] ratios are high when compared with disk and halo dwarfs for
their metallicities (McWilliam 1997). The radial velocities of our cool EHe stars, which
we have determined using Fe 1, lines are listed in Table 4.1. These velocities are much

lower than those ofl R CrB stars and hot EHe stars.

Evolutionary link

In the log g-log T.ss diagram our sample EHe stars are located along a band bounded
by the loci of constant log(L/M) values of about 3.75 and 4.5, similar to R C1B and hot
EHe stars. In Figure 6.10, which shows the log g-log Tis; diagram, symbol stars indicate
the cool EHe stars, open squares the hot EHe stars, aud filled triangles the R CrB stars.
Solid lines in Figure 6.10 show the hydrogen and helium main-sequences, the horizontal
branch and the Eddington limit for pure Thomson scattering in a helium atmosphere.
Broken lines show the loci of stars with log L/M values of 3.75 and 4.5.

From the observed dependence of hydrogen abundance, nitrogen abundance relative to
Fe and abundance of s-process elements relative to Fe on temperature, we have already
mentioned that there is a clear indication of an evolution from hot EHe to cool EHe to
majority class R CrB stars. In the log g-log Tes; diagram (Figure 6.10), we find that
the hot EHe stars, cool EHe stars and majority class R CrB stars form a near-continuous

sequence indicating a possible evolutionary link between them.
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Figure 6.10: log g-log Tess diagram for cool EHe, R CrB and hot EHe stars. The sym-
bols are as in Figure 6.2. Solid lines show the hydrogen and helium main-sequences,
the horizontal branch and the Eddington limit for pure Thomson scattering in a heliun

atmosphere. Broken lines show the loci of stars with the given log L/M.

6.2 MYV Sgr

The double-peaked FelIl (and other) emission lines suggest that the emitting gas in MV
Sgr is confined either to a rotating envelope or to a bipolar flow. In both models the more

excited lines are presumed to come from the inner regions closest to the star where the
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rotation velocities or the wind velocities are the highest. Keplerian motion about MV Sgr
seems a feasible explanation for the velocity separation of the emission lines, red and blue
components. The expected Keplerian velocities are v (km s™!) ~ 120R;%° where Ry, is the
distance from the stellar center expressed in stellar radii. We estimate the stellar radius
to be R. ~ 13Rg from the assumptions that My, =~ —5 and T;; > 15000K. A circular
velocity of £30 km s™*, as indicated by the displacement of the blue and red peaks, is
attained at R ~ 15R,. The observed separation includes an unknown projection factor,
so Ry < 15R, is suggested. This gas is well inside the dusty region (Rgu ~ 40R., Walker
1985) responsible for the infrared emission characterized by a 1600 K blackbody. The
fact that the strong emission lines appear doubled suggests that the emitting gas is in a
flattened system if the line splitting is due to rotation. In turn, this may suggest that
there is a preferred direction for the gas outflow from the star.

In considering alternatives to the rotating envelope, the two peaks (optically thin) of
the emission profiles could simply imply (indicate) flows in two directions, towards ancd
away from the observer irrespective of the presence of the dust-disk (or torus) as long as
the projected size of the dust-disk is small compared to the resulting flow size. The high
excitation lines (e.g., Hel) may sample the inner volume between the star and the disk,
and the receding gas on the ‘far’ side of the disk may be visible. This will account for
the larger widths of these lines. The blue-shifted absorption in the Hel and CII lines
is probably formed close to the star where the wind is fastest. This model in which one
component of the dust, presumably the warmer component (T = 1600 K), is concentrated
into a disk implies a preferred direction for the ejection of gas and dust. The colder dust

may be more spherically distributed.
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Chapter 7

Conclusions and future prospects

7.1 Cool EHe stars

Investigations of EHe stars in the disc of the Galaxy by several authors have revealed
the existence of a small group of cool objects among them. Preliminary analysis existing
in the literature have indicated that these stars might be transition objects which might
evolve either to R CrB or to hot EHe stars. In the present investigation, we have obtained
high resolution, high signal-to-noise ratio spectra of four hydrogen-deficient stars classified
as EHe stars. These stars, which have effective temperatures in the range 8000 K to 13000
K, are hotter than R CrB stars but cooler among the EHe stars. The spectra of these stars
are characterized by neutral carbon lines, singly ionized carbon lines, neutral helium lines,
and of course weak, or absent Balmer lines. We have carried out a detailed abundance
analysis which provides us with clues to establish the kinship of these cool EHe stars with
R CrB stars and hot EHe stars.

The continuum opacity, directly or indirectly, in all the normal stars is controlled by
hydrogen, which is not the case for hydrogen-deficient stars. Therefore, it becomes very
important to identify the dominant sources of continuum opacity to derive meaningful
elemental abundances in cool EHe stars. He and C being the most abundant elements in
the atmospheres of these stars contribute significantly to the continuum opacity. Earlier
investigations have shown that photoionization of C I is the major source of continuum
opacity in the temperature domain of R CrB stars. In our analysis of cool EHe stars, we

have shown that C Iis still the major source of continuum opacity at the cool end (8000
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K to 10000 K) and He I at the hot end (12000 K to 14000 K) by two independent ways:
(1) by calculating the individual sources of continuum opacity as a function of optical
depth (7) in the temperature domain of these stars, and (ii) by a study of the predicted
equivalent widths of C I, C II and He I lines using model atmospheres across a grid of
Tess,log g and C/He in the temperature range of these stars. We find that the predicted
equivalent widths of C I and C II lines are independent of C/He at the cool end while
the predicted equivalent widths of He I lines are independent of C/He at the hot end.
We have interpreted such a behavior in terms of the changes in the dominant source of
continuum opacity with temperature.

We find that the dominant sources of continuum opacity at the cool end (FQ Aqr and
LS IV -14° 109) are the photoionization of neutral carbon and electron scattering. Most
of the carbon is in singly ionized state and contributes 50% of the total free electrons. A
superposition of the spectra of V3795 Sgr (R CrB type, T.sr = 8000 K), FQ Aqr (cool EHe
star) and LS IV ~14° 109 (cool EHe star) shows that the C I lines (A) 5817.7, 5864.95 A )
have approximately the same strength in all these stars. This implies that the continuous
opacity in the line-forming regions of FQ Aqr and LS IV -14° 109 is dominated by the
photoionization of C I, making the C I line strength insensitive to carbon abundance. At
the hot end (for BD -1° 3438 and LS IV -1° 002) photolonization of neutral helium is the
major source of continuum opacity.

The spectroscopic determination of carbon to helium ratio for cool EHe stars is essential
in the context of their evolutionary status and in the estimation of continuum opacity due
to ' I and He I. Our observations of EHe stars with a fairly wide range in temperature
(8000 K to 14000 K) have helped us in understanding the importance of the dominant
role played by continuous opacity due to carbon and electrons at the cool end, and due to
helium at the hot end. Our study has shown how the sources of continuum opacity vary
across the temperature range. C [ being the minor source of continuum opacity at the hot
end, equivalent widths of C I and C II lines could be used to derive unambiguously the
carbon content of the star. At the cool end C I is the major source of continuum opacity
and He I lines give us an estimate of He/C and hence the carbon abundance. In principle
one could estimate C/He of EHe stars in the temperature range 8500 K to 10000 K, from
the equivalent widths of C I lines, if they have C/He < 1%. We find that for stars in the
temperature range 8500 K to 10000 K, it is not possible to estimate the C/He from the
equivalent widths of C I lines if C/He > 1%. The C/He determined for most of these
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stars from carbon and helium lines lies in the range of 0.3% to 1.0%.

We have determined the parameters Teyf, log g and £ of these stars. From our analysis
of cool EHe stars, we find that these stars are similar to R CrB stars and hot EHe stars
in their photospheric abundances. These stars when plotted in the log g — log T.s; plane
fall between the loci of constant log(L./M) of 3.7 and 4.5, similar to R CrB and hot EHe
stars.

The “carbon problem” has been nagging the R CrB investigators for quite sometime.
They find that the abundances derived from the C I line strengths are far below (by 0.62
dex) the input abundance used in the model atmospheres. In our cool EHe stars, we find
that the “carbon problem” definitely exists, but it is not as severe as in the case of R CrB
stars. FQ Aqr and LS IV ~14° 109 give carbon abundance of 9.2 and 9.3, respectively,
which translates to a “carbon problem” of 0.25 to 0.3 dex. For BD ~1° 3438 and LS IV
~1° 002 we do not find any “carbon problem” because the equivalent widths of carbon
lines (C I and C II) give the same abundance as the input used for the model atmosphere.
We have shown that the magnitude of “carbon problem” reduces as we go from the cool
end to hot end.

Iron content of a star is an indicator of its metallicity. There is a possibility that
iron might have condensed on to dust grains, resulting in artificially reducing the iron
abundance. Since a-nuclei (Mg, Si, S, Ca, etc.) also reflect the metallicity approximately,
we use the abundance of sulphur, which is probably one of the least depleted as the
metallicity inclicator. The metallicities [Z(S)] for FQ Aqr, LS IV -14° 109, BD ~1° 3438
and LS IV -1° 002 are —1.13, 0.37, —0.33 and —0.53, respectively. For cool EHe stars the
metallicity [Z(S)] lies in the range —1.1 to 0.37 and for hot EHe stars it lies in the range
~0.63 to 0.57.

Cool EHe stars obey a linear relation between [Si/Fe] and [S/Fe], like majority class
R CrB stars, minority class R CrB stars and Ele stars. These stars in [Si/Fe]~[S/Fe]
ratios, are like majority class R CrB stars.

If we compare the mean hydrogen abundance of stars of each group, R CrB , cool
EHe and hot EHe stars, we find that hydrogen deficiency increases in the order of hot
EHe, cool EHe and R CrB stars, i.e., the hydrogen deficiency increases with decreasing
temperature. Since hydrogen is consumed but never synthesized in a star, the amount of
hydrogen deficiency reflects its evolutionary status.

The average values of [N/Fe] are 1.740.3, 1.3£0.1 and 0.9+0.3 for majority class
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R CrB, cool EHe and hot EHe satrs, respectively. As the temperature decreases from hot
EHe to cool EHe to majority class R CrB stars, the nitrogen abundance relative to iron
apparently increases. The abundance of nitrogen gives us a clue to the evolutionary status
of these stars. Enrichment of nitrogen is a result of nuclear processing and mixing. The
nuclear processed material is brought to the surface as a result of mixing (dredge-up). In
the course of its evolution the star dredges-up more and more nuclear processed material
(here nitrogen) to the surface at various stages of its evolution. From the trend observed
in the nitrogen abundance relative to iron for these groups, the evolutionary sequence
appears to be from hot EHe to cool EHe and then to majority class R CrB stars.

The abundances of s-process elements are not available for hot EHe stars. Out of the
four cool EHe stars studied, FQ Aqr and LS IV —14° 109 show abundance of s-process
elements relative to Fe, like solar. The abundances of s-process elements in the other two
stars, BD -1° 3433 and LS IV -1° 002, are not well-determined due to the uncertainity in
the stellar parameters derived. Relative to Fe, s-process elements are enriched compared
to solar in the case of majority class R CrB stars. Looking at the abundances of s-process
elements, we suggest. that the cool IiHe stars, FQ Aqr and LS IV --14° 109 might evolve
to majority class R Crl3 stars. Since majority class R CrB stars show material exposed
to s-processing they might be more evolved than cool Elle stars.

The main conclusion of our study is that there are similarities in the observational
properties and continuity in the abundance pattern among the three groups of objects;
RCr B, cool Elle and hot Elle stars, indicating a continuous evolutionary sequence.
Based on the derived abundances in particular the hydrogen abundance, [N/Fe| ratios,
abundances of s-process elements, and the location of these stars on log g-log T,y diagram,

we suggest that the evolution is in the direction hot EHe stars—cool EHe stars—majority
class R CrB stars.

7.2 MV Sgr

The radial velocity measured by us from the photospheric absorption lines agree with the
earlier measurements suggesting that the radial velocity of MV Sgr is nearly constant: if
it pulsates, it does so with a small amplitiude; if it is a spectroscopic binary, the velocity

amplitude of the visible star is small.

The emission line spectrum shows MV Sgr supports a wind: the Hel lines show blue-
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shifted absorption at an expansion velocity of about 80 km s~!. The line profiles of
other lines from strong Fell lines to weaker forbidden lines are centred on the stellar
velocity with a width that is an increasing function of excitation potential. We tentatively
associate the emission lines with two flows, towards and away from the observer. We
cannot exclude the possibility that the emitting gas is concentrated in a rotating (dust-
free) torus; measurements of polarization will be helpful in refining the model.

A novel result of our study is the detection of the Lil resonance feature at 6707 A in
emission. We infer an abundance ratio Li/Ca using the Lil 6707 A and the Cal 6752
A intercombination line. If, as the Fel and Fell lines suggest, the excitation is quasi-
thermal, we find a value of —4.2 for log N(LiI)/N(Cal), and the similarity of ionization
potentials suggests that this is also the elemental ratio log N(Li)/N(Ca). If the star’s
calcium abundance is solar, we find log Li = 2.1 on the usual scale. Since all stars prior
to the onset of He core burning destroy or dilute the Li in their outer envelopes to a level
well below this abundance (log Li ~ ~1 to 1, Brown et al. 1989), it appears that MV
Sgr was able to resynthesize Li. Lithium production is observed and predicted to occur
in the envelopes of intermediate mass stars at high luminosities on the asymptotic giant
branch (cf. Sackmann and Boothroyd 1992; Smith et al. 1995). The raw material for
Li production is the 3He synthesized on the main sequence; since the initial step of *He
production from hydrogen is controlled by a very slow weak reaction, the main sequence
phase for low mass stars seems to be the sole practical site for *He synthesis. In principle,
3He may be processed to "Li at other sites and other stages of evolution; for example,
Podsiadlowski, Cannon and Rees (1995) suggest "Li production to occur in a Thorne-
Zytkow object, a red giant with a neutron star as its core. We infer that MV Sgr has
evolved from an intermediate mass AGB star and possibly the Li was produced in the
final He thermal flash after the star had left the AGB to enter the white dwarf cooling
track.

The abundance analysis by Jeffery et al. (1988) suggests that N is more abundant than
C, a situation different from other hot hydrogen deficient stars. The super Li rich AGB
stars observed by Smith and Lambert in LMC are of high luminosities (Mpo ~ —6.5)
and show N to be more abundant than C. This has been interpreted as a consequence of
C from the helium burning being further processed by CNO cycles to N (Sackmann and
Boothroyd 1992). If such a star evolves to hotter regions and becomes hydrogen deficient
it probably would show abundances similar to MV Sgr.
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Lithium is not an unknown ingredient of R CrBs. Lambert and Rao (1994) report
lithium to be present and with an abundance similar to that inferred for MV Sgr in 4 out
of a sample of 18 stars. Lithium is also found in 1 out of § Hydrogen deficient cool carbon
stars (Warner 1967). Of course, lithium will not be detectable in hot R CrBs unless these

stars also possess cooler absorbing/emitting regions, as is the case for MV Sgr.

7.3 Future prospects

The present analysis does not allow us to either explain the cause of hydrogen deficiency, or
provide a clear evolutionary link between R CrB stars and EHe stars. There are definite
indications of an evolutionary link. Further studies of a larger sample are required to
pinpoint the evolutionary status of these objects and order them sequentially. There are
only six known cool EHe stars, which were the result of several surveys. These surveys
have covered mainly the disc of the Galaxy. For a larger sample, it is necessary to conduct,
an extensive survey of other regions of the Galaxy to look for cool EHe stars.

An enhancement of s-process elements in a star is an indication that it has gone through
the Asymptotic Giant Branch phase of evolution and has experienced the third dredge-
up. The temperaiures of our stars fall in the range 8000 K to 14000 K. The s-process
elements in this temperature range will be mostly in second and third ionization states.
The lines of s-process elements in these ionization states would be strong even for solar
composition and would appear in ultraviolet wavelengths. Hence, an extensive analysis
of high-resolution ultraviolet and optical spectra of a large sample of EHe stars, including
the candidates used in the present study, would be highly desirable. Our analysis of EHe
stars shows that it is possible to determine Sr, Y, Zr, and Ba abundances from the optical
spectra of cool Llle stars, that is for Te;y < 12000 K. Our analysis eventually provides St —
Ba abundances only for a few stars - a sample too small to clearly establish an evolutionary
link and continuity in the abundances of s-process elements between R CrB and EHe stars.
We have predicted the equivalent widths of some strong Y III (2327.3 and 2414.6 A) and
Zr 111 (1937.2, 1940.2, and 1941.1 A) lines for EHe stars. The computed equivalent widths
of these lines are quite large for solar abundances relative to Fe. An underabundance of ¥
and Zr is not shown by cool EHe and R CrB stars and an underabundance of these in hot
EHe stars would be a surprising result. High resolution (A/AX ~ 30,000) UV spectra for

EHe stars using HST, could provide the Y and Zr abundances from the lines mentioned
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above for EHe stars with effective temperatures 9000 < T,y < 20000 K. There are many
Fe IT and Fe IIT lines in the region, especially around the Zr IIT lines. These will provide a
check on the optical Fe abundances. Our predicted equivalent widths of Y III and Zr II1,
and also the synthetic spectra show that these lines can be detected in the spectra of
EHe stars unless the Y and Zr are greatly underabundant relative to the Fe abundance
determined from optical spectra.

Of the many questions unanswered by our study of MV Sgr, we expect to answer a few
by extending high resolution spectroscopy across the visible spectrum and beyond. High
S/N spectra will surely reveal additional details about the line profiles. Spectra in the
blue may show lines of heavy clements which should be enhanced if MV Sgr has evolved
from an AGB star. The lighter elements, say Ge-Mo, should be severely enhanced if MV
Sgrisa Thorne-Zytkow object {Biehle 1991, 1994; Canuon 1993).
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